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Stars are social animals, like humans. Indeed, they are mostly found in
groups, called star clusters. Since star formation is a collective process and
a group of stars forms together from the same molecular cloud, star clusters
are firstly nursery for stellar objects. Moreover, once formed, stars interact
gravitationally with each other, hence a star cluster is the smallest grav-
itational entity where we can study stellar dynamics. On a bigger scale,
star clusters are bricks of galaxies, therefore understanding how their for-
mation and evolution work is of fundamental relevance for various field
of research in astrophysics. However, the detailed transition from dense
gaseous cloud to star cluster is still an open question with a lot of partial an-
swers and observations tell us that ‘star cluster’ is a broad term which com-
prises completely different objects, such as globular clusters, open clusters,
associations, young star cluster, nuclear star cluster, which differ in terms
of number, masses, ages, sizes and therefore densities, stellar populations
and distribution. Every subcategory presents unique features, which wait
to be explained. Moreover, an eventual connection between all these forms
of star clusters or the determination of the conditions under which one
type or another forms, are still missing.
In this thesis, I focus on two big open questions. First I study the for-
mation and emergence of a star cluster from its parent cloud. Using ra-
diation hydrodynamical simulations, I analyse the collapse and dispersal
of the cloud due to the photoionising radiation emitted by the newborn
stars. We want to understand how feedback affects the structure and dy-
namical status of the young cluster. The results suggest that photoioni-
sation is very effective in disrupting the cloud and producing a gas-free
collection of stars. Feedback has a huge impact on the star cluster char-
acteristics, reducing the stellar density and hence allowing the formation
of structures in virial equilibrium. Without feedback, the high values of
density reached increases the frequency and strength of close encounters
between stars, which cause a progressive disruption of the cluster. Feed-
back is also responsible for stopping accretion onto massive stars. Survival
of substructures and the extent of mass segregation are found to be higher
in the model with the strongest feedback, which compares positively with
observations. Multiple systems of stars and the number of high-velocity
escapers also exhibit a dependence with feedback, which provides an in-
teresting check for simulations on galactic scale.
The second topic of research looks at the interaction between already
formed gas-free globular clusters as an explanation of their multiple popu-
lations and rotation. Using N-body simulations, I study whether merging
of star clusters could explain these two characteristics in the specific case of
iron-complex globular clusters. Iron-complex globular clusters exhibit both
large star-to-star light elements abundance variations and, surprisingly,
also Fe abundance variations. The globular clusters within this category
show some unusual aspects in the metal-rich/metal-poor number ratio
and relative concentration, not explained by the existing self-enrichment
models for multiple populations. Moreover, rotation has been observed in
several globular clusters, but there is not yet a general consensus for its ori-
gin. The key parameters explored are the initial mass and density ratio of
the progenitors. The results indicate that the relative concentration of the
two progenitors in the final merger output strongly depends on these two
parameters. In particular, when the progenitors have similar initial densi-
ties, the more massive progenitor dominates the central part of the merger
remnant and the less massive progenitor forms an extended population.
To be more centrally concentrated, the low mass progenitor needs an ini-
tial density higher by roughly the mass ratio. The merger remnants show
solid body rotation in the inner parts, becoming differential in the outer
parts. Rotation velocity and ellipticity show agreement with models for
oblate rotators with isotropic dispersion. The density ratio is found to have
an impact on the rotation profile of the remnant in case of unequal mass
mergers. This signature is a useful observational test for this model.
Zusammenfassung
Sterne könnten in gewissem Sinne als soziale Tiere betrachtet werden,
wie Menschen auch. In der Tat treten Sterne zumeist in Ansammlun-
gen auf, auch Sternhaufen genannt. Da die Sternentstehung im Grunde
ein kollektiver Prozess ist und eine Ansammlung von Sternen zusam-
men aus der selben Molekülwolke entsteht, sind Sternhaufen als Erstes
Kinderstube für stellare Objekte. Ausserdem interagieren Sterne, sobald
enstanden, untereinander durch Gravitation, daher ist ein Sternhaufen die
kleinste Struktur, in der es möglich ist, die Dynamik der Sterne zu un-
tersuchen. Auf grsserem Massstab knnen Sternhaufen als Bausteine von
Galaxien betrachten werden, deshalb ist das VerstŁndnis ihrer Entste-
hung und Entwicklung für viele Forschungsfelder in der Astrophysik von
grundsätzlicher Bedeutung. Jedoch ist der genaue Übergang von einer
dichten Gaswolke zum Sternhaufen immer noch eine offene Frage mit
vielen Teilantworten, und Beobachtungen zeigen, dass der Begriff “Stern-
haufen” breit definiert ist, der so verschiede Objekte beinhaltet wie Kugel-
sternhaufen, Offene Sternhaufen, Sternassoziationen, Junge Sternhaufen,
oder Kernsternhaufen, welche sich in ihrer Anzahl, Masse, Alter, Grösse
und damit Dichte, Sternpopulation und Verteilung unterscheiden. Jede
dieser Unterkategorien zeigt eindeutige Charakteristiken, welche darauf
warten erklärt zu werden. Desweiteren ist eine etwaige Verbindung zwis-
chen diesen Formen von Sternhaufen und die Ermittlung von Vorausset-
zungen für ihre Entstehung immer noch ungeklärt.
In dieser Doktorarbeit adressiere ich zwei grosse offene Fragen dieses
Gebietes. Zuerst wende ich mich der Untersuchung von Entstehung und
Hervortreten von Sternhaufen aus ihrer Molekülwolke zu. Mit Hilfe von
Strahlungs-Hydrodynamiksimulationen analysiere ich Kollaps und Aus-
breitung der Wolke durch von neugeborenen Sternen emittierte photoion-
isierende Strahlung. Das Interesse liegt hierbei in der Bestimmung, wie
jene Rückkopplung Struktur und Dynamik des Jungen Sternhaufens bee-
influsst. Meine Resultate zeigen, dass Photoionisation sehr effektiv darin
ist, die Wolke zu zerreissen und eine gaslose Ansammlung von Sternen zu
erzeugen. Die Rückkopplung hat grosse Auswirkung auf die Charakter-
istik von Sternhaufen, wobei die Sterndichte reduziert wird und dadurch
die Entstehung von Strukturen in virialem Gleichgewicht erlaubt. Ohne
diese Rückkopplung erhöht sich durch die hohe Dichte die Häufigkeit
und Stärke von Nahbegegnungen zwischen Sternen, was eine fortlaufende
Zerstörung des Haufens bewirkt. Rückkopplung ist auch für das Aufhal-
ten von massiver Sternakkretion verantwortlich. Die Überlebensrate von
Substrukturen und das Ausmass der Massentrennung zeigen sich höher
im Fall, dass die Rückkopplung am stärksten ist, was sich mit den
Observations-Ergebnissen deckt. Vielfach-Sternsysteme und die Anzahl an
schnell-entkommenden Sternen zeigen auch eine Abhängigkeit von der
Rückkopplung, was eine gute Möglichkeit zur Überprüfung von Simula-
tionen auf galaktischem Massstab darstellt.
Die zweite Forschungsfrage dreht sich um die Interaktion zwischen
schon entstandenen gaslosen Sternhaufen und Unterscheidungskriterien
von Kugelsternhaufen, nämlich Vielfach-Populationen und Rotation. Mit
Hilfe von N-Körper-Simulationen untersuche ich, ob die Verschmelzung
von Sternhaufen diese beiden Charakteristiken im speziellen Fall von
Eisen-komplexen Kugelsternhaufen erklären könnte. Eisen-komplexe Kugel-
sternhaufen sind Objekte mit grossen Variationen der Menge sowohl
an leichten Elementen als auch von Fe. Kugelsternhaufen dieser Kat-
egorie zeigen unübliche Anzeichen vom Verhältnis Metall-reiche zu
Metall-arme Sterne und von ihrer relativen Konzentration, welche nicht
durch das Selbstanreicherungs-Modell von Vielfach-Populationen erklärt
werden können. Ausserdem wurde in einigen Kugelsternhaufen eine
Rotation beobachtet, für deren dynamischen Ursprungsmechanismus
noch keine Einigkeit besteht. Die Hauptparameter der vorliegenden Un-
tersuchung sind die initiale Masse und Dichteverhältnis der beiden
Vorgänger. Die Ergebnisse deuten darauf, dass die relative Konzentration
der Vorgänger im Ergebnis der Verschmelzung stark von diesen zwei Pa-
rametern abhängt. Insbesondere wenn die Vorgänger ähnliche Anfangs-
dichten haben, wird der massivere der Beiden den zentralen Teil des Ver-
schmelzungsrestes dominieren und der Andere eine ausgebreitete Popula-
tion darstellen. Um auch zentraler konzentriert zu sein, muss der kleinere
Vorgänger genenüber dem grösseren eine ungefähr dem umgekehrten
Massenverhältnis entsprechendes Dichteverhältnis haben. Die Überbleib-
sel der Verschmelzung weisen in der inneren Region starre Rotation
auf, in der äusseren hingegen differenzielle Rotation. Die Rotations-
geschwindigkeit und die Elliptizität sind in Übereinstimmung mit Mod-
ellen von abgeflachten Rotatoren mit isotroper Dispersion. Das Dichtev-
erhältnis hat offenbar Einfluss auf das Rotationsprofil im Überbleibsel,
wenn die Massen ungleich sind. Diese Signatur könnte einen nützlichen
Test dieses Modelles durch Beobachtungen darstellen.
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This thesis is the fruit of the achievements, failures and experience gath-
ered during my PhD. The result is part of a dazzling story, whose origins
are lost in the past.
This journey started very early in the morning, on a raft, on the shore
of an unknown island, probably close to Gibraltar. With the eyes to the
sky, a legendary hero (or maybe just a common man) was trying to search
for some reference point to come back home. From there, centuries of eyes
starring at the sky, studied the same stars and discovered that these are
much more numerous than initially thought, and that they cluster together.
The pursuit of knowledge has the terrible characteristics of being never
enough, and therefore star clusters were found to be more than a thou-
sand, distinguished in different categories, characterised by disparate ages,
structures, or colours. All this amount of information and doubts claim for
an explanation, which will bring us to explore the theory behind the for-
mation of these objects and the study of their dynamics.
The scientific research is affected by something I would call “negative
question-capacity” (in analogy with another negative capacity typical of
gravitational systems, how it will be clear in Chapter 4), which means that
for the number of questions which find an answer, always new questions
pop-up. Therefore, the theoretical framework described, explains many
properties of the star clusters and at the same time still leaves tons of
doubts about them.
Much of the life of a star cluster is indeed secret, meaning we do not
really see what they are doing live. We have just a collection of pictures
and from there we reconstruct what happened in the moments (or million
years) before the picture was taken. Our story will end trying to describe
two secret moments, which are the birth of a new cluster and interaction
between two of them. This will hopefully serve to solve some doubts and






γηθόσυνος δ’οὔρῳ πέτασ’ ἱστία δῖος ᾿Οδυσσεύς.
αὐτὰρ ὁ πηδαλίῳ ἰθύνετο τεχνηέντως
ἥμενος· οὐδέ οἱ ὕπνος ἑπὶ βλεφάροισιν ἔπιπτε
Πληϊάδας τ’ ἐσοπῶντι καὶ ὀψὲ δύοντα Βοώτην
῎Αρκτον θ’, ἣν καὶ ἄμαξαν ἐπίκλησιν καλέουσιν,
ἥ τ’ αὐτοῦ στρέφεται καί τ’ ᾿Ωρίωνα δοκεύει,
οἴη δ’ ἄμμορός ἐστι λοετρῶν ᾿Ωκεανοῖο·
τὴν γὰρ δή μιν ἄνωγε Καλυψώ, δῖα θεάων,
ποντοπορευέμεναι ἐπ’ ἀριστερὰ χειρὸς ἔχοντα.
Homer, Odyssey, V Book, vv 269-277, VIII b.C.
Gladly then did goodly Odysseus spread his sail to the breeze;
and he sat and guided his raft skilfully with the steering-oar,
nor did sleep fall upon his eyelids,
as he watched the Pleiads, and late-setting Bootes,
and the Bear, which men also call the Wain,
which ever circles where it is and watches Orion,
and alone has no part in the baths of Ocean.
For this star Calypso, the beautiful goddess,
had bidden him to keep on the left hand as he sailed over the sea.
translation by T.Murray, (Homer, 1919)
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After seven years prisoner of the beautiful nymph Calypso, Odysseus is
finally allowed to leave. His only desire is to come back to his island Itaca.
He builds himself a raft, spreads the sail and starts his journey (which will
be still long until he reaches his beloved kingdom). To reach Greece, sailing
in the night, the point of reference are stars and in particular a very specific
star cluster, the Pleiades. The hero had probably to travel towards East in
order to reach Greece, that’s why the nymph suggests to keep the Ursa
Major (“the Bear”, “the Wain ”), indicating the North, always to the left
and the Pleiades, rising in the East, in front of him.
The Pleiades are the star cluster for which we found oldest reference in
western history. These verses from the Odyssey are definitely one of the
oldest mentions dated ∼VIII century b.C. Almost 3000 years later we are
still observing and studying the same star clusters, as fundamental guiding
point not only for sailing but also for the advancement of astrophysical
research.
Clearly, between Odysseus and us a lot happened and a lot has been
discovered. In the ancient world the Pleiades were thought to be only 7
stars, until Galileo Galilei started observing the sky with the Perspicillum,
the original name of what we know as telescope, and observed more than
40 extra stars being part of the Pleaides, as it is evident from Figure 1.1
(Galilei, 1610).
Galileo, after finding similar evidence for other group of stars which
were before thought to be a single star, concluded that “Est enim GALAXIA
nihil aliud, quam innumerarum Stellarum coacervatim consitarum congeries”
(Galilei, 1610), i.e. the Galaxy is in fact nothing else, than a collection of
innumerable stars planted in heaps.
With the new telescope Giovanni Battista Hodierna discovered sev-
eral systems of stars in 1654, classified as Luminosae, Nebulae and Occultae,
whether it was possible to distinguish some members at naked eye (Lumi-
nosae), or had a fuzzy appearance at naked eye but could be resolved with
the telescope (Nebulae) or they appeared as covered by a cloud (Occultae)
(see Figure 1.2).
The results of his study were published in Hodierna (1654) and include
the observations of the open clusters later identified as M6, M36, M37, M38,
M41, M47, NGC 2362, NGC 6231 and the HII region M8. Among the oth-
ers he produced the first telescopic image of the the Orion Nebula (M42)
(probably one of the most observed object by now), being able to detect
the Trapezium cluster within it and the nebulosity surrounding it (Fodera-
Serio et al., 1985), see Figure 1.3 .
Starting from the Galileian discovery, what were thought to be “nebu-
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Figure 1.1: The Pleiades star cluster as observed by Galileo Galilei. The
more luminous stars are depicted bigger in size. The revolutionary use of
the telescope allowed the discovery of about other 40 stars. From Galilei
(1610).
Figure 1.2: Graphical representation of examples of Luminosae, Nebulosae
and Occulatae systems of stars. From Hodierna (1654).
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Figure 1.3: The Orion Nebula (M42) as seen by Hodierna (1654) (Top) and
by M.McCaughrean et al., ESO Very Large Telescope (Bottom), composite
near-infrared image, the field of view is ∼ 1 pc across. At the centre of both
images is visible the Trapezium cluster.
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lous object” (nebulae) or single stars were recognised actually as “congeries
Stellarum”, star clusters. Hodierna set also another fundamental milestone
for astronomy. He established that the coexistence of Luminosae, Nebu-
losae and Occultae systems of stars is possible only if we assume that the
stars have different distance from us1 . In this way, the author manages to
justify why some stars appear very bright while some other fuzzier and
dimmer. A related problem he deals with in the final part of Hodierna
(1654), Problemata nonnulla, is the consequent theory of star formation (see
Fodera-Serio et al., 1985, for a detailed analysis).
To explain why the more luminous stars appear usually isolated, while
the less bright are found in groups, he claims that stars form from the con-
densation of lux primogenita, therefore the biggest stars collect lux from a
bigger region. At the end of the star formation process, this region will be
empty of lux, no other stars will form nearby and the star will shine visi-
bly (Hodierna, 1654, p. 53). In the Nebulosae, many small stars form closer
from smaller cores, resulting in fainter luminosity and less resolvability at
naked eye2(Fodera-Serio et al., 1985). Moreover according to Hodierna, this
process of star formation is still active and it could be possible to observe
new stars anytime3(Fodera-Serio et al., 1985).
It interesting to notice how, even with its own incorrectness, this theory
identify some sort of condensation phenomenon, which shapes the final
properties of stars. If we would substitute the concept of lux primogenita,
with molecular gas, and the lux-deprived region with gas-free region due
to feedback, the theory starts looking quite modern.
A substantial step forward in the observation of star clusters was the
work of Charles Messier. The first globular clusters were observed between
mid-XVII century and mid-XVIII, but it was not until 1764 that some nebu-
lae were distingushed in individual stars by Messier (M4). The fundamen-
tal work by Messier translated into the first Catalogue of Nebulae and Clusters
1“Stellas Mundo coevas, quae in Aetheris eminentissimi profunditate, innata sibi luce, adinstar
Solis huius, praefulgent, nequaquam omnes, ac singulas in eadem Sphaericitate Mundi coordinatas, et
circumpositas esse, ita ut omnes, ac singulae è Terris, aequidistent” (Hodierna, 1654, p. 25).
2“An quia lux primogenita dùm ab initio quando dixit Deus fiat lux Mundu universu circum-
ambiens per Aethera expandetur, ad nutum deinde Imperii divini qaundo fecit Deus Stellas, & posuit
eas in firmamento Caeli in varios, ac diversae magnitudinis Globus, undique defluens involveretur,
ubi ad maioris molis globos constituendos, maior eiusdem substantiae portio conspirasset, maius etiam
Aetheris spatium denudatum necessario relinqueretur at ubi in maiores atque minores involutus fuerit
orbilculos, angustiora spatia denudata paterent” (Hodierna, 1654, p. 53).
3“Nam ex eadem substantiae mole, qua simplex ingens Globus conflatur plures etiam, sed exigui
Globuli concorporari possunt. Sic fortasse fieri poterit, ut ex invisibilibus Stellis coentibus latenter
innumeris, confletur unum quid compositum, & appareat ingens Stella recentissime a mortalibus
visenda” (Hodierna, 1654, p. 53).
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Figure 1.4: First page of the Catalogue of Nebulae and Clusters of Stars by
Charles Messier. From Messier (1781).
of Stars published in 1781 (Messier, 1781). Messier was actually interested
in comets, not star clusters and published this catalogue exactly to list ob-
jects which observers could wrongly confuse for comets. The final version
of the catalogue counts 103 objects (7 more were added later, from some
other Messier’s studies), half of which are open and globular cluster.
Few years later another catalogue was published by William Herschel,
as a result of his “review of the heavens”, i.e. survey, with a 20-foot (∼6m)
telescope. This milestone work was published in 3 parts (Herschel, 1786,
1789, 1802) and by 1802 listed a total of 2500 objects. The second part of the
catalogue (Herschel, 1789) is particularly interesting since we found the
first mention to the term “globular cluster”4.
The description of these objects made by Herschel is extraordinary,
communicating at the same time the scientific enthusiasm due to the fea-
tures of their structure and the aesthetic beauty of the new discovery:
“These are certainly the most magnificent objects that can be seen
in the heavens. They are totally different from mere groups of stars,
4“And thus, from the above-mentioned appearances, we come to know that there are globular clus-
ters of stars nearly equal in size, which are scattered evenly at equal distances from the middle, but
with an encreasing accumulation towards the center” (Herschel, 1789, p.218)
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Figure 1.5: An extract from the Catalogue of Nebulae and Clusters of Stars
by Herschel. From Herschel (1789).
in their beautiful and artificial arrangement.: their form is generally
round; and the compression of the stars shows a gradual, and pretty
sudden accumulation towards the centre, where, aided by the depth
of the cluster, which we can have no doubt is of globular form, the
condensation is such that the stars are sufficiently compressed to pro-
duce mottled lustre, nearly amounting to the semblance of a nucleus.
A centre of attraction is so strongly indicated by all the circumstances
of the appearance of the cluster, that we cannot doubt a single mo-
ment of its existence, either in a state of real solidity, or in that of an
empty centre, possessed of an hypothetical force arising from the joint
exertion of the numerous stars that enter into the composition of the
cluster.” (Herschel, 1802, p.497)
These observations triggered the discussion about the formation and
origin of these cluster of stars. In Herschel (1789) the astronomer reports
the results of John Michell regarding the probability that these stars clus-
ters were just fortuitous aggregation of stars (Herschel, 1789, p.215). This
was obviously the simplest hypothesis, to assume that the stars appeared
to be in cluster just by chance. But as Herschel pointed out “But who, that
is acquainted with the doctrine of chances can seriously maintain such improbable
conjectures?”. Indeed, in 1767 John Michell considered the brightest stars
of the Pleiades (6 stars) and estimated the number of stars as bright as the
faintest of these 6 to be ∼1500 in number, scattered random in the whole
sky. He then computed the probability that other 6 stars (between these
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1500) are at the same distance between each other as the Pleiades are: the
probability for this to happen is 0.0002% (Michell, 1767, pp.246-249). With
this result Michell concluded that:
“We may from hence, therefore, with the highest probability con-
clude (the odds against the contrary opinion being many million mil-
lions to one) that the stars are really collected together in clusters in
some places, where they form a kind of systems, whilst in others there
are either few or none of them, to whatever cause this may be owning,
wheter to their mutual gravitation, or some other law or appointment
of the Creator.” (Michell, 1767, p.249),
The author suggested with this that there is a dynamical origin at the base
of the star cluster structure, which is the gravitational attraction.
On the same line of thought, Herschel (1785) assumes that in the very
early Universe stars were first scattered uniformly and then, due to gravity,
were collected into streams, which subsequently fragmented into denser
and smaller clusters (Hoskin, 1979).
In the wake of Herschel’s work, at the end of XIX century John Dreyer
published a novel catalogue, titled New General Catalogue, which reached
to include (after successive supplements) a total of almost ∼13 000 objects,
counting ∼700 open clusters and ∼100 globular clusters (Dreyer, 1888,
1895, 1910).
In the XX century physical quantitative studies on the properties of
star clusters started accompanying observations: proper motions studies
allowed to identify cluster members more accurately (van Maanen, 1945)
and the first colour-magnitude diagrams of the Pleiades and Hyades star
clusters were published (Hertzsprung, 1911). After these pioneers, in the
last century many researchers dedicated their time to the study of star clus-
ters, allowing huge advancements in our knowledge of these objects and at
the same time generating hundreds of unanswered questions about them.
More recently, the technological advancement allowed the construction
of gigantic ground telescopes (at least compared to the galileian perspicil-
lum) and the launch in orbit of space telescopes, which revolutionised once
more astronomy. Some of the greatest observers of star clusters on the Earth
are located in very remote and high-altitude areas of Chile and Hawaii,
these are indeed the telescopes of Paranal, La Silla and Mauna Kea observa-
tories. These instruments operate mainly in visible and near-infrared light,
due to the atmospheric absorption of the remaining wavelengths shorter
than radio. The atmosphere is in fact, the main enemy for this kind of in-
struments, since its turbulence contributes to the distortion of the observed
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signals. However, the introduction of adaptive optics techniques massively
improved the quality of images.
The king is anyway still the space telescope Hubble, which has been
providing photometric and spectrographic data for more than 25 years,
in ultraviolet, visible and near-infrared light. Infrared and X-ray comple-
mentary information come from Spitzer and Chandra space telescopes.
Astrometric data are the goals of research of the Gaia mission, which has
already released the precise position on the sky and brightness of 1 bil-
lion stars (1% of all stars in the Milky Way) and will in the future regis-
ter also their positions, parallaxes and proper motions, effectively building
the largest catalogue of stars ever. The future, then, is represented by the
James Webb Space Telescope, the successor of Hubble, an infrared tele-
scope which promises to investigate the formation of stars, exoplanets and
first galaxies.




In this chapter I will give a detailed overview of the main classes of star
clusters and their properties from an observational point of view. Indeed,
under the broad terminology of “star cluster”’ we find different objects
which exhibit very specific characteristics. The most basic, general and true
definition of “stars cluster” is “a self-gravitating system of stars”. And this
is substantially the only possible common description one can give, any
further qualification would not be generally representative of every cate-
gory. The classes I will take into consideration are globular clusters, open
clusters, young star clusters (articulated into associations, dense and em-
bedded clusters) and finally nuclear star clusters. How exactly these cate-
gories are related to each other is a million-dollar-question but some con-
nections can be derived. I will focus on the most peculiar properties of
every group, trying to highlight each time what are they interesting for,
why should we do research on them and what are the puzzling aspects we
still do not understand.
2.1. Globular clusters
If we consider a galaxy to be a city, then globular clusters would be very
old people, who lived there since ever. And exactly as old people, every-
one thought they were quite simple and boring objects, mainly useful as
laboratory for pure stellar dynamics, while they turned out to have quite
11
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Figure 2.1: 47 Tuc from Paranal. The field of view is a bit more than 50 pc
across. Credit:ESO/M.-R. Cioni/VISTA Magellanic Cloud survey.
some tales and mysteries to unveil. Moreover since they are the oldest alive
beings, who can claim of having met the early Universe, they can provide
fundamental information to understand the formation of the frst galaxies
and the Universe.
Globular cluster are systems composed of 104 − 106 stars (total mass
105M⊙), arranged in an almost spherical distribution. They appear de-
prived of gas and dust, as a typical example as 47 Tuc reveals (Figure 2.1).
In the Milky Way we count 157 globular clusters (Harris, 2010), distributed
both in the halo and in the disk of the Galaxy.
Until few years ago globular clusters were considered perfect example
of isolated spherically symmetric, pure stellar systems, excellent represen-
tation of a simple stellar population. More recently these simple assump-
tions have been relaxed, since some globular clusters exhibit flattening due
to rotation, some reveal multiple stellar populations, thus several episodes
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Figure 2.2: Color magnitude diagram of M3 (Renzini & Fusi Pecci, 1988)
of star formation, some are found in the disk of the Galaxy, close to the
Galactic Centre, where tidal effects are not negligible.
Figure 2.2 shows the color magnitude diagram (CMD) of the globu-
lar cluster M3 (Renzini & Fusi Pecci, 1988). This can be considered a very
archetypical CMD, very representative for an average globular cluster and
extremely different from the ones of younger clusters (Section 2.2, see for
a comparison Figure 2.9). Being the globular clusters old structures, the di-
agram exhibits most sequences of classic stellar evolution: main sequence
(MS), subgiant branch (SGB), red giant branch (RGB), horizontal branch
(HB) and asymptotic giant branch (AGB). The presence of RR Lyrae stars
on the HB is revealing that globular clusters host Pop II stars.
We notice that the MS is particularly short, the turn-off happening
at fainter luminosity than other types of cluster (Ashman & Zepf, 1998),
which means that massive stars already moved to subsequent stages of
stellar evolution, and hence the cluster is quite old. The average value of
turn-off mass for globular clusters is ∼ 0.8 M⊙.
The turn off-mass is a fundamental piece of information to estimate the
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age of the cluster. The older the cluster, the lower the turn-off point along
the MS, therefore the absolute magnitude at turn-off (MV(TO)) directly
points to the cluster age. The analytic expression which relates magnitude
and age is (Binney & Merrifield, 1998)
MV(TO) = 2.70 log(t/Gyr) + 0.30[Fe/H] + 1.41 . (2.1)
Using stellar evolution models it is possible to predict luminosities and
effective temperatures as a function of time and chemical content and built
complete theoretical isochrones to be compared to observations. By min-
imising the residuals between the modelled and observed isochrones, it is
possible to infer the cluster age.
The main source of error in these estimates is due to the distance calcu-
lation (to convert magnitudes from apparent to absolute) which is usually
derived through MS fitting or using the RR Lyrae stars as standard candles
(for a review on all the main techniques to derive distances see the review
by Krauss & Chaboyer (2003) ). According to Krauss & Chaboyer (2003) the
error on the distances is ∼6% which implies an error on the age estimate
around 13% (Chaboyer, 2008).
To circumvent this problem other distance-independent magnitude-
base age estimates have been developed, such as the ∆V or ∆(B − V )
method (Binney & Merrifield, 1998). They are both based on the differ-
ence in the CMD between two values of magnitude or colour, respectively.
Specifically the first method uses the difference in the turn-off point and
horizontal branch (∆V = MV(TO) − MV(HB)), and the second one the
difference between the colour of the turn of the SGB and the colour of the
turn-off point (∆(B − V ) = (B − V )SGB − (B − V )TO). Nevertheless, also
these methods are not free from problems (Ashman & Zepf, 1998), mainly
related with the necessity of having a perfect estimate of the position of
the turn-off point or turn of the SGB, which severely affects their accuracy
(Jimenez, 1999).
Some of the most recent studies date GCs to be between 11.3 and 14.4
Gyr old (An et al., 2009; Chaboyer, 2008; Gratton et al., 2003; Krauss &
Chaboyer, 2003; VandenBerg, 2000), in agreement with ΛCDM estimate of
the age of the Universe (Collaboration et al., 2016). GCs are by no doubt
among the oldest inhabitants of the Universe.
The fact globular clusters are old does not mean they are all equally old:
the relative age of globular clusters has fundamental implications in our
Galaxy formation scenario. However, from the study of different HR dia-
grams different globular clusters appear to have very close turn-off points,
therefore the relative age difference is limited.
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Using analogue techniques to determine the absolute age, it has been
possible to estimate that galactic globular cluster exhibit a mean age range
∼2-3 Gyr (Hansen et al., 2013; Sarajedini, 2009). In particular, metal-poor
([Fe/H] < −1.7) are found to be older and mostly coeval, with age dis-
persion value ∼0.6 Gyr (De Angeli et al., 2005; Marı́n-Franch et al., 2009).
Intermediate-metallicity clusters (−1.7 < [Fe/H] < −0.8) are younger than
the previous sample and have age dispersion ∼1 Gyr and total age interval
of ∼ 3 Gyr (De Angeli et al., 2005). For metal-rich clusters the age spread
goes up to ∼ 6 Gyr (Chaboyer et al., 1996; Marı́n-Franch et al., 2009; Sara-
jedini, 2009). From the spatial point of view, there is no trace of correlation
between galactocentric distance and age (Chaboyer et al., 1996; De Angeli
et al., 2005; Marı́n-Franch et al., 2009), but clusters at > 20kpc are generally
older and more uniform in age (De Angeli et al., 2005; Sarajedini, 2009).
The SGB provides useful information on the relative age of stars in the
cluster: a sharp SGB (like in M3) and well defined turn-off point have al-
ways been interpreted as the proof that the members of the cluster are co-
eval (e.g. for M92: max age spread between consituents ∼2.4% age of the
cluster, ∼0.4 Gyr (Stetson, 1993)).
The narrowness of stellar evolution sequences puts also an upper limit
on the fraction of binaries in the cluster (Ashman & Zepf, 1998). If the clus-
ter hosts a large number of multiple systems, we should see a broadening
of the sequence, due to the fact that unresolved binaries would populated
the upper edge of the sequence (e.g. MS), appearing more luminous than
a single star of the same spectral class. Ji & Bregman (2015) applied this
technique to the MS for 35 globular cluster and determined that in all of
them the percentage of binaries does not exceed ∼12%. Using the data from
Milone et al. (2012b) they also determined that above 10 relaxation times1,
no clusters have binary fractions higher than 6% and nearly half have bi-
nary fractions below 2%. An exception to this evidence is constituted by the
percentage of core binary fraction, indeed some globular clusters (Pal13,
E3, NGC 6752, NGC 288) have shown a higher fraction of binaries in the
core, up to ∼ 30% (Fregeau, 2008). However, in Sections 2.2 and 2.3.2 we
will see that in general the fraction of binaries is much higher in younger
systems.
Moreover very narrow sequences (both MS and RGB) reveal the ho-
mogeneity in terms of chemical compositions of the global clusters’ stars.
Most globular clusters, in fact, contain stars with similar metallicity, and
this is a unique feature which distinguishes them from dwarf galaxies or
galaxies, which exhibit an internal metallicity variation (Ashman & Zepf,
1A complete definition of relaxation time is give in Section 4.2.1.
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1998).
However, in the recent years, this picture has been revolutionised,
when early photometric and spectrographic observations suggested the
existence of multiple populations (e.g. Canon & Stobie 1973; Freeman &
Rodgers 1975; Geyer 1967; Hesser & Bell 1980). Photometric data analysed
by Anderson (1997) indicated a bifurcation of colors in the main sequence
(MS) of Omega Cen. Furthermore, Lee et al. (1999) and Pancino et al. (2000)
reported the presence of at least four different RGBs in the same GC. Hub-
ble Space Telescope (Bedin et al., 2004) clearly showed that Omega Cen has
two distinct MS branches, differing in He content (Norris, 2004). Based on
a spectroscopic analysis of MS stars in Omega Cen, Piotto et al. (2005) sur-
prisingly found out that the less populous MS branch, the bluer one, is 0.3
dex more metal-rich than the redder one (requiring thus an He enrichment
of ∼ 0.35− 0.40). This was just the beginning of a long list of detections of
multiple populations in globular clusters: 47 Tuc (Anderson et al., 2009),
NGC 6752 (Milone et al., 2013, 2010), NGC 6397 (Milone et al., 2012a).
Evidence of multiple populations was also found in some intermediate-
age globular clusters of the Magellanic Clouds (Milone et al., 2008). Multi-
branch features were observed not only in MS stars, but also in the SGB,
RGB and HB stars (Gratton et al., 2012).
The first studies on the abundance variations of the four light elements
(Na, O, Al, Mg), carried out since the late 90s (Briley et al., 1996; Gratton
et al., 2001), revealed star-to-star abundance variations for elements lighter
than Si (Carretta et al., 2009a; Cohen, 1978; Gratton et al., 2001; Kraft et al.,
1992; Peterson, 1980). Moreover they discovered that these variations are
anti-correlated with one another (e.g. O-Na, Mg-Al). Evidence for an anti-
correlation of light elements has been found in all observed Milky Way GCs
(except for Terzan 7 and Pal 12), suggesting that multiple populations exist
in all globular clusters, and not only in the most massive ones (Carretta,
2012; Gratton et al., 2015, 2001, 2012, 2011, 2013; Milone et al., 2016). The
main explanation behind this phenomena is connected to internal enrich-
ment by proton-capture H-burning reactions at high temperature (Gratton
et al., 2004). Several models have been proposed (for a complete review
see Renzini 2008), postulating single (“early disc accretion model” (Bastian
et al., 2013)) or multiple star-formation episodes (AGB stars (D’Ercole et al.,
2008), fast rotating massive stars (Decressin et al., 2007)).
A particularly intriguing aspect is that a minority of GCs shows also
abundance variations in heavy-elements (i.e. Fe). These clusters, denomi-
nated “iron-complex” GCs are (Johnson et al., 2015): ωCen, M22, M2, M54,
NGC 1851, NGC 5286, NGC 5824, Terzan 5 and M19. These clusters, which
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present multiple photometric sequences and both light and heavy elements
abundance variations, have different ratios between metal-poor and metal-
rich populations (Johnson et al., 2015; Milone et al., 2015), and in some
cluster the metal-poor component is more concentrated than the metal-
rich one, in some clusters is valid the opposite (Bellini et al., 2009; Carretta
et al., 2011). In chapter 6 we will focus specifically on a possible formation
scenario for the “iron-complex” globular clusters.
The surface brightness profiles of globular clusters is well described by
the 3-parameters empirical King model (King, 1962). The King profile is
characterised by a small, high constant density central part (“core”), and a
distributed, less dense outer region. This two profile components are iden-
tified by two parameters respectively: the core radius, rc, defined to be the
radius at which the surface brightness has fallen to half its central value
and a limiting radius, called rt, also called tidal radius (King, 1962). The
underline assumption behind this is that the the cluster has a finite max-
imum radius (rt), beyond which the gravitational influence on the stars
by the star cluster is negligible respect to the one by the hosting galaxy
(Binney & Merrifield, 1998). The third parameter of the model is a number













The ratio of the tidal radius and the core radius defines the concentration c
as
c = log(rt/r0) ; (2.3)
(King, 1962), this provides an immediate measure of the cluster’s morphol-
ogy. The King models are, therefore, effectively a one-parameter family
which can be identified through the concentration c (or equivalently the
central dimensionless potential W0, see chapter 4).
However, even though many globular clusters present central cores and
are so well fitted by King profiles, some clusters (∼ 20% (Djorgovski &
King, 1986; Trager et al., 1995)) show rather central cusps in the surface
brightness profile (Figure 2.3).
This is generally ascribed to the core collapse phase (Hénon, 1961;
Lynden-Bell & Wood, 1968; Spitzer, 1975). A full description of this mech-
anism can be found in Section 4.2.3. However, alternative mechanisms to
produce a cusp were also investigated, mainly the presence of a central
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Figure 2.3: Surface brightness profile for NGC 6388 and M15. The solid line
indicate the best-fit King model, the dashed line is the observed profile.
From Lugger et al. (1987).
massive black hole (Baumgardt et al., 2004; Guhathakurta et al., 1996; Ka-
mann et al., 2016; Noyola & Baumgardt, 2011) Such very high density val-
ues (up to 104 M⊙pc
−3) reached in the cores (or cusps) of globular clusters
make them among the most crowded places in a Galaxy. This fact seems
to indicate globular cluster as the main birthplace of many so-called stel-
lar exotica (blue stragglers, X-ray binaries, cataclysmic variables), since the
formation of these objects is possible only in highly collisional environ-
ments (Verbunt, 2007). Blue stragglers, stars on the MS beyond the turn-off
point, may be formed via mergers or mass transfer between lower-mass
MS stars. X-ray binaries and cataclysmic variables are probably produced
via encounters between compact objects (white dwarfs) and either single
stars or binaries (Davies, 2005).
An important assumption made by the the King profile is to consider a
spherical distribution of stars, which is a good first-order-approximation.
However, flattening has been detected in several galactic globular clusters
(Chen & Chen, 2010; White & Shawl, 1987) and could be explained by sev-
eral physical factors, such as pressure anisotropy, external tides (van den
Bergh, 2008) or internal rotation (Fabricius et al., 2014). This last is observed
in several GCs (Anderson & King, 2003; Bellazzini et al., 2012; Kimmig
et al., 2015; Lardo et al., 2015; Pancino et al., 2007; van den Bosch et al., 2006)
(solid body within the half-mass radius, differential outside (Bianchini
et al., 2013; Fabricius et al., 2014; Meylan & Mayor, 1986)). Rotation can
in principle arise from a variety of mechanisms (second-generation disk-
2.1. GLOBULAR CLUSTERS 
Figure 2.4: Left: Metallicity distribution for Galactic globular clusters with
available [Fe/H] values (137 objects). From Harris (2001). Right: HB-type
versus metallicity diagram of 137 Galactic globular clusters. The sample
is divided in subclasses following Mackey & Gilmore (2004); Zinn (1993).
The overplotted isochrones are 1.1 Gyr and 2.2 Gyr younger than the top
isochrone. From Mackey & Gilmore (2004).
like structure, initial violent relaxation, merging)(Bianchini et al., 2015;
Mastrobuono-Battisti & Perets, 2013; Vesperini et al., 2014). Chapter 6 of
this thesis specifically explores the merging scenario between globular
clusters and derives some the kinematics signatures visible in the merger
output.
So far, we considered the characteristics of single globular clusters,
however much interest towards these objects comes from their proper-
ties as a system. As already mentioned, at the moment the Milky Way
counts 157 detections of globular clusters (Harris, 2010), the best estimate
for the total population being ∼ 180 objects (Ashman & Zepf, 1998). The
most striking feature and most studied topic of discussion is the bimodal-
ity of the cluster metallicity distribution. If we look at Figure 2.4 (left panel)
we can clearly distinguish two main peaks in the distribution, well fitted
by two gaussian distributions of centroids [Fe/H]∼ -1.6 and [Fe/H]∼ -0.6
(Harris, 2001). The trough between the two distributions is located around
[Fe/H]∼-0.8 (Zinn, 1985).
These two distributions have been associated with two distinct clus-
ter populations, metal rich clusters, [Fe/H] > -0.8, and metal poor clusters,
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[Fe/H] < -0.8. By studying the correlation between metallicity and galacto-
centric distance (RGC) is evident the scatter in metallicity at any radius. The
presence of a correlation between metallicity and distance from the Galac-
tic centre is a foggy issue: there is clearly no trace of correlation among
clusters located at RGC > 8 kpc (Searle & Zinn, 1978), while a very weak
negative gradient in metallicity is reported for objects with RGC <7kpc
(Zinn, 1993). It is however clear that the metal richer population is con-
fined to R<10 kpc (Grebel, 2016), while the metal poorer one extends from
close to the Galactic centre to over 100 kpc (Mackey & Gilmore, 2004). This
different spatial dichotomy classifies the two populations even further in
a “halo” population, consisting of metal-poor clusters, occupying mainly
the galactic halo in an almost symmetrically spheric distribution (Ashman
& Zepf, 1998) and a “disk” population, composed by metal-rich clusters,
confined mainly to the thick disc (Zinn, 1985) and bulge (Minniti, 1995) of
the Galaxy.
A further classification, based on the metallicity and HB morphology
(Zinn, 1993), depicted an even more complex situation: the halo clusters
exhibit a clear dispersion in their HB morphology at given metallicity (see
Figure 2.4, right panel). In fact, most of the inner halo clusters define a tight
relationship between [Fe/H] and the HB index (Lee et al., 1994)), while
many of the clusters in the remote outer regions of the halo show much
redder HB morphologies for a given abundance (Brodie & Strader, 2006).
This effect can be justified considering the cluster age as extra parameter
and explain the redder HB morphology at constant metallicity as conse-
quence of younger age of the cluster (Brodie & Strader, 2006). Therefore,
the two halo subsystems are defined: “young halo” and “old halo” (Zinn,
1993). The age difference between these two groups is ∼ 1.5 Gyr (Mackey
& Gilmore, 2004).
According to recent results (Mackey & Gilmore, 2004) it is clear that
the metal-rich clusters (37 objects) are strongly concentrated towards the
Galactic centre (see Figure 2.5), with almost the totality lying very close to
or within RGC = 6 kpc (specifically 60% of these lies within 3 kpc, consis-
tent with bulge population, the rest with thick disk population). These ob-
jects also form a very flattened system, (with 90% of objects having distance
above or below the Galactic centre < 2 kpc) and have disc-like kinematics,
rotating around the Galactic centre (Vrot ∼ 190 km/s and σlos ∼ 60km/s ac-
cording to Mackey & Gilmore (2004), Harris (2001) reports Vrot ∼ 90km/s
for the bulge population and Vrot ∼ 150 km/s for the disk population).
The majority of old halo members (total: 70 objects) is found within 6
kpc (with some overlapping with the bulge population) and the rest is any-
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way within 30 kpc (with only 2 exceptions). They occupy the inner halo of
the Galaxy (Mackey & Gilmore, 2004). The young halo clusters (30 objects),
according to Zinn (1993), occupies the outer halo, with no cluster within 6
kpc and 5 objects over 40 kpc. However, according to Mackey & Gilmore
(2004) the young halo extends from the bulge region (with 5 objects within
6 kpc) to the remote halo (20 objects between 7 and 40 kpc, the rest over 40
kpc) (see Figure 2.5, last panel on the right).
From the kinematical point of view, both the old and young halo dis-
play halo-like properties, with a roughly isotropic orbit distribution (as a
system). In particular the young halo is charachterized by large energetic
orbits of high eccentricity and intermediate inclination (including retro-
grade motions) (Mackey & Gilmore, 2004). This is in line with Zinn (1993)
who describes young halo’s rotation as consistent with zero and velocity
dispersion to be very large (∼150km/s). Old halo clusters show analogous
kinematical feature but have much smaller total energies and eccentricities
(Mackey & Gilmore, 2004), as reported by Zinn (1993) Vrot ∼ 70 km/s and
σlos ∼ 90 km/s.
Outside the Milky Way, globular clusters are found in several galaxies
in our Local Group (precisely in 12 over 76 members). The metallicity bi-
modality seems to be a common property, but the different systems differ
substantially in terms of number, specific frequency 2, kinematics and spa-
tial distribution of globular clusters. Figure 2.6 gives a short summary on
the main properties of the different globular cluster systems in our Local
Group: for a full review see Grebel (2016) (from which the table was taken).
We can see that the variance in number of clusters spans almost 3 orders
of magnitude as well as the specific frequency. Not all galaxies in the group
exhibit a rotating population of cluster, but many show the duality in the
halo subpopulations. In some cases highly eccentric orbits of the outer halo
clusters (MW) or association with stellar tidal streams (M31) suggest an ac-
cretion origin for the outer halo globular cluster population (Grebel, 2016).
In Galactic satellites the core radius size of globular clusters is compatible
with the one of the Milky Way young halo population, much larger than
the average value for most of Galactic bulge, disk and old halo clusters,
hence supporting the hypothesis of a dwarf galaxy origin for young halo
globulars (Grebel, 2016).
The study of globular clusters extended to many extragalactic systems
beyond the Local Group, ranging from dwarf to giant galaxies, covering
2The specific frequency (SN) of a galaxy is defined as number of clusters (NGC) per unit
galaxy luminosity (MV), SN = NGC10
0.4(MV+15) (Harris & van den Bergh, 1981). It quanti-
fies the efficiency of a galaxy to create and/or retain globular clusters.
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the full Hubble sequence of morphological types. The presence of dark
matter in globular cluster has been excluded due to low values of mass-
to-light ratio (< 2.5) observed (Baumgardt et al., 2009; Bradford et al.,
2011) and predicted from dynamical modelling (Mashchenko & Sills, 2005;
Moore, 1996). Metal-poor and metal rich populations have been found in
most galaxies (Brodie et al., 2012), specific features of both populations are
linked to the differences among parent galaxies. The discussion of the spe-
cific properties of different environments is beyond the goals of this thesis,
therefore we refer to the work by Brodie & Strader (2006) for a full review.
The presence of different metallicity subpopulations in such old stellar
systems provide some of the strongest constraints on hierarchical galaxy
formation theories.
Before this duality was established, the main paradigm for galaxy for-
mation was a simple monolithic-collapse model: a galaxy forms out from
the monolithic collapse of a gas cloud which cools and contracts (Ashman
& Zepf, 1998). The onset of star formation enriches the gas and yield to
a metallicity gradient in the stellar populations. The absence of metallicity
gradient in globular clusters (Searle & Zinn, 1978) gave space to alternative
models describing the galaxy formation as a chaotic assembling process of
gaseous clumps. The observed bimodality made clear that alternative sce-
narios to the monolithic collapse were necessary.
The major merger scenario (Ashman & Zepf, 1992) predicts that the
bimodal cluster population is a result of major mergers of disk galaxies:
metal-poor GCs are donated by the progenitor spirals and the metal-rich
GCs are formed in the gas-rich merger. Forbes et al. (1997) proposed the
multiphase dissipational collapse scenario, in which the metal-poor GCs
were formed in gaseous fragments in early epoch and their formation was
then truncated (by feedback or reionization) at high redshift. Metal-rich
globular clusters formed in a second phase, together with the bulk of the
galaxy field stars. An alternative to this is the so called dissipationless ac-
cretion scenario (Côté et al., 1998), according to which the metal-rich GCs
were formed in situ in a massive seed galaxy, whereas the metal-poor GCs
were acquired in the dissipationless accretion of neighboring lower-mass
galaxies (Brodie & Strader, 2006).
All these scenarios present at the same time precious insights and ob-
servational difficulties, nevertheless they all point in the direction of hier-
archical galaxy formation, either through mergers or accretions, which is
the only way to account for a bimodal metallicity distribution of globu-
lar clusters. The current most accepted scenario proposes that metal-poor
global clusters form in high-redshift low-mass dark matter halos (Boley
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et al., 2009; Moore et al., 2006; Peebles, 1984),their formation being trun-
cated by reionization (Beasley et al., 2002; Santos, 2003) (but very recent
results seems to challenge this picture, see Forbes et al. (2015)), whereas
metal-rich globular clusters form in the subsequent dissipational merging
responsible for the formation of the parent galaxy as well (Puzia et al., 2005;
Strader et al., 2005).
Despite some success of the theory, the formation of globular cluster,
and in particular the connection with galaxy formation, is still a very open
issue and a global model is far to be presented (Brodie et al., 2014; Forbes
et al., 2015; Richtler, 2013). Moreover, a satisfying theoretical formation sce-
nario should also be able to bridge between the formation of globular clus-
ters as a system and as single structures, reproducing some of the internal
features previously described (structure, kinematics, stellar populations).
Some of the latest results seem promising (Renaud et al., 2017), but the
whole puzzle is far for being solved, with the impression that for every
piece which fits in, the others get smaller and more numerous.
2.2. Open clusters
If we go back to the image of our Galaxy as representative of the average
society, open clusters would definitely be a normal adult person, between
30 and 60 years old, with a normal life, a wife/husband, two kids and a
lot of Ikea furniture. As much as any human city is full of this type of
person, as well the galaxy is flooded of open clusters. A typical example of
open cluster can be seen in Figure 2.7. We are going to present here only
the most noticeable characteristics of open clusters, a more detailed review
can be found in Moraux (2016).
The Galactic open clusters which have been catalogued are about 2000
(Dias et al., 2012), but, taking as volume density ∼ 1000 clusters kpc−3
(Clarke et al., 2015), we expect the total population of open clusters in the
Milky Way to count about 105 members (3 × 104 according to Portegies
Zwart et al. (2010)), 3 orders of magnitude more than the expected number
of globular clusters in our Galaxy.
Another clear difference from globular clusters is the location: from Fig-
ure 2.8 it is clear that, while globular clusters are distributed in a mostly
spherical configuration, both in the halo and disk of the Galaxy, open clus-
ters occupy only the disk, with the older clusters extending in the outer
parts of it, and the younger ones populating mainly the think disk with
scale height 50-300 pc (Röser et al., 2010). Their location close to the plane
of the Galaxy represents one of the main difficulty for observers, due to the
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Figure 2.7: Open Cluster. Wide field image of the Jewel Box cluster
(NGC 4755) taken with the Wide Field Imager (WFI) on the MPG/ESO
2.2-metre telescope at ESO’s La Silla Observatory. The field of view is 20
arcminutes across, roughly 12 pc. The picture is based on images obtained
through B, V and I filters. Credits: ESO
contamination from unrelated field stars and heavy extinction (Binney &
Merrifield, 1998).
According to Piskunov et al. (2008) the majority of open clusters have
present-day masses between 100 and 104 M⊙, with average around 700
M⊙. The average initial cluster mass is estimated ∼ 4500M⊙ (Zinnecker,
2010). The gap between the two values reveals how much mass loss a clus-
ter experiences; indeed the 50% of field stars in the solar neighbourhood
is thought to originate from disintegrating open clusters (Zinnecker, 2010).
Of particular relevance is the origin of the field OB stars. Indeed, some of
these are the so called runaway stars, with this meaning they are high veloc-
ity stars (>30 km/s), which are thought to originate because ejected from
massive binaries (after the companion exploded as supernova) or ejected
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from very dense clusters due to internal dynamics. This phenomenon has
a direct impact also on galactic scales, since these massive stars on the run
constitute a widely effective supernova energy input directly in the inter-
stellar medium (Zinnecker, 2010). Schilbach & Röser (2008) found that the
origin of almost 80% of O-field stars can be traced back to some young
open cluster. In Section 5 we will come back to this topic, and estimate the
number of ejected stars from strong encounters in emerging star clusters.
The difference between open and globular clusters becomes obvious by
looking at a typical CMD (Figure 2.9, top). The main feature in the plot is
a very extended and clear MS, which stretches up to the bright blue stars
at the upper end of the sequence (Binney & Merrifield, 1998). The presence
of these massive, short-lived stars is emblematic of the young ages of most
open clusters. Moreover, in some diagrams, the bottom end of the MS ex-
hibits broadening due to the presence of very low mass stars still on their
Hayashi pre-main sequence tracks: this implies that the age of cluster is less
than the time needed for these stars to reach the MS (Binney & Merrifield,
1998).
If we compare the CMD from different open clusters (see Figure 2.9,
bottom), the main difference with a group of globular clusters, is the var-
iegate positions of the turn-off points in the diagram. This is revealing of
the wide range of ages characterising open clusters. According to Piskunov
et al. (2006) the age distribution spans from few Myr3 to few Gyr, with av-
erage age around 300 Myr. The oldest objects are dated ∼ 10 Gyr (Salaris
et al., 2004). This significant age spread reveals that open clusters are
continuously forming in our Galaxy. On the other hand it is know since
decades that there is an under-abundance of old open clusters, with age
> 1Gyr (Oort, 1958; Wielen, 1971). This fact has been explained as the re-
sult of disruptive encounters with massive molecular clouds in the Galactic
disk (Gieles et al., 2006b; Spitzer, 1958). The fact that most old open clusters
are found in the thick disk, at larger distance from the Galactic plane (see
Figure 2.8) represents a valid evidence of this scenario. Despite being the
minority, old open clusters represent a fundamental tool to study the early
disk evolution (Friel, 1995).
The spatial distribution of a classic relaxed open cluster can generally
be described by a multi-mass King radial profile (Clarke et al., 2015), even
though many objects cannot be properly described by spherical distribu-
tion due to loss of regularity (Binney & Merrifield, 1998).
The younger age of open clusters, compared to globular clusters, con-
3∼ 10 Myr, which is larger than the primordial gas dispersal timescale, hence open clusters
do not have generally areas of active star formation (Clarke et al., 2015).
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Figure 2.9: Top: Colour-magnitude diagram of NGC 4103. The solid line is
the best fit isochrone. From Sanner et al. (2001). Bottom: Composite colour
magnitude diagram for several open clusters. From Sandage (1958).
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vert into a rich stellar mass range, which makes them the perfect environ-
ment to investigate mass segregation, as result of energy equipartition and
dynamical friction (a detailed description of these mechanisms in given
in Section 4.2.4). As we will see in Chapter 4, the timescale of energy
equipartition is the two-body relaxation time, which is in this case compa-
rable with the age of the system, therefore relaxation effects are expected
to be relevant 4. By analysing cumulative distributions of different mass
range groups it is clear that open clusters are mass segregated (Mathieu,
1984), that is massive stars tend to have a greater central concentration. Of
course this is especially evident for older open clusters (Binney & Merri-
field, 1998).
Another possibility to study the presence of equipartition is analysing
proper motions, to investigate whether low-mass stars are characterised by
systematic higher velocity than massive stars. This approach is extremely
difficult technically due to two main reasons: the typical velocity disper-
sion of open clusters is quite low, ∼ 1-3 km/s and the fraction of stars in bi-
nary systems is estimated to be 30-50% (Binney & Merrifield, 1998; Clarke
et al., 2015). The low value of velocity dispersion requires highly accurate
measurements, but at the same time the high number of unresolved bina-
ries affects negatively the velocity dispersion estimate.
Indeed, it is currently not established whether open clusters show
traces of equipartition. Numerical simulations find that simulated clusters
become strongly mass segregated but the local velocity dispersion does not
change depending on the stellar mass (Spera et al., 2016). Gaia mission and
Gaia ESO survey are expected to provide together proper motions and ac-
curate line-of sight velocities for about 100 open clusters. This will help to
better clarify this aspect.
In addition, young open clusters provide IMF (initial mass function)
studies much valuable information. Effects of stellar and dynamical evo-
lution are relatively small on the younger objects, therefore the observed
luminosity function can be considered a proxy for the initial luminosity
function, hence the IMF. According to the review of Bastian et al. (2010), by
comparing different mass functions from young open clusters, associations
and the field, it turns out that the majority shares a similar IMF, charac-
terised by a Salpeter power law for the high-mass part and a log normal or
4As we will explain in Chapter 4, for all star cluster categories the relaxation timescale is
comparable with the typical age, hence two-body relaxation interactions play a role, therefore
we could expect to detect mass-segregation also in globular cluster. Some globular clusters are
indeed mass segregated. However the advantage of open clusters respect to globular clusters
is that they still have massive stars which did not evolve and lower densities, which allow a
better observation of the central part.
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shallower power law for lower masses (De Marchi et al., 2010). However,
the shape and universality of the IMF is still an open issue.
Open clusters have long been recognised as important tools in the study
of the Galactic disk, especially to determine the spiral arm structure and
to map the rotation curve of the Galaxy (Bragaglia, 2010; Friel, 1995). De-
tailed kinematics of ∼ 500 open clusters of our Galaxy considered as a sys-
tem were released by Dias et al. (2002, 2012). Piskunov et al. (2006) calcu-
lated the open cluster orbits and identified four open cluster groups, whose
members share the same kinetic behaviour and age. Wu et al. (2009) calcu-
lated three different axisymmetric Galactic potentials and computed the
orbits of over 400 open cluster up to 5 Gyr old. They found that the ve-
locity ellipsoid derived is consistent with a thin-disc population and the
velocity dispersion increase with the age of cluster subsamples.
Most recent results point towards an heterogeneous population of open
clusters, which seems to be divided into two main groups differing by their
mean parameters, properties, and origin (Gozha et al., 2012; Pang & Shu,
2010). The first group includes the clusters formed from interstellar mat-
ter of the thin disk with nearly solar metallicity ([Fe/H] & 0.2) and almost
circular orbits (i.e. crown orbit (Vande Putte et al., 2010)), whose short dis-
tance from the Galactic plane is consistent with field stars (Gozha et al.,
2012) . The second group includes outlier clusters characterised by high ec-
centricities and/or large distance from the disk plane and/or lower metal-
licity (Vande Putte et al., 2010).
Theoretical computation of the orbits birthplace proved that the bulk of
the clusters from both groups were formed within a Galactocentric radius
of 11 kpc and closer than 180 pc from the Galactic plane (Reddy et al.,
2016; Vande Putte et al., 2010). Subsequently, due to larger eccentricities
and initial velocities, the outlier clusters moved from they birthplaces to
the current location beyond 12 kpc, where the survivability rate is higher
due to larger excursions from the Galactic midplane.
For the most peculiar clusters, to which the above consideration does
not apply, the main hypothesis is that they could have extra-Galactic ori-
gin (e.g.Be 20, Be 29, Be 31, Be 33, NGC2158, 2420, 7789, and IC1311), re-
sulting from the interaction of an external high velocity cloud with the
interstellar matter. Others may be due to globular cluster impact on the
disk (e.g.NGC6791, 1817, and 7044), or could be generated through merger
(Gozha et al., 2012; Vande Putte et al., 2010).
There has been evidence of a radial metallicity gradient for the Galactic
open cluster system (Bragaglia, 2010; Frinchaboy et al., 2013; Pancino et al.,
2010). Reddy et al. (2016) confirms that open clusters present a constant
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steep decline of metallicity out to a distance of 12 kpc from the Galaxy cen-
tre, followed by a change of slope and further flattening out to the entire
radial extent in the outer part. The clusters within 12 kpc lie close to the
Galactic mid plane, are younger than 1.5 Gyr and have thin disk kinemat-
ics, the cluster beyond 2 kpc have [Fe/H] < −0.2 dex, thick disk kinematics
and are between 1 and 8 Gyr old. However, as the authors point out, this
bimodality suffers definitely of selection effects.
2.3. Young star clusters
Young people are the most unpredictable and surprising. That is why
I decided to dedicate an extra section to young star clusters, which in
our beyond-the-mirror society would represent inexperienced, youthful,
dreamful, under-30-year-old people. Clearly, like all sensible categories,
boundaries must be taken “cum grano salis”, which means at the edge
open and young clusters overlap, and effectively the second one is par-
tially included in the first. But it is not surprising at all that some people
are adults already at 20 years old and some probably will never be.
“Young” is however rather generic. During youth the timescale over
which events happen is extremely short, time flies terribly fast, every up-
coming year will be completely different from the previous one, and being
10 or 18 or 29 years old is not at all the same. And of course this is valid
for us as much as for our systems of stars. Therefore I articulated this part
in three other subsections: stellar associations, young massive clusters and
embedded clusters.
2.3.1. Stellar associations
It will be soon clear why I think stellar associations can be considered “im-
mature young adults”: they are young-ish, they have still many elements
of recent on-going star formation but the bulk of explosive activity is over,
and there are no hints which suggest whether they will ever become seri-
ous, stable, solid open clusters.
A stellar association is a very low density, 0.2stars/pc3 (slightly higher
than field stars density) (Ambartsumian, 1947; de Zeeuw et al., 1999), and
loosely bound (or unbound) system of stars. We refer to Blaauw (1958)
for a classic review. Despite exhibiting some similar features, in the past
they were considered completely different from open clusters, while the
modern community sees a smooth transition (or lack of transition, actually)
and common origin between these two groups (Torres et al., 2010).
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From a spatial point of view they are generally large and diffuse, with
an amorphous shape and undefined boundaries. They typically can extend
up to tenth of parsecs, e.g. the virial radii5 of I Lac1, Lower Cen Crux, Ori
Ia, Upper Cen Crux span between 30 and 60 pc (Portegies Zwart et al.,
2010). Associations usually counts very few to hundreds members. They
are usually distinguished from field stars due to a higher fraction of star
belonging to the same spectral type, indeed associations are usually iden-
tified as “OB associations” (Ambartsumian, 1947), “T associations” (Am-
bartsumian, 1947) or “R associations” (van den Bergh, 1966).
OB associations are aggregations of very young, massive O or B stars.
They are usually populated by 10-100 detected massive members and hun-
dreds of lower mass stars. The mass of single OB stars ranges between 10
and 70 M⊙, hence the total solar mass can reach 10
3M⊙. There are around
70 catalogued OB associations in the Milky Way, the overall expectation is
> 1000 (Janes, 2000). Their age, ranging between 2-20 Myr (Pfalzner, 2009),
is also usually slightly larger than the timescale for natal gas to be dis-
persed, but in most structures there is still evidence of ongoing star forma-
tion (Clarke et al., 2015), which means there is still some gas. A milestone
in this field is the work by de Zeeuw et al. (1999), a comprehensive cen-
sus of the stellar content of the OB associations within 1 kpc from the Sun,
based on Hipparcos positions, proper motions, and parallaxes.
T associations, instead, contains T Tauri stars, that are low mass (<
3M⊙) pre-main sequence stars (of subsequent spectral type F,G,K,M), still
in the contracting phase. The classic example is represented by the Taurus-
Auriga association which is 140 pc far from the Sun, around 1 Myr old,
does not show any presence of massive star and presents a clumpy distri-
bution of stars, which seems to follow the gas morphology.
Finally, R associations are agglomerations of young, intermediate-mass
stars (3-10 M⊙) embedded in a reflection nebula. The stars in this case are
not massive enough to disperse the gas around and their light is actually
reflected by dust.
The typical velocity dispersion of associations of young stars is 1 − 3
km/s, an order of magnitude lower than the dispersion of field stars.
Therefore associations can be detected also kinematically. Through proper
motions and radial velocity surveys, stars which share the same bulk mo-
tion can be identified as members of the association (de Zeeuw et al., 1999).
Pfalzner (2009), taking into account only massive clusters (> 103M⊙)
distinguishes two sequences in the size-density diagram, corresponding to
dense young clusters (see next section) and associations (or “leaky clus-
5See Section 4.1.1 for a definition of virial radius.
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ters”). Gieles & Portegies Zwart (2011); Portegies Zwart et al. (2010) found
that a more quantitative distinction can be obtained with the ratio age/tdyn,
where tdyn is the dynamical time of the system (see Section 4.2.1). The
threshold value between dense clusters and associations was found to be
age/tdyn ∼ 3. Associations have on average 0.5 and in general <1 (Porte-
gies Zwart et al., 2010), which is a classic indication of the unbound state
of these structures (Gieles & Portegies Zwart, 2011).
All types of associations are characterised by some elements of very
young star forming regions: very young massive OB stars, pre-main se-
quence stars or not expelled gas. They are all still connected with molecu-
lar cloud. The historical division between open clusters and associations,
representing two different fundamental states ‘bound’ and ‘’unbound’ has
been recently revisited after realising that star formation proceeds through-
out the molecular clouds with greater rates in some areas, producing
bound structures where young stars are contained in a few pc size area and
unbound structure somewhere else (Clarke et al., 2015). Associations are
then the natural result of low efficiency star formation going on in molec-
ular clouds without global densities high enough to remain bound (Clarke
et al., 2015; Pfalzner, 2009).
2.3.2. Young massive clusters
Young massive clusters (YMCs) are the true face of youth (see Figure 2.11).
In our parallel society, they are between 18 and 30 years old, massive,
dense, too much self-confident, enthusiastic and full of energy. It is not
yet clear what it will be their future, whether they will develop into open
clusters, get disrupted in the galactic centre or become globular clusters. In
any case, it will be glorious.
Young massive clusters are identified as bound star clusters, younger
than 100 Myr and more massive than 104M⊙ (see Portegies Zwart et al.,
2010, for a review). The mass limit guarantees a survivability of at least
1 Gyr (see Section 4.2.2) and the age constrain limits them by the epoch at
which a cluster enters the evolutionary phase dominated by stellar dynam-
ics.
Figure 2.11 (Portegies Zwart et al., 2010) summarises the property of
Galactic YMCs (all occupying the spiral arms or centre of the galaxy), in
relation to the main other two groups we considered so far. In the Milky
Way we can count ∼ 10 objects which satisfy the mass/age requirements
set. From the figure it is visually clear that they somehow fill the gap be-
tween open and globular clusters. Their half-mass relaxation times span
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Figure 2.10: Optical and infrared image of the rich star forming region
NGC 3603 and its massive compact central young star cluster (indicated
in the square). Taken with the Advanced Camera for Surveys (ACS), B-V-
I filters, on the NASA/ESA Hubble Space Telescope. The field of view is
about 6 pc. Credits: NASA, ESA and the Hubble Heritage (STScI/AURA)-
ESA/Hubble Collaboration
between 10Myr and 1 Gyr, and for the majority of them is . 100Myr. They
are the densest objects among the star clusters considered, since they have
size-scales similar to the open clusters, but masses on the order of low-
mass globular clusters: the resulting half-mass density ranges between 102
and 104 M⊙/pc
3.
YMCs are not an uncommon phenomenon but they numerously pop-
ulate other galaxies in the Local group, i.e. LMC (Baumgardt et al., 2013),
SMC (Mackey & Gilmore, 2003a), M31 (Fouesneau et al., 2014), M33 (Maı́z-
Apellániz, 2001) and in many other nearby spirals (Bastian et al., 2012;
Konstantopoulos et al., 2013; Maı́z-Apellániz, 2001; Ryon et al., 2015). Ex-
tragalactic YMCs can reach higher masses, ∼ 105 − 106M⊙.
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Figure 2.11: Radius - mass diagram of Milky Way open clusters (blue),
young massive clusters (purple) and old globular clusters (red). Dashed
and dotted lines represent constant half-mass density and half-mass relax-
ation time (Eq. 17), respectively. From Portegies Zwart et al. (2010)
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Galactic YMCs are a particularly young population: indeed the oldest
are only . 20 Myr (RSGC 02, 03) and the youngest (Arches, NGC3603 and
Trumpler 14) only . 2Myr. This is probably to due to observational diffi-
culty of observing older clusters, hence depleted of luminous stars, in situ-
ation of such high extinction and extra-stars contamination as in the Milky
Way.
As we already pointed out, two-body relaxation timescale and life-
time are generally comparable in case of star clusters, therefore results of
dynamical interactions, such as mass segregation, should be in principle
clearly detectable.
If we now turn to YMCs the situation is quite puzzling. If we compare
the half-mass relaxation timescale to the age of many Galactic and extra-
galactic YMCs, we find that in most cases the relaxation timescale is greater
by at least one order of magnitude. However, at the same time, several ob-
servations tell us that most of these clusters are mass segregated (de Grijs
et al., 2002; Gennaro et al., 2011; Gouliermis et al., 2004; Hillenbrand &
Hartmann, 1998; Sana et al., 2010; Stolte et al., 2006, 2005). In these observa-
tions mass segregation is usually inferred through a variation in the slope
of the mass function as a function of the distance from the centre of the
cluster. Some selection effects in the central crowded regions could affect
this analysis, since they tend to give shallower profile than in less crowded
regions (Bastian, 2016)
The immediate justification was to explain this in terms of primordial
mass segregation (Bonnell & Davies, 1998), i.e. the cluster formed massive
stars preferentially closer to the centre, since it can not be of dynamical ori-
gin, being the cluster so young. However, numerical simulations showed
that, if the star cluster formation process result from from mergers of sub-
clumps, the level of mass segregation in the final merger remnant would
be higher and consistent with observations, having the smaller clumps
shorter relaxation times (Fujii et al., 2012; McMillan et al., 2007).
Olczak et al. (2011); Spera & Capuzzo-Dolcetta (2015) showed that mass
segregation occurs very quickly for spherical systems with subvirial ini-
tial condition, even without substructures. It is indeed known that dy-
namically “cool” systems relax violently in few crossing times (Binney &
Tremaine, 2008). For sake of clarity, we stress that mass segregation cannot
be a direct outcome of violent relaxation (see Section 4.4 for details), how-
ever, in the short interval of time in which violent collapse takes place, a
very dense core is created, which can contains half the mass of the stellar
system in a radius of about one tenth of its initial size (Allison et al., 2009).
In this dense core, the two-body relaxation time is much shorter and, de-
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spite the dense core short lifetime, mass segregation can be reached, at least
down to some mass M6.
Following this reasoning, Allison et al. (2009); Pang et al. (2013); Sana
et al. (2010), suggested a dynamical origin for mass segregation due to two-
body relaxation in a dense phase in the cases of Orion Nebula Cluster,
Trumpler 14 and NGC 3603. Using a minimum spanning tree algorithm,
they estimated the degree of mass segregation and down to which stellar
mass the cluster has segregated (∼ 5, 10, 30M⊙, respectively), which com-
pared positively with the theoretical expectations.
However, to date, the issue of primordial or dynamical mass segrega-
tion remain still highly debated and far from finding general agreement.
The implication of a primordial nature of mass segregation would be a
clear indication of the non-universality of the IMF, implying that the envi-
ronment does affect the type of stars that are born in a given volume, at a
given time (Bastian, 2016). We will come back to the topic in Chapter 5.
Studies of the structural parameters of YMCs in the LMC (Elson et al.,
1987; Mackey & Gilmore, 2003b) showed that surfaces brightness profiles
of young clusters are not well fitted by King profile, but rather by a core










known as EFF profile (Elson et al., 1987). The parameter a is a character-
istic scale radius and γ was found to have values between 2.1. and 3.35
(Elson et al., 1987; Larsen, 2004; Mackey & Gilmore, 2003b).A proposed ex-
planation for this difference between YMC and globular clusters is that the
power-law profiles, with which all clusters were born, were then reshaped
during cluster evolution, truncated by the tidal field (Bastian, 2016).
Quantitatively, the YMC populations in nearby spiral galaxies were
found to have half-light radius distribution peaking near ∼ 3pc and ex-
tending until 20 pc (Larsen, 2004; Ryon et al., 2015). The core radius distri-
bution in M83 had a peak around 1.3 pc Ryon et al. (2015)
6 We will see in Chapter 4 that the half-mass relaxation timescale is a cluster-wide estimate
of the two body relaxation timescale: it considers the cluster in its totality, assuming virial
equilibrium, and it takes into account “average mass” stars (see Section 4.2.1). Using the local
two-body relaxation timescales can be more appropriate in out-of-equilibitum cases. More-
over, if the cluster is segregated only down to mass M, then the relevant timescale is indeed
the dynamical friction timescale, which is lower than the two-body relaxation timescale by a
factor depending on the mass M
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Several studies argued that clusters do not exhibit a clear mass (or lu-
minosity) - size relation (Larsen, 2004; Ryon et al., 2015; Scheepmaker et al.,
2007). However, Portegies Zwart et al. (2010) showed how the very young
clusters (< 10 Myr) actually appear to follow lines of constant density,
while clusters > 10 Myr do not and have a slight trend of constant radius
with mass. The lack or presence of correlation between mass and radius
is relevant both in the context of cluster formation theories (since molecu-
lar clouds do follow scaling relation between mass and radius) (Portegies
Zwart et al., 2010) and for the long-term survivability of clusters (since
higher mass clusters will have higher density, hence higher chances to sur-
vive encounters with massive molecular clouds) (Bastian, 2016).
Global properties of YMCs can be derived from the numerous popu-
lations in the Magellanic Clouds and M31, M33, since they are less af-
fected form extinction and they constitute a more complete group that
Galactic YMCs, at least in terms of age, filling the gap between 20 and
100 Myr. Several studies confirmed that the clusters luminosity function,
i.e. number of clusters per unit luminosity, follows a power-law relation
with index ∼ 2 (dN/dL ∼ L−alpha, alpha ∼ 2) with a steepening at the
bright end (Adamo & Bastian, 2015; Larsen, 2002). Inferring the clusters
initial mass function from this is not straightforward since the luminos-
ity changes dramatically in the first hundreds Myr of cluster lifetime and
the cluster luminosity function is obtained from a non-coeval sample, any-
way most studies indicate a power-law relation, truncated at high masses
(Adamo & Bastian, 2015; Gieles et al., 2006a). As result, the functional form
of the initial cluster mass-function seems to be a Schlechter distribution
dN/dM = AM−βexp(−M/M∗), with β ∼ 2 and M∗ between 105 − 106M⊙
(Bastian, 2008; Gieles et al., 2006a). The value of M∗ seems to depend on
the local galactic environment, meaning that in starburst galaxies (e.g. An-
tennae) is possible to form more massive cluster (thee truncation of the
mass function is at higher masses) that in quiescent ones (e.g. Milky Way)
(Portegies Zwart et al., 2010).
A final consideration is dedicated to the possible connection between
very young and very old, YMCs and globular clusters. From the selection
properties (mass range, hence long term survivability, high density) the
first ones are sometimes indicated as possible younger version of the sec-
ond ones. However, this hypothesis has still many pieces which do not
match, starting from the mass function of clusters, which is a truncated
power law for YMCs, while is a log-normal shape for globular clusters.
A possible explanation for this could be that a large fraction of low mass
clusters was disrupted due to interactions with the surrounding gas in this
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primordial high density environment (Elmegreen, 2010; Kruijssen, 2015),
interactions with clouds (Gieles et al., 2006a) or a combinations of various
mechanisms (Fall et al., 2009).
However, recent studies of Fornax GCs indicate that, in the hypothe-
sis that a fraction of metal-poor stars in field comes form early destroyed
low-mass clusters, then this should be much higher than what it actually
measured, which is fully compatible with evaporation from the 5 GCs al-
ready known in the dwarf galaxy (Larsen et al., 2012).
Another critical point is the presence of multiple populations. This has
been repeatedly confirmed in globular clusters, while there has not been
a direct detection in younger clusters yet (Krause et al., 2016). From the
theoretical point of view also, none of the proposed scenarios for the mul-
tiple populations in GCs is clearly consistent with observations of YMCs.
According to Cabrera-Ziri et al. (2014, 2016), in these young objects there is
no trace of multiple bursts of star formation (they rule out age difference
> 30 Myr) and in general all gas is expelled within few Myrs, leaving no
possible reservoir with which a second generation could be built. How-
ever, some other studies report the presence of at least two distinct stars
populations, with mean age spread of 10-30 Myr and different spatial con-
figurations, in several YMCs (Beccari et al., 2015; De Marchi et al., 2013) .
Anyway such a small age difference does not require an AGB/FRMS self-
enrichment scenario to be explained, but could also be consistent with a
merging origin or a single star formation scenario (“early disc accretion
model”). With regards to the latter, Stolte et al. (2015) claims that there is
also not much evidence of many stars with disc in nearby YMCs (Stolte
et al., 2015), casting a doubt on the effective survivability of disc structure.
Moreover, the comparison between YMCs and GCs is particularly dif-
ficult (when dealing with multiple populations but also with the stellar
mass function) because it involves two different mass ranges which don
not intersect: generally > 5M⊙ for the first ones (it is challenging to observe
< 1M⊙) , < 0.8M⊙ for the second ones. In addition the two groups differ
also in terms of binary populations, making once more the comparison not
direct. The binary fraction of globular clusters, which involves low-mass
stars, is indeed much lower than that what found in YMCs (∼ 50%), which
is probably related partially with the higher number of high-mass stars.
In summary, even if YMCs and GCs share some basic similarities, there
are not yet enough elements proving they are the same objects separated
by 13 Gyr of evolution, nor that they are distinctly two different class of
objects.
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2.3.3. Embedded star clusters
Figure 2.12: WISE composite infrared image of the embedded cluster AFGL
490. Blue and cyan are infrared light at 3.4 and 4.6 µm, star emission, green
and red are infrared light at 12 and 22 µm, emitted by warm dust. The
image width scale is about 19 pc. Credit: NASA/JPL-Caltech/WISE Team
Embedded stars clusters are still babies, busy playing with their toys,
hidden in the gaseous cloud which still surrounds them. They do not really
care of the rest of the galaxy yet and the main expectation from them is
that they eat and grow healthy. What they do, what they think, is kind of a
mystery, because the gaseous blanket does not let much go through.
With ages lower than a 1 Myr, young clusters are usually still embed-
ded in their parent molecular clouds (see Figure 2.12), and this is pretty
much the description of an embedded cluster. The name is actually very
“optimistic”, meaning that at this stage there is no guarantee that they will
necessarily evolve in bound open cluster, they could also become an un-
bound stellar association and disperse. What an embedded cluster will be-
come, when it will become it and how exactly, are all unanswered thrilling
questions so far and objects of much research.
The discovery of this kind of structures is linked to the development of
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infrared and X-ray telescopes (Spitzer, WISE, Chandra, ...). These objects
are indeed found in the most massive and densest cores of giant molecu-
lar clouds (see Section 3.1). Therefore, they suffer of very high extinction
produced by the high column density of dust, which limits the detection
of their stellar population at optical wavelengths. Dust extinction is signif-
icantly lower at longer wavelength, such as near-infrared. Moreover, dust
grains absorb part of the UV radiation coming from newborn stars and
reemit it in infrared, tracing the nebulous structure.
There is at the moment no comprehensive catalog, but roughly 100 em-
bedded clusters have been described, even if the total number of Galactic
embedded clusters is expected to be much higher. Lada & Lada (2003) esti-
mated about 200 embedded clusters within 2.5 kpc from the Sun, implying
roughly 104 of these in the whole Galaxy.
The most common criterion to identify embedded cluster is the one re-
ported in Lada & Lada (2003), which should considered as reference re-
view. They require these objects to be embedded in natal gas cloud and to
be stable against tidal fields of the Galaxy and interstellar clouds, which
signifies having about ten 0.5M⊙ stars within a radius of 1 pc. Moreover,
they expect a bound cluster to have relaxation time around 100 Myr, value
taken as open cluster lifetime. This implies a sample of 35 stars per clusters.
With selection criteria, the typical median age of stars in clusters clas-
sified as “embedded” ranges between 1 and 3 Myr (Lada & Lada, 2003).
The size scale varies from 0.5 pc to roughly 2 pc. They are generally very
compact, although some spans vast regions and count hundreds of stars
The cluster mass distribution derived from the catalogue in Lada &
Lada (2003) is interestingly flat in the range 50M⊙ to 10
3M⊙, which means
that low-mass and high-mass clusters (in this range) contribute equally to
the total mass of clusters. In other words, if a star is born in a cluster, it has
the same probability to form in a 50M⊙ as in a 1000M⊙ cluster (Lada, 2010).
The correspondent cluster mass spectrum is a negative power law with in-
dex ∼ 2, in line with the value of the dense cloud cores spectrum and at the
same time with the one of young clusters (Piskunov et al., 2008). Moreover,
the mass function drops for cluster masses lower than 50M⊙, which does
not seem to depend on the selection biases of Lada & Lada (2003). Porras
et al. (2003) found, indeed, that 80% of the total number of stars in clusters
belong to clusters with 100 or more members, which corresponds to the
peak of 50M⊙ in the mass function.
From the structural point of view there appear to be two main types of
clusters. In fact, some exhibit extended, irregular surface-density distribu-
tions, with multi-peaks density, and others (the majority) are more com-
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pact and have centrally-condensed one peak surface-density (Lada, 2010).
Embedded cluster shape is usually slightly elongated, reflecting the fila-
mentary structures of molecular clouds where they originated (Gutermuth
et al., 2009). The issue of mass segregation in embedded clusters in highly
controversial. Indeed, some objects (e.g. Trapezium, NGC 2024) show signs
of mass segregation, which seems to point in the direction of a primordial
origin, while in others (e.g. IC 5146) massive stars are found both in the
inner regions and in the outer ones (Lada & Lada, 2003).
Due to the very young age of embedded clusters, they result partic-
ularly interesting within the context of star cluster formation, providing
information from a very initial phase of the star formation process.
The study of embedded clusters is particularly relevant for the determi-
nation of the birthrate of clusters and the connected issue of infant mortality.
Lada & Lada (2003) estimated the embedded cluster formation rate to be
between 2 and 4 clusters Myr−1kpc−2, while the one for open clusters is
0.45Myr−1kpc−2 (Battinelli & Capuzzo-Dolcetta, 1991). This large discrep-
ancy is usually refereed to with the expression infant mortality, to indicate
that most (90%) of clusters do not survive the embedded phase and dis-
perse within 10 Myr. The mechanisms behind this phenomenon are not
yet clear, even if there has been a lot of studies related. The main idea is
that the death of the cluster is the result of the disruptive power and ineffi-
ciency of the star formation process itself. If the expulsion of gas happens
too rapidly or the amount of mass converted into stars is too low, the in-
tuitive expectation is that the cluster will unbind, since the gravitational
potential provided by the gas is not strong enough.
The star formation efficiency (SFE), defined as Mstars/(Mgas +Mstars),
is therefore thought to be the first main parameter, which decides if the
cluster will survive the emergence from the gas. Accurate observational
SFE measurements are still difficult to obtain in cluster forming regions,
however in fully embedded clusters they range between 10% and 30%
(Lada & Lada, 2003) (the average value for giant molecular clouds is 1-5%).
Analytic considerations (Hills, 1980) set the threshold SFE value, which can
guarantee the survival of the cluster, to 50%. Hence, the aforementioned
lower observed values would explain such high rate of infant mortality.
However, the second fundamental factor playing a role is the time over
which the gas is expelled. The 50%-SFE-boundary assumes instantaneous
gas removal, but if we consider an adiabatic slow expulsion, the stars have
time to resettle to the new potential and a 30% SFE can actually be enough
for the cluster to stay bound. The virial status of the cloud has also shown
to influence the result Goodwin (2009). In Chapter 5 we will come back to
 CHAPTER 2 - STAR CLUSTERS: A FAMILY PORTRAIT
the topic, numerically studying the process of emergence and survival of a
cluster from the its cloud, providing new insights on the matter.
The study on the universality of the IMF also rely on embedded clusters
since in this case it is possible to witness the very early build-up of the mass
function, despite some major caveats, due to the use of pre-mainsequence
stars to determine the luminosity function (and therefore the mass func-
tion). Indeed, in the first Myrs of lifetime of a star the luminosity changes
significantly. The most studied embedded cluster, i.e. the Trapezium clus-
ter in the Orion Nebula, offers the most reliable IMF profile, which con-
sist of a power-law with index Γ = −1.2 (slightly fatter than the Salpeter
canonical Γ =-1.35) in the range 0.6− 10M⊙, a flattening from 0.1 to 0.6M⊙
and a steep decline for masses < 0.1M⊙ (Muench et al., 2002b). Despite the
poor statistics, a comparison of the IMF for different embedded clusters
seems to point toward the existence of a universal profile (Muench et al.,
2002a).
Finally, embedded stars clusters are fundamental in the study of star
formation and planetary models, since most stars in the cluster are still in
a pre-main sequence phase, often with circumstellar disks, considered the
progenitor of planetary systems.
2.4. Nuclear star clusters
Nuclear star clusters are among the most mysterious and weird inhabitants
of a galaxy. They live in the very central part (see Figure 2.13), which in
case of galaxies is actually the most dangerous and violent zone, not the
typical residential area. Since none really has seen them clearly, they are
mythical objects, from the huge mass and extraordinary luminosity. The
veil of mystery in which they are wrapped (and the difficulty to observed
the centre of the galaxy) gave rise to legends, which narrate how these
objects are thought to cage and tame terrible beasts, such as supermassive
black holes. They are without any doubt sources of great fascination and
active research.
Scientifically speaking, nuclear star clusters (also “stellar nuclei”) are
compact, barely resolved, and massive star clusters found in the nuclei
of most galaxies, despite the morphological type. The nuclei of galaxies
are very special extreme environments, giving rise to super-massive black
holes (SMBHs), active galactic nuclei (AGN), central starbursts, and ex-
treme stellar densities. The recent interest towards nuclear star clusters is
motivated exactly in relation with these exotic phenomena. The high stel-
lar density found in this type of clusters make them suitable place for the
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Figure 2.13: Nuclear star clusters. Left: Infrared image from Hubble (31st
March 2016) of the Galactic centre. Some foreground blue stars don’t actu-
ally belong to the star cluster. The cross in the middle indicates the position
of the supermassive black hole, hosted by the nuclear star cluster. Credits:
NASA, ESA, and the Hubble Heritage Team (STScI/AURA). Right: Color
composite images of NGC 300 and its nuclear star cluster. The size bar in
the top panel corresponds to 0.6 kpc. The bottom panel focus on the inner
region of the galaxy (12” x 12”, hence 100 pc x 100 pc). From Carson et al.
(2015)
formation of massive black hole, moreover they could explain the forma-
tion of some globular clusters and their very peculiar location establishes
a strong connection with the evolution of the host galaxy. We point to the
work by Genzel et al. (2010) for a complete review of the topic.
Around 50-70% of galaxies (late/early type spirals, spheroidal) have
been observed to host a nuclear star cluster (Böker et al., 2002; Carollo et al.,
1997; Carson et al., 2015; Côté et al., 2006; den Brok et al., 2014). Nuclear star
clusters are characterised by high luminosity, 40 times higher than average
globular clusters (Böker, 2010), compact size, with typical half-light radius
is between 2 and 5 pc (Böker et al., 2004) and very high mass, 106 − 108M⊙
(Georgiev & Böker, 2014; Walcher et al., 2005). Multiple generations of stars
have been observed (mostly > 1Gyr old stars but also < 100 Myr) (Böker,
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2010; Walcher et al., 2005),pointing to a complex star formation history,
characterised by several star formation episodes. Moreover, nuclear star
clusters follow similar scaling relations with host galaxy properties as do
SMBHs (Böker, 2010).
The masses of SMBHs are well known to correlate with their host
galaxy properties including the bulge velocity dispersion, the bulge mass
and the bulge luminosity. Interestingly analogous scaling relations have
been found to be valid for nuclear star clusters, in particular the luminos-
ity and mass of these objects have been found to correlate with their host
galaxy properties. This similarity made the community think that SMBHs
and nuclear star clusters can be grouped under the same definition of
“compact massive object” and could share a common formation mecha-
nism. Actually in the recent years it became clear that the scaling relations
for collapsed and stellar objects are not the same, which brought to the con-
clusion that different physical processes regulate star clusters and SMBH
growth. Despite all this, the fact that both these objects show tight correla-
tions with the properties of the hosting galaxies suggest at least a coevolu-
tion. The coexistence of nuclear star clusters and SMBHs was confirmed in
some galaxies (Seth et al., 2008). Graham & Spitler (2009) found that mas-
sive bulges only host SMBHs, but no nuclear clusters, while in low-mass,
pure disk galaxies the mass of the star cluster is dominant. The observa-
tional difficulties to observe such compact objects leave the link between
SMBH and nuclear star cluster still not fully understood.
The formation scenario of this type of cluster is still unclear. A first the-
ory hypothesises that the massive cluster did not formed in the center of
galaxy but got there by dynamical friction or other mechanisms (Andersen
et al., 2008; Capuzzo-Dolcetta & Miocchi, 2008; Tremaine et al., 1975), after
having formed somewhere else. This process is potentially followed by dry
mergers (i.e. gas free) with other clusters (Andersen et al., 2008; Antonini,
2013a; Mastrobuono-Battisti et al., 2014). A second hypothesis theorises in-
situ formation (Milosavljević, 2004), which means that gas falls (episodi-
cally) on to the galactic centre, triggering star formation in the central few
parsecs and eventually the NC formation (Aharon & Perets, 2015).
Both these scenarios present problematic aspects. The in-situ scenario
is not able to retrieve the properties expected from the scaling relations
between the nuclear star cluster and the hosting galaxy, while the migra-
tion model seems to be more successful in this respect (Antonini, 2013a;
Hartmann et al., 2011). Moreover it is not clear how the gas can accumu-
late in the centre in absence of high central mass concentration (Böker,
2010), some viable solutions seem to be invoke magneto-rotational insta-
2.4. NUCLEAR STAR CLUSTERS 
bility (Milosavljević, 2004) or compressive tidal fields (Emsellem & van de
Ven, 2008). Antonini et al. (2015) found that in situ star formation as well
as growth through migrating clusters reproduce the observed star cluster-
host galaxy scaling relations. However, the observed correlations between
colors and luminosities and the complex star formation histories may be
difficult to explain only through merging (Antonini, 2013b), unless there is
some mechanism able to transport gas towards the nucleus and support re-
current star formation (Emsellem & van de Ven, 2008; Milosavljević, 2004).
The two scenarios are not auto-excluding and they both probably
played a role (den Brok et al., 2014). Very recently a new scenario (“wet
migration”) has been proposed (Guillard et al., 2016), suggesting that the
star cluster forms ex-situ in the galactic disc and it is dense enough to re-
tain a gas reservoir which allows a prolonged star formation activity (100
Myr). Then though dynamical friction and interactions with the rest of the
disc the star cluster migrates to the galactic centre. Possible (wet) merg-
ers with other dense clusters produce mass increasing and star formation
quenching.
























































































































































































































































































































































































































































































































STAR AND STAR CLUSTER
FORMATION
Figure 3.1: Nymphéas, Claude Monet, 1908, Dallas Museum of Arts. From
Wikipedia.
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Star formation can be compared to a painting of Monet. One of those
representing waterlilies or flowery gardens. The absolute perfect resem-
blance of the painting to reality makes it appear easy, easy to decipher, to
understand, to decompose: waterlilies and water, only green, blue, white,
some violet. However, the closer the observer looks at the painting (or at
star formation), more details appear and one realises that there are tens of
brush strokes of other ten different green or blue shades. The risk of virtu-
ally drowning in the pond is high and diving so much into this complexity,
not to be able anymore to distinguish plants from water, but seeing only
traits and colours.
Studying star formation theory is like wanting to reproduce a painting
of Monet. The basic image, the basic concept is extremely clean, but it lasts
very short before the true complexity of the phenomenon is revealed and
one understands that many distinct effects and important details must be
taken into account in order to give a realistic representation.
We will start from the naive image, correct but simplified. And then
we will introduce more and more brush stokes, of imperceptible different
tones, to get a more realistic effect.
Stars originate from molecular clouds. Molecular clouds are very frag-
mented and clumpy environments, hierarchically organised in clumps and
then cores. The whole ensemble contracts under its own gravity and some
clumps are compressed at the point they are gravitationally bound, these
are the locations where star clusters are expected to form. Clumps have
themselves a high degree of internal substructure (cores), characterised by
large density contrasts. Being gravitationally unstable, some of these den-
sity fluctuations begin to collapse on a short time scale and eventually form
a protostar. Protostars are not yet fully developed stars and keep accret-
ing gas from the surrounding. Meanwhile, gravitational instability might
cause some cores or clumps to merge, hence creating systems of protostars
which could start interacting dynamically, causing ejection of lower-mass
objects. Newly born stars affect the environment though stellar evolution
feedback effects. In particular the feedback from massive stars is thought to
be responsible for the gas dispersion, which terminates the star formation
and accretion processes. The final outcome is a gas free, brand new, bound
or unbound star cluster1.
1The main comprehensive works on star formation we generally refer to for this Chapter
are the reviews by Klessen & Glover (2016); Krumholz (2014) and the textbook Stahler & Palla
(2005).
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Figure 3.2: Schematic representation of the star cluster formation process.
From Klessen & Glover (2016).
3.1. Molecular clouds
Molecular clouds are turbulent, fragmented interstellar clouds, composed
mainly by hydrogen in molecular form (but also helium, dust and metals).
They are usually embedded in more diffuse regions of atomic hydrogen in
interstellar space. A complete review is given by Hennebelle & Falgarone
(2012), here we will report the most interesting properties and most recent
results not included in the review.
According to Heyer & Dame (2015), the molecular mass in our Galaxy is
(1.0 ± 0.3) × 109M⊙, 25% of which has been catalogued as 1064 molecular
clouds (Rice et al., 2016), mainly confined in the spiral arms of the galaxy
(see Figure 3.3).
When dealing with molecular clouds, average properties varies signif-
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Figure 3.3: Locations of the catalogued molecular clouds (cyan full circles)
in the Milky Way (representation). The star indicates the position of the
Sun, the areas of the cyan circles are proportional to cloud masses. The
purple circles indicate the solar circle (solid line) and the inner tangential
circle (dashed line). From Rice et al. (2016).
icantly due to their nested nature and depend on the scale considered. Gi-
ant molecular clouds have typical mass around few 105M⊙ and upper limit
slightly above 106M⊙ (Clarke et al., 2015). Clumps and cores are both a cou-
ple of orders less massive, respectively 10−103M⊙ and 0.1−10M⊙ (Klessen,
2011). The cloud mass spectrum in our Galaxy can be described generally
by a power-law (dN/dm ∝ mγ), whose index and profile depend on the
location in the Galaxy (Rice et al., 2016). In the inner part, the behaviour is
best described by a truncated power law with index γ = −1.6 ± 0.1 and
truncation mass M0 = (1.0 ± 0.2) × 107 M⊙. In the outer parts the best fit
is represented by a steeper power law with index −2.2 ± 0.1. It should be
noticed that in this case the mass spectrum does not exhibit a sharp trunca-
tion, but we find no cloud over (1.5± 0.5)× 106M⊙ (Rice et al., 2016). Sim-
ilar results are available for other nearby galaxies (Colombo et al., 2014;
Rosolowsky, 2005). This seems to suggest that the higher density inner
Galactic environment favours the formation and survival of more massive
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molecular complexes, while the outer parts is limited to lower mass clouds.
The typical size goes from 2 to 20 pc for molecular clouds, down to
0.1 pc for the substructures, which yields a mean density ranging between
102 − 103 H2/cm3 on large scale and > 105 H2/cm3 for the dense prestellar
cores (Klessen & Glover, 2016).
Kinematics properties of molecular clouds are obtained through the
analysis of molecular line emission, mainly CO, which provides an esti-
mated of the internal velocity dispersion via Doppler shift. The outcome
values are between 1-10 km/s on large scale and 0.2-0.5 km/s on the small
scale (Klessen & Glover, 2016).
The most fundamental result about molecular cloud properties is that
these turn out to be correlated with each other. The inter-relationships be-
tween mass, linear size and velocity are known as “Larson’s Laws”. In their
original form (Larson, 1981) these are:
• Velocity dispersion (σ) is proportional to the cloud size (L), σ ∝ L0.38
(size-linewidth relation) ,
• Cloud density (nH2 ) is inversely proportional to cloud size, nH2 ∝
L−1,
• Velocity dispersion is proportional to the cloud mass (M), σ ∝ M0.20.
This result is important to understand the origin of molecular cloud
systematics. The first law was immediately interpreted in terms of turbu-
lence, due to the similarity with the predictions of the Kolmogorov theory
(Kolmogorov, 1941). According to Kolmogorov the velocity field in incom-
pressible turbulent flows turns our to be self-similar across different ve-
locity scales, due to the cascade of energy from large to small scales. The
velocity in this case scales as L1/3 (Kolmogorov, 1941), extremely close to
the Larson’s first law. More recent surveys gave a new estimate of the size-
linewidth exponent ∼ 0.5 (Falgarone et al., 1992; Heyer et al., 2001; Rice
et al., 2016; Solomon et al., 1987), which was by some interpreted as confir-
mation that this law arises from the the cloud being in virial equilibrium
(see also next law) (Heyer & Dame, 2015).
However, such a divergence from the Kolmogorov predictions should
not be surprising, since molecular clouds can not be treated as incompress-
ible fluids. Moreover, the velocity dispersion predicted by the first Larson’s
law results much higher than what obtained from linewidth measurements
due to thermal motions at typical temperature in a cloud (∼ 10 − 20 K),
pointing in the direction of a supersonic state. If we consider other cat-
egories of turbulence, such as the pure-shocks Burgers’ turbulence, we
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get a closer agreement for the velocity scaling exponent. In general, a
spectral slope which lies in between the Kolmogorov’s value (-5/3) and
the Burgers’ value (-2). turns out to be in better agreement with observa-
tions (Boldyrev, 2002; Boldyrev et al., 2002). Recent numerical simulations
proved that the size-linewidth σ ∝ L1/2 is consistent with supersonic tur-
bulence (Federrath, 2013; Kritsuk et al., 2013).
The second law states basically that the surface density should be
roughly constant, which is what was initially observed (Heyer et al., 2009;
Solomon et al., 1987), but that clearly cannot be true down to every scale
otherwise there would be no contrast between substructures. Lombardi
et al. (2010) showed that the actual average surface mass density is a func-
tion of the specific extinction threshold, therefore different clouds have al-
most identical average surface densities above a given extinction thresh-
old. Moreover the authors show that the second Larson’s law does not hold
within single clouds, indicating that individual clouds are not objects that
can be described by a constant surface density. Nevertheless, they found
molecular clouds exhibit, as universal feature, a log-normal surface den-
sity distribution.
The third law can be derived from the previous two and accounts for
the role of gravity in shaping the properties of the clouds. Indeed, this re-
lation can be rewritten, using the size-linewidth, as σ2 ∝ GM/L, which
tells Ekin ∝ Egrav , the proportionality being consistent with virial equilib-
rium (see Section 3.2.2.1). This lead the conception that molecular clouds
should be expected to be mostly bound and in approximate virial equilib-
rium. Several contrasting studies proved the limitations of such a strong
belief (e.g. Dib et al. 2007; Morata et al. 2005)showed that molecular clouds
are virialised only for surface densities higher than 100 M⊙ pc
−2, on the
other side (Heyer et al., 2009) claims that molecular clouds sampled by this
survey are in virial balance. Dobbs et al. (2011) questions this last results
using the same set of observations and data from Solomon et al. (1987).
The debate concerning which Larson’s law is the most fundamental and
whether is mainly turbulence or gravity responsible for the properties of
molecular clouds, remains open.
A full analysis about the physical mechanisms determining the struc-
ture of molecular clouds and the theory of their formation is beyond the
aims of this thesis. Probably the wiser position is to admit that both mech-
anisms must play a role somehow. The fact that supersonic turbulence is
in approximate virial balance with self-gravity signifies that turbulent and
gravitational energy density are of the same order of magnitude in molec-
ular clouds (both exceeding the thermal energy contribution). This implies
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that on large scales turbulence can support clouds against contraction. On
smaller scales fluctuations in the turbulent velocity field allow the creation
of high density peaks, which can result in localised collapse. However, this
density enhancements can be dispersed as fast as they have been created
(Klessen, 2011). We will see in the the next section that the timescale over
which the collapse takes place is a crucial parameter: to be successful, the
collapse timescale must be shorter than the timescale over which density
fluctuates, which is set by the frequency of turbulence induced shocks. For
supersonic turbulence the density enhancement is strong but highly tran-
sient.
Molecular clouds are characterised by Mach numbers ≥ 5, up to 50
(Klessen, 2011). On the scale of clumps turbulence is still supersonic with
Mach number values, between 2 and 15, which would in some cases pro-
duce density fluctuations exceeding the threshold for gravitational col-
lapse to set in. However the supersonic nature of turbulence at this scale
cause the fragmentation of the clumps in smaller cores, instead of the col-
lapse into a one massive object. Finally at the scale of cores turbulence be-
comes subsonic and this allow gravity to proceed in the collapse of single
(or binary) stars. A summary of the turbulent energy spectrum at different
scales is represented by Figure 3.4 from Klessen (2011). The scale, at which
velocity (therefore energy) transitions from supersonic to subsonic, can be
directly computed from the first Larson’s law and is called sonic scale. In
molecular cloud cores this is ∼ 0.1 pc. In numerical experiments of star
formation (see Chapter 5), it is of crucial importance being able to resolve
the sound scale, since it is the scale over which stars form. This process
is defined as gravoturbulent fragmentation, a detailed study can be found in
Mac Low & Klessen (2004).
In the previous considerations we completely neglected the effect of
magnetic fields. Measurements of magnetic field strength in molecular
clouds are in general problematic, therefore the estimates are still very
sparse. The current results, using Zeeman effect and dust polarisation tech-
niques, vary between 0.5 and 50 µG (Chapman et al., 2011; Crutcher et al.,
2010). This suggests magnetic energy is non-negligibile in molecular cloud,
generally comparable with the turbulent and gravitational contributions.
It is therefore in principle important to take the magnetic field into ac-
count, since strong magnetic fields can prevent the cloud collapse (sub-
critical cloud). Most observations indicate that molecular cloud are mainly
supercritical (Crutcher, 2012, and references therein), which means mag-
netic pressure is insufficient to balance gravity, however in most cases we
are talking about slightly supercritical clouds. Therefore, due to the high
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Figure 3.4: Turbulent energy spectrum as a function of the wavenumber k.
Small values of k corresponds to large scales (L), large values of k to small
scales (ηµ). From Klessen (2011).
variability of field strength from cloud to cloud, the possibility that some
structures may be magnetically supported stays open.
One of the main tests for star formation theories is deriving the correct
stellar initial mass function (IMF). In the previous chapter we saw most
open clusters are characterised by a Salpeter power law (dN/dm ∝ mα,
with α = −2.35) profile for high-masses and a log normal or shallower
power law for low masses. The mass function of molecular pre-stellar
cores, originated from the gravoturbulent fragmentation process (Chabrier
& Hennebelle, 2011; Guszejnov & Hopkins, 2015; Padoan & Nordlund,
2002), has an extremely similar behaviour, with α = 2.5 for M ≥ 0.5M⊙
and α = 1.5 for M ≤ 0.5M⊙ (e.g. Alves et al. 2007; André et al. 2010; Motte
et al. 1996; Olmi et al. 2013; Sandell & Knee 2001). An exact matching of the
two mass functions would imply a star formation efficiency around 30%
(Alves et al., 2007). However, this direct mapping between core and stel-
lar mass functions should be considered with caution: Clark et al. (2007)
warns about the fact that clumps of varying mass are likely to have varying
lifetimes. How it will be clear after the next section, the authors explains
that, if we assume all cores contains one Jeans mass, low-mass cores will
have higher density, therefore shorter free-fall time. This means that cores
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of different masses will evolve on different timescales, producing a steeper
outcoming stellar mass function. Padoan & Nordlund (2011) argue that in
observations there is no trace of such a correlation between mass of the
cores and density, hence varying lifetimes are not an issue.
From the thermodynamical point of view the temperature of the molec-
ular clouds is determined by interplay of heating, mainly due to ionisation
by cosmic rays, and cooling, mainly due to line radiation from molecules,
especially CO (Goldsmith & Langer, 1978). In general, these structures
can be considered roughly isothermal, with temperatures around 15-20 K
on cloud scales and around 10 K on pre-collapsing core scales (Bergin &
Tafalla, 2007). In the next section we will see how the temperature turns
out to be a fundamental parameter for the collapse and that during the
collapse the thermodynamical state of the cloud will change dramatically.
3.2. Gravitational collapse
Now that we described the properties of molecular clouds, we will focus
on the physics of the gravitational collapse from an analytic perspective, to
better understand under which conditions the collapse takes place and the
timescale involved. The following derivation is mostly based on the classic
reference textbooks Binney & Tremaine (2008) and Shu (1991).
The basic equations of hydrodynamics are derived by taking the mo-
ments of the Vlaslov-Boltzmann equation, which describes the evolution
of the phase-space particle distribution function of an infinitesimal fluid
element. The result is the Euler equations.
∂ρ
∂t
+∇ · (ρv) = 0 (3.1)
∂(ρv)
∂t
+∇ · (ρ(v ⊗ v) + P ) = ρa (3.2)
∂E
∂t
+∇ · (E + P )v = ρa · v, (3.3)
where (all quantities refer to the fluid) ρ is the density, v the velocity, a
the acceleration, P the pressure tensor, E total fluid energy density and
P is the scalar pressure2. These equations govern the gas dynamics and
encapsulate three main conservation laws (mass, momentum and energy).
In case of self-gravitating fluids and under the assumption of spherical




+ v · ∇), it is possible to have an
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symmetry, ρ = ρ(r), P = P (r)1 and a = −∇φ. The gravitational potential
is given by the Poisson equation
∇2φ = 4πGρ. (3.7)
An important starting point to study the collapse of a system is actu-
ally determining its condition of equilibrium. The equilibrium solution is
obtained by requiring a stationary status (∂/∂t ≡ 0) and zero velocity. With






= −∇φ , (3.8)
which is known as hydrostatic equilibrium equation. This says that at equi-
librium the pressure gradient oppose the gravitational force, preventing
the collapse or the dispersion of the cloud. If the inward force prevails, the
system collapses ( 1ρ
∂P
∂r < −∇φ), and we can at least qualitatively estimate
the timescale of this process. If we assume the difference between the op-
posing effects to be of the same order of magnitude as the gravitational





| ∼ |∇φ| (3.9)
we can estimate the timescale over which density changes. Let’s consider
equation 3.5. Reorganising a bit the terms, we obtain an approximation for
the fractional change of density
∆ρ
ρ
∼ −(∇ · v)∆t ∼ (∇ · (∇φ∆t))∆t. (3.10)
Recalling now the Poisson equation (3.7),

















= −P∇ · v (3.6)
also called Lagrangian formulation.
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The timescale over which density changes happen is of order
∆t ∼ (Gρ)−1/2 . (3.13)
This is indeed the free-fall timescale. The exact expression will be derived in
the next section.
3.2.0.1. Free-fall timescale
Thanks to Gauss’ flux law, we know that the gravitational field of an ho-
mogeneous sphere of density ρ0 and initial radius r0 computed in a point
outside the sphere is equivalent to the one generated by a point particle
with M = 43πρ0r
3
0 located at the centre of the sphere. We can therefore
tackle the problem of the collapse of a gravitating sphere, simply as the
free-fall of a test particle towards a point mass (M) at the centre.
The easiest way now is to impose the energy conservation law. We as-
sume that initially the particle mass is at rest at an initial distance r0 and it



























We now take the negative solution of the square root of the right-hand side,
since we want the test particle to move towards the massive particle, to get










By inserting M = 43πρ0r
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To solve this differential equation, it is convenient perform the following
change of variable,
r = r0 cos
2 φ , (3.19)




















































where φ0 = 0 and φ = π/2 (corresponding respectively to r = r0 and






















We finally obtained the expression for the free-fall timescale, which, as an-






It is important to stress how there is no dependence on the size of the cloud,
but exclusively on the density. If we consider the characteristic molecular
cloud densities quoted in the previous section, the typical collapsing times
go from 2 Myr (for the large structure) to 0.1 Myr for the densest cores.
In the derivation we assumed that the collapse proceeds spherically,
without any preferential direction, however under real conditions (angu-
lar momentum, magnetic fields..) a molecular cloud usually flattens first
along one direction, creating almost a disk whose collapse proceeds slower
due to the presence of rotation, hence this is just an approximation. We will
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see in Chapter 4 how the free-fall timescale effectively represents the dy-
namical timescale of gravitational interactions of a system of particles.
To characterise even further the process of collapse we need to deter-
mine the spatial scale over which it occurs, therefore we need to analyti-
cally introduce perturbations to the equilibrium.
3.2.1. Jeans’ Mass and Length
Here I present the classic argument of the Jeans instability criterion (Jeans,
1902), which derives a critical mass and length for which the collapse can
take place. The idea is to study the small fluctuations in an infinitely ex-
tended, homogeneous, self -gravitating gas using linear perturbation anal-
ysis.
The basic equations to be used are the first two Euler’s equations, Pois-
son’s equation and an equation of state. The most simple choice is to as-
sume an isothermal equation of state, P = c2sρ (with cs being the sound
speed), which is in line with observed properties of molecular clouds.
∂ρ
∂t
+∇ · (ρv) = 0 (3.27)
∂v
∂t





∇2φ = 4πGρ. (3.29)
The initial condition is a static background configuration, characterised
by
ρ0 = const (3.30)
v0 = 0. (3.31)
If we plug these values in equation 3.28 we face a first inconsistency. In-
deed, we get
∇φ0 = 0, which implies ∇2φ0 = 4πGρ0 = 0 (3.32)
which means that the background state is not a solution. The problem
arises from the fact that imposing constant density and zero mean velocity
both to the Euler and Poisson equations is incompatible, unless the value
of density is also zero. From a physical point of view, the second Euler’s
equation requires the balance between pressure gradient and gravitational
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attraction to have a static system, hence the absence of the first one forces
also the second one to be null. On the other hand, Poisson’s equation does
not “detect” the pressure gradient and just compute a gravitational poten-
tial from the background density. This problem can be avoided with an
expedient, the so called “Jeans swindle”, which consists in ad hoc requiring
the Poisson’s equation to be valid only for the perturbed quantities, and
not for the background initial values. The initial unperturbed potential is
assumed to be zero.
Let’s now assume small perturbations around the initial state
ρ = ρ0 + ρ1, ρ1 ≪ ρ0 (3.33)
v = v1, |v1| ≪ cs (3.34)
If we insert them in equations 3.27-3.29 and linearise the outcome, we get
∂ρ1
∂t








∇2φ1 = 4πGρ1. (3.37)
This system can be rearranged in only one equation, by taking the diver-








∇2ρ1 − 4πGρ1, (3.38)
then switching divergence and temporal derivative in the first term, and
eliminating ∇ · v1 using equations 3.35, yields to
∂2ρ1
∂t2
− c2s∇2ρ1 = −4πGρ0ρ1 . (3.39)
The similarity of this last expression to the general formula for wave equa-
tions, with the addition of an extra term, justifies the assumption of a pla-
nar wave as ansatz solution,
ρ1(x, t) = ae
i(kx−ωt) . (3.40)
The dispersion relation is obtained once the ansatz is substituted in equa-
tion 3.39
ω2 = |k|2c2s − 4πGρ0. (3.41)
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We face now two different cases. A first possibility is that ω is real, that is
k is large enough to have |k|2c2s − 4πGρ0 > 0, and this mens that the per-
turbation is stable and varies periodically in time, but the amplitude does
not increase progressively. On the other hand, for large values of density,
|k|2c2s − 4πGρ0 < 0, which means ω would be imaginary and therefore
perturbations would grow exponentially with time. This second is a case
of unstable equilibrium, which gives rise to gravitational collapse. If we





The right hand side of the equation gets more negative the larger λ is. This
means perturbations with larger wavelengths have higher growth rate and
collapse faster. The border value between stable and unstable perturbation






called Jeans length. This condition define the scale of the collapse: perturba-
tions with wavelength larger than λJ are unstable. It follows, that a molec-
ular core whose size is larger than the Jeans length can not be supported
by thermal pressure and inevitably undergoes gravitational collapse. It is
sometimes more convenient to use the Jeans mass to determine the condi-









in this case the collapse proceeds for M > MJ . If we assume for simplicity












with kB being the Boltzmann constant, µ the mean molecular weight and
















∝ T 3/20 ρ
−1/2
0 . (3.46)
 CHAPTER 3 - STAR AND STAR CLUSTER FORMATION
The Jeans mass has a direct dependence from temperature and inverse
from density. It is now clear that a fundamental reason why stars form in
molecular cloud is because here the Jeans mass is low, being these clouds
cold and dense. Equations 3.43 and 3.46 can be expressed using normalisa-
















where in this case T is the temperature and n is the number density of
hydrogen (Clarke et al., 2015).
The influence of temperature on the Jeans mass, and therefore the col-
lapse, translates into the so called fragmentation process. During the initial
phases of collapse, still at low density, molecular gas contracts but remains
almost isothermal, because emitted radiation from fine structure transition
in CO molecules act as a cooling and the medium is still optically thin to
this photons. During this phase the Jeans mass decreases since, the temper-
ature is constant and the density raises. This means smaller and smaller
clumps of the original cloud may be unstable, a process known as frag-
mentation of the cloud, which implies less massive stars are formed. As
the collapse proceeds and the density increases (ρcrit ∼ 10−13gcm−3), the
cloud becomes optically thick to its own infrared radiation, which has now
a mean free path comparable with the cloud size. In this way the heat gen-
erated from the compression can not be radiated away and determines an
increase of temperature. The gas has transitioned to an adiabatic phase
(also called first hydrostatic core or first Larson core (Larson, 1968)), with
P ∝ ρ5/3 initially, and P ∝ ρ7/5 when the H2 rotational degrees of free-
dom get excited. The higher temperature causes the Jeans mass to increase
again, putting an end to further fragmentation. The opacity limit sets the
minimum Jeans mass around 10−2 M⊙ for density ∼ ρcrit (Goodwin et al.,
2007). This mechanism is repeated when the core reaches ∼ 2000 K, gravita-
tional energy is employed to dissociates molecular hydrogen, the thermal
support is lost and a second isothermal collapse begins. This ends once
more with the creation of an another Larson core, the second one, also
called stellar core. This happens for densities ∼ 10−3g/cm3, for which all
hydrogen molecules have been dissociated. During the second collapse, a
new fragmentation can take place, probably at the origin of the formation
of primordial close binary stars (Goodwin et al., 2007).
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3.2.2. Virial theorem
The virial theorem is a fundamental result of classic statistical mechanics,
which finds numerous applications in the astrophysical context. It ca be
seen as a consequence of hydrostatic equilibrium, representing a volume-
average expression of it We will derive here the general formulation, which
can lead to the very (ab-)used concept of virial equilibrium. As for simplic-
ity, we will neglect magnetic support, but we will discuss at the end the
consequence of an eventual inclusion of it. In comparison with the previ-
ous stability analysis, this theorem provides a more general discussion. We
will show at the end how we can a posteriori retrieve the Jeans’s mass and
length from it.





Assuming Lagrangian coordinates, which means that our system of ref-
erence is moving with the fluid, we compute the first time-derivative of
the tensor of inertia, using Reynolds transport theorem in case of specific vari-
ables3. Indeed, ρrirj is a specific quantity and so the time derivative of its
3Reynolds transport theorem: If C =
∫













In the special case where α is a specific quantity, which means can be expressed in the form
α = ρA (with ρ indicating the usual density), it is trivial to show that the Reynolds transport
theorem reduces to compute the Lagrangian derivative of the A. This can be demonstrated

























The first and third term of the integral cancel each other thanks to the continuity equation




+ v · ∇ (see
previous footnote). In cases where α = ρA, we can therefore rewrite the time derivative of
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integral is performed through a lagrangian derivative DDt =
∂

















ρ(rivj + rjvi)dV . (3.55)
To calculate the second derivative in time of Iij we apply once more
the Reynolds transport theorem at equation 3.55, noticing that also ρ(rivj+









































The first term in equation 3.58 can be identified as twice the kinetic energy
tensor Kij of the gas and the second one is the left hand side of the mo-
mentum conservation equation in lagrangian form. Until here the deriva-
tion was very general, but now we need to make some assumptions on the
physical properties of our fluid, which will determine the terms appearing
in the momentum equation. In principle we could now include forces of
various nature at this point (magnetic, radiation...), but for sake of simplic-
ity we will assuming a basic inviscid fluid subject to gravity and thermal
pressure.
Keeping in mind that in our case the acceleration is given by the gravi-




= ρgi − ∂kPki, (3.59)
in the second term of the integral 3.58, assuming for simplicity that P =










ρriaj + ρrjai − ri∂kPδkj − rj∂kPδki dV. (3.60)
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We compute now the trace of the previous expression to retrieve the scalar








ρ r · g dV −
∫
Ω(t)
r · ∇P dV. (3.61)
We can now rewrite the second integral in the right hand side using the
relation ∇ · (Pr) = P∇ · r + r · ∇P and split it into a volume and surface
term with Gauss’ divergence theorem. We then get the final expression for































Let’s now focus on each term. The first one, as already said, is exactly
double the kinetic energy. The second one is the one which actually gives
the name to the theorem, indeed is called the virial term. Etymologically,
virial is connected with the latin word (vis) which means force (also energy
in some sense) and in fact this term includes the acceleration. It is probably
the most misunderstood term of the equation, since it is very often con-
sidered to be simply the gravitational energy. However, this is true only
under the specific assumption of isolation, that is if the gravitational po-
tential is entirely due to the matter inside Ω(t) exclusively. If the volume
is within a bigger structure, this assumption is not strictly valid anymore
and one should consider second order corrections connected with the tidal
tensor. The third term is related to the internal pressure of the fluid and
can be interpreted as twice the thermal energy for some specific equation
of state (e.g. ideal gas). In this cases kinetic and thermal energy are con-
sidered as one thermal+non-thermal kinetic energy term. The last one is a
surface term related with the external pressure. It can be neglected if the
pressure is constant, since the two pressure terms cancel out or if the exter-
nal pressure is anyway much lower than the internal one. As we said at the
beginning of this section, there can be more sources of energy which enter
the stability analysis and more terms get added in the equation. We can
predict this contribution. In case of inclusion of radiative forces, we have
to account for a new term analogous to the virial one where the accelera-
tion will be due to the radiation. With presence of magnetic fields we will
add a magnetic volume term and surface stress terms. In general, all stress
terms (magnetic, tidal..) will contribute to the equation through a generic
stress tensor, which will replace P in the derivation.
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3.2.2.1. Virial equilibria
The main application of the virial theorem is in conjunction with the so
called virial equilibrium. This apply when d
2I
dt2 = 0, therefore, in the as-
sumption of no surface terms, no magnetic fields, isolated system and
monoatomic gas, the virial theorem reads
2Ekin + Egrav = 0 , (3.63)
where Ekin accounts for kinetic and thermal energies and Egrav is the grav-
itational potential energy. This could be the case of a cloud gas or a star,
supported by pressure only against the collapse. We can therefore also from














where M is the total mass in the system, kB being the Boltzmann constant,
µ the mean molecular weight,mu the atomic mass unit, T is the temperature
and R the size of the system. By equating the two terms and considering

















Of course, this is note the only possible equation of virial equilibrium.
Indeed, if we consider different terms entering the virial theorem, for ex-
ample we assume to have a self-gravitating cloud of gas threaded by a
constant uniform magnetic field B, we can derive the critical condition for
the magnetic field to prevent the collapse. For simplicity, we assume the
magnetic energy is larger than kinetic and thermal, so the virial equilib-
rium equation reads:
Emag + Egrav = 0 . (3.68)
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where in the last expression we replaced the flux of the magnetic field Ψ =








= 0 , (3.70)
from which one can derive a new threshold condition for the magnetic flux






the collapse can proceed. We finally notice that, from this approximated




2 is a constant, also the ratio Ψ/M is fixed,
which means that the condition on the collapse is blocked. If the magnetic
flux is strong enough to halt the collapse, the cloud will never collapse. On
the other hand, if the the flux is too weak, it will never manage during the
contraction, to halt the collapse of the cloud.
3.3. Feedback mechanisms
If what presented so far was the full story about star formation, it would
impossible to reproduce observational results. Indeed, the gravitational
collapse theory is a correct theory but incomplete, it is like if we repainted
the waterlilies by Monet drawing the leaves as round green circles and the
water as homogeneous light blue expanse. For example, the gravitational
collapse theory predicts all the gas mass to be eventually transformed into
stars, however observations contradicts this scenario with only few per-
cent of gas effectively transformed into stellar objects (see Section 2.3.3).
Moreover, a pure free-fall collapse is unable to recover the observed IMF,
since there is an overproduction of massive stars. The fraction of bounded
stars still in cluster is also usually another critical point for simulations,
because they tend to produce mainly bound clusters. If we have a look to
observations of star forming regions, we found presence of warm ISM, X
ray emissions and Hα lines of ionised gas within the molecular gas nebula.
All this need an explanation.
 CHAPTER 3 - STAR AND STAR CLUSTER FORMATION
The quite reasonable assumption behind this is that stars, once formed
and during the formation itself, have deep impact on the surrounding
gaseous environment through their stellar evolution mechanisms and as a
consequence on the star formation process itself. This influence translates
into an injection of energy and momentum into the gas, which is what is
normally referred to as stellar feedback.
Feedback is a general term which includes a list of possible mechanisms
which can shape the medium. The first big distinction within feedback is
made by the timescale over which energy is injected/radiated away, which
is what discriminates between momentum feedback and explosive feed-
back. If the gas is very efficient in radiative cooling the energy injected
from stars, the dominant feedback will come actually from the momentum
injection. Protostellar outflows and radiation pressure are examples of this.
On the other hand, if stars heat up quickly the gas, this latter is un-
able to cool down in less than a cloud dynamical time, therefore this hot,
higher pressure gas violently expands and affects the cloud structure. The
kinetic energy difference between explosive and momentum feedback can
be up to a factor of 400. Examples of explosive feedback are winds from
massive stars, phoionisation and supernovae. On top of this, also the non-
ionising radiation emitted from stars contribute to heat the gas, constitut-
ing a form of thermal feedback. However, this last effect does not affect the
large-structure of the cloud, even if it inevitably influences the fragmenta-
tion process (see section 3.2.1).
We will now describe the main types of stellar feedback. The main ref-
erence for this section are the reviews by Krumholz et al. (2014) and Dale
(2015), which provide an exhaustive treatment to the topic. We will focus
on feedback mechanisms which potentially affect large scales and disper-
sal of the collapsing cloud, hence we will neglect the thermal effect of ra-
diation on the direct surroundings of stars. We will also not discuss the
mutual interaction between distinct feedback processes or the combined
effect of magnetic fields and stellar feedback, because in Chapter 5 the nu-
merical simulations conducted will focus exclusively on photoionisation in
a non-magnetised cloud. We will discuss in that context whether the con-
tributions of other effects is necessary and what are the expected outcomes.
3.3.1. Stellar winds
3.3.1.1. Protostellar outflows
Protostellar objects have been observed ejecting significant amount of their
mass via outflows and jets (Bjerkeli et al. 2016, see Bally 2016 for a review).
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Even if the exact mechanism is not yet know, outflows are though to be the
way the protostellar system can lower the angular moment gained from
the inspiraling material and therefore keep accreting from the circumstellar
disk.
The average velocity Vout of these outflows (estimated as the total
momentum carried by outflows divided by the total mass in outflows)
is around 20-40 km/s (Matzner, 2007). Despite the lower escape veloci-
ties, the main contributors to the outflow average velocity estimate are
low-mass stars, because most of the mass of the cluster is found in them
(Krumholz et al., 2014). This type of feedback is considered important
when stars are generated close in space and time. The main ways outflows
are considered to have an impact on the cloud is trough rapid cloud dis-
persal (Elmegreen, 2007) and/or as sustain for turbulence (Nakamura &
Li, 2014; Tan et al., 2006).
From a theoretical point of view, the momentum injection could give
the cloud a total velocity equal to SFE × Vout, which, taking SFE = 20%
and Vout = 25km/s, means about 5 km/s. For small clouds, this value is
higher than the typical velocity dispersion, hence it could in principle un-
bind most of the cloud (Matzner, 2007; Matzner & Jumper, 2015). However,
one should consider that this works in the assumption that all the outflow
would kick in together at the same time. Among the caveats, we point out
that according to some observations (Arce et al., 2010; Narayanan et al.,
2012), the total kinetic energy of outflows is only 20% the cloud binding
energy, hence outflows alone cannot disperse the cloud, only eventually in
combination with other feedback mechanisms.On the other hand, (Dun-
ham et al., 2014) claims that actual observations underestimate the out-
flows masses and momenta and they are expected to be more energetic
than reported. For small clouds (e.g. L1551) the situation is a bit different
and outflows can produce a significant gas cavity (Stojimirović et al., 2006)
Aside from the unbinding power of outflows, if the momentum injec-
tion happens gradually, then they could maintain turbulence against dissi-
pation and produce as a result an extended star formation and aeduction
of the star formation rate (Li & Nakamura, 2006; Matzner, 2007; Nakamura
& Li, 2014). In this case observations confirm that outflows appear capa-
ble of driving turbulence, with a total energy up to ∼ 30% the turbulent
energy of the cloud (Arce et al., 2010; Bally et al., 2014; Curtis et al., 2010;
Narayanan et al., 2012). The total outflow power results comparable with
the turbulent energy dissipation rate, which means outflows are not only
able to drive turbulence but also to sustain it (Nakamura et al., 2011). De-
spite all this, a full description of how outflow motions are converted into
 CHAPTER 3 - STAR AND STAR CLUSTER FORMATION
turbulence is still an open issue. Moreover, it is still unclear why the out-
flow injection scale is much smaller than the scale at which outflows are
detected. This seems to indicate that outflows can not be the source of tur-
bulence on scales larger than 10 pc and and alternative possibilities should
be considered.
Protostellar outflows directly affect also massive stars formation in the
same clump. In fact, Wang et al. (2010) found that simulated outflows are
responsible for breaking up the dense filaments feeding massive stars at
early times, therefore mass accretion rates of these latter are reduced.
3.3.1.2. Massive hot stars
Massive (> 40M⊙) hot (> 2.5 × 103K) stars produce strong stellar winds,
which can reach very high terminal velocities (∼ 1000km/s) (Vink, 2011).
However, overall the total momentum per star mass is less than the ra-
diation field one, around 20-30 km/s (Krumholz et al., 2014). Wind mass
fluxes are typically 10−5 − 10−4M⊙yr−1 (Dale, 2015). These estimates are
based on stellar models without rotation: the inclusion of this latter is ex-
pected to increase the values for the winds momentum. A certain level of
uncertainty in inevitable, because the process of evolution from massive
stars to luminous blue variable is mostly unknown. The power of stellar
winds as a source for violent feedback resides in the shocks between ter-
minal high velocities winds, which can heat the ISM up to 107K. At such
high temperature, radiative losses can not cool rapidly, therefore the gas
stays warm and an energy-driven, adiabatic flow can be generated. This,
however, assume no leaks, while winds could escape from their expand-
ing shells, hence diminish the effective pressure. The real contribution of
winds to the general dynamical budget is still not clear.
Measurements of X-ray luminosities from the hot post-shock wind gas
in HII regions (M17, Rosette Nebula, Carina Nebula, 30 Doradus) seems to
rule out a determinant role of winds in large-scale dynamics (Lopez et al.,
2011; Pellegrini et al., 2011; Townsley et al., 2011, 2006, 2003). From theoreti-
cal modelling of massive star winds it emerges the crucial effect of leakage.
Indeed in models where this was not taken into account the wind feedback
resulted dominant Arthur (2012); Castor et al. (1975); Silich & Tenorio-Tagle
(2013); Weaver et al. (1977). In principle indeed, the integrated kinetic en-
ergy of winds is comparable with the one injected by supernovae. How-
ever, according to Clarke et al. (2015), the minor effect of winds can be
ascribed to the highly inhomogeneous front seen by massive stars, which
typically form at the intersection of massive filaments and hence are sur-
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rounded by a highly anisotropic distribution of gas. The winds produces
can therefore escape through low-density channel.
Examining different mechanism through which clusters can lose the
wind energy (radiative cooling, mechanical work on the gas, thermal con-
duction, collisional dust heating, and physical leakage of hot gas), Rosen
et al. (2014) found that large fractions of the it is lost via leakage of hot wind
gas through holes in the bubble shell, created by stellar feedback itself or
due to the expansion of the shell in a non-uniform ISM. As alternative they
also found that hot gas could lose a significant amount of energy by mixing
with the cold gas, followed by thermal conduction at the turbulent inter-
face.
The first scenario found confirmation in the numerical simulations by
Rogers & Pittard (2013), which claims that the hot gas due to shock heated
stellar winds from O stars flows out from the cloud via low-density chan-
nel. Other recent simulations (Fierlinger et al., 2016) found that the radia-
tive losses peak during the pressure-driven phase of the stellar wind gener-
ated bubble are located near the contact discontinuity. The scales of mixing
processes across the discontinuity set the amount of retained energy. When
combining the effect of winds with other sources of feedback (supernovae,
photoionisation), Dale et al. (2014); Peters et al. (2016) found that the im-
pact of winds is minimal.
3.3.2. Radiation-gas interaction
3.3.2.1. Radiation pressure
Radiation pressure is strictly speaking a force, which in some specific cases
can be written as pressure-gradient force, and in this cases the term “ra-
diation pressure” is appropriated. In general, radiation generated by stars
transfers momentum to the surrounding cloud, this is what is defined as
radiation force (Krumholz et al., 2014). The radiation we are talking about
is both the direct optical and ultraviolet (UV) emission from (mainly) mas-
sive stars and the infrared (IR) radiation coming from dust. In the first cases
we are dealing with anisotropic photons which interact with the gas once,
deposit their momentum and free-stream away. In the case of dust, if the
cloud density is enough to be opaque to IR radiation, the emitted infrared
photons are trapped and they can effectively be considered isotropic ra-
diation. In this specific, case photons effects can be described in terms
of pressure, which drives the expansion much more efficiently than sin-
gle kicks momentum transfer. UV photons are trapped only in the inte-
rior of stars, otherwise their effect is of direct radiation force. Rosdahl &
 CHAPTER 3 - STAR AND STAR CLUSTER FORMATION
Teyssier (2015) found that the effects of radiation force becomes compara-
ble to photoionisation heating only for ultra-compact region with density
higher than 10−15g/cm3 and size smaller than 10−3pc.
Theoretically (Krumholz & Matzner, 2009; Murray et al., 2010), the
effect of pressure from infrared radiation has been usually modelled
parametrising the fraction of photons trapped in an opaque cloud. This
parameter f measures how effective the radiation force is. If f >> 1, then
photons have many interactions with the medium and radiation pressure
would have large effect on the cloud, while, if f =1, photons deposit their
momentum at the first absorption and escape. This technique was used in
larger scale simulations (galaxy formation) as radiation pressure subgrid
recipe (Agertz et al., 2013; Hopkins et al., 2011), in which single scatter-
ing ionising radiation is boosted with a photon trapping factor, depen-
dent on the optical depth of the cloud to infrared radiation. Clearly, the
choice of value assumed by this parameter has huge impact on the out-
come of the simulation, resulting in contrasting conclusions from differ-
ent studies. More recent radiation hydrodynamics simulations (Raskutti
et al., 2016; Skinner & Ostriker, 2015) found that in these subgrid mod-
els the true reprocessed radiation could be overestimated by a factor of
5. They found also that reprocessed radiation could be able to eject con-
siderable amount of mass from a cloud and affect star formation, only for
opacity values and dust abundances higher than what expected for Solar
metallicity. Krumholz & Thompson (2013) also found that the trapped pho-
tons parameter is close to one, due to the contrasting effect on Rayleigh-
Taylor instability on the gas configuration which allows photons to escape
trough optically thin bubbles and therefore causes the reduction of mo-
mentum transfer rate. The overall picture seems to suggest that, even if on
small scales radiation forces can be stronger than gravity, radiation pres-
sure eventually fails to stop accretion (Krumholz et al., 2014). Kuiper et al.
(2010) reached the same conclusion, without invoking Rayleigh-Taylor in-
stability, but taking into account frequency-dependent radiative feedback
and dust sublimation front.
From an observational point of view, it is not yet established the impor-
tance of observed radiative pressure, due to contrasting conclusions for the
HII region 30 Doradus (Lopez et al., 2011, 2014; Pellegrini et al., 2011). De-
spite disagreement on the importance of radiation pressure on small scale,
a general conclusion seems to be than the effect of these type of feedback
are anyway secondary respect to the dominant effects of warm ionised gas
pressure in this region.
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3.3.2.2. Photoionisation
A large part of very hot and massive stars’ spectrum is represented by ion-
ising radiation. The interaction of photons of energy > 13.6 eV with neu-
tral hydrogen gas gives rise to what is called HII region, which is basically
a bubble of ionised gas. The basics properties of this region can be derived
analytically (Strömgren, 1939). The number of ionising photons per sec-
ond emitted is represented by QH . These photons once emitted constitute
an ionisation front which expands progressively. Photons deposit the en-
ergy onto neutral atoms, ionising them, and then stream away. The new
photons emitted will therefore ionise more and more distant atoms. If the
cloud has a number density n0, the assumption of neutrality requires that
when the cloud gets fully ionised than the number density of ions and
electrons is equal to n0, i.e. n0 = nions = ne. However, while the ionisation
front advances, some ions recombine with electrons. Some photons will
therefore do not contribute to expansion of the front but they will re-ionise
recombined atoms. When the recombination rate equals the ionisation rate,
a stationary situation is reached and the HII region will have reached a con-
stant volume of radius RS . The volumetric recombination rate is given by
αneni = αn
2
0, where α is the recombination coefficient (considering only
recombinations to states above the ground one).The volumetric ionisation
rate quantifies the number of atoms ionised per second per unit volume




4πr2hνανdν, where Lν is the luminosity of the
star and αν is the photoionisation cross section. It can be demonstrated that
the ionisation rate is equivalent to 3Q04πR3 , where Q0 is the emission rate and
R is the extent of the HII region. Equating recombination rate and emission













Due to highly energetic photons absorption, the ionised gas inside the
Strömgren sphere heats up to temperature ∼ 104K. At this temperature
metal cooling is not particularly efficient. Therefore the temperature dif-
ference between ionised and neutral gas outside the nebula (10-100K), will
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determine the onset of an overpressure inside the HII region, which will
drive the expansion even further. The radial evolution of this second phase











where RS is the initial radius, equal to the Strömgren sphere radius and ci
is the sound speed of the ionised gas.
From an observational point of view, HII regions are very well stud-
ied at radio and infrared wavelength and can be found in diffuse (1-30
pc) or more compact (0.01-0.5 pc) configurations. In ultra-compact HII re-
gions the density can be higher than 105 particles pc−3. They are usually
not characterised by a regular spherical shape, but, depending on the sur-
rounding mass distribution variations, can have cometary, elongated or ir-
regular morphologies (Fuente et al., 2010; Hampton et al., 2016).
Theoretically, photoionisation is expected to stop the growth of mas-
sive stars, however results from observations and simulations indicate the
opposite (Klaassen & Wilson, 2007; Peters et al., 2010). On larger scale,
photoionisation is expected to drive turbulence (Dale et al., 2012b; Walch
et al., 2012) and destroy the parent molecular clouds. However, on this
last point there is some disagreement when dealing with turbulent, struc-
tured clouds. Some simulations suggest photoionisation is very effective in
destroying 104M⊙ clouds within 1 Myr (Walch et al., 2012), others found
that the success of photoionisation depends on the cloud’s escape veloc-
ity, reaching a maximum for clouds with escape velocities <10 km/s (Dale
et al., 2012b). We will come back on this extensively in Chapter 5, when
describing the outcome of our simulations of star cluster formation.
3.3.3. Supernovae
The last stage of massive stars (> 8M⊙) is represented by the explosion as
supernova. This can significantly affect the cluster evolution in principle,
since the energy injected is of order 1051 erg. However, the real contribu-
tion of supernovae explosions to the disruption of the gas is minimal. The
main reason for this is the timescale of the phenomenon: the first super-
novae starts exploding around 3-4 Myr, which, depending on the mass of
the protocluster, can be much larger than the free-fall time. This means that
almost all the gas has been already converted into stellar objects, before the
first supernovae could explode. This is typically the case for clusters with
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masses ∼ 104, for which there must be another mechanism effective earlier
in dispersing the gas. This finds confirmation in observations of Wester-
lund I, (Muno et al., 2006a,b), where traces of supernova explosion have
been detected, but no correspondent shock-remnant has been found, prob-
ably because the gas already got ejected. A totally different case is when
dealing with much more massive initial clouds (106 M⊙), where the dy-
namical time is larger and the previous feedback mechanisms are proba-
bly not strong enough to destroy the gaseous structure. In this case, the
contribution from supernovae explosions is definitely needed and should
be taken into account (Geen et al., 2016). Supernovae can also play an im-
portant role connecting the scale of star clusters to that of galaxies. Mas-
sive stars are often found in binary systems, characterised by very high
orbital velocities. The evolution to supernova of one of the binary mem-
bers, or a three body interaction, can cause the ejection of the second mas-
sive star. Many escaping massive stars (runaways) constitute a source of
energy which can be released at much larger distance from their star clus-
ter of birth and can change the structure of the interstellar medium (Gatto
et al., 2015).




If star formation is art, then stellar dynamics is solid technical craftwork.
Dynamics is a fortress, a castle made of simple but solid bricks, whose the-
ory consists in steadily posing one stone next to each other and then build
over this a second layer, and a third and so on. At any step, one can stop
and the castle is there, maybe incomplete, but clearly in the shape of a cas-
tle, as solid as the gravitational force.
In this chapter, indeed, we focus on the description of classic internal
dynamical theory of star clusters. For this scope, we define a star cluster as
a system of N point masses, affected only by gravitational interactions. The
textbooks and reference material for this chapter are Spitzer (1987), Binney
& Tremaine (2008) and Bertin (2014).
The first crucial distinction to be made is between collisional and col-
lisionless systems. The criterion for this distinction is based on the age of
the system and its two-body relaxation timescale, which is a concept we
will derive properly in the next sections. To give a first definition, the two-
body relaxation timescale is defined as the timescale over which the stars
in the system lose memory of the original initial kinematics of the system
and this happens because of repeated long-distance two-body interactions,
during which particles slowly exchange energy. This is just the natural con-
sequence of gravity being a long-range force, which means that the influ-
79
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ence from distant bodies is not (always) negligible. The cumulative effect of
all these weak, mutual interactions changes the state of the system toward
equilibrium, which is the most general definition of relaxation process.
Collisionless systems are those, whose lifetime is shorter that the re-
laxation timescale, which means that for those systems interactions be-
tween particles are negligible. In this case particles are effectively only
subjected to the influence of a collective gravitational potential, generated
by an approximately uniform mass distribution. Collisional systems are
instead systems, for which the lifetime is comparable with the relaxation
time. Therefore two-body relaxation is, in this case, an efficient process to
redistribute energy between particles.
Emblematic examples of collisionless systems are galaxies, for which
the two-body relaxation timescale is ∼ 105 − 108 Gyr, even larger than the
Hubble time. Star clusters, instead, belong to the category of collisional sys-
tems, with two-body relaxation timescales which span from 102 − 103 Myr
for globular clusters to < 100 Myr for open clusters and 10 Myr for dense
star clusters. From what we reported in Chapter 2, it is clear that for all cat-
egories of star clusters the relaxation time is comparable or lower than the
age, so stellar interactions play a crucial in driving dynamical evolution for
these objects.
4.1. Star cluster equilibrium models
In Chapter 2 we saw how star clusters’ surface brightness profiles can be
empirically fitted by some analytic expressions (e.g. King and EFF profiles).
We will try now to theoretically develop models which describe the struc-
ture of star clusters, explaining the empirical fit. The easiest approach is
usually to describe the stellar system statistically, in terms of its distribu-
tion function f(x,v, t) (also called phase-space density) which is defined
such that
f(x,v, t)d3xd3v (4.1)
represents the probability of finding a star a time t in the six-dimensional
phase-space d3xd3v around the position (x,v).
However, we point out that strictly speaking distribution functions are
well defined only in case of collisionless systems, where stellar mass is
assumed to be distributed smoothly. Therefore we assume that, for a short
time, also a collisional systems can be described by continuos functions.
The models we will derive constitute a “zero-order” approximation for the
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structure of star clusters, in which interactions between particles and other
time dependent effects are neglected. The collisional nature of star clusters
will be taken into account as perturbation to these equilibria in Section 4.2.
If we assume (for the moment) that a star cluster is a collisionless sys-











where φ is defined by the Poisson’s equation,
∇2φ(x, t) = 4πGρ(x, t) , (4.3)
with G being the gravitational constant and ρ the density of the system.
If the system we want to describe is in equilibrium, this requires that the
gravitational potential does not change with time, i.e. φ(x, t) = φ(x) and
the distribution function is steady-state i.e. f(x,v, t) = f(x,v).
The next necessary step is establishing the connection between ρ and f .
In general, by integrating f with respect to the velocity all over the phase
space,
∫
f(x,v)d3v, we get the probability of finding a star at x, regard-
less of its velocity. For convenience, we can redefine fd3xd3v as the the
expected total mass of stars in d3xd3v, by multiplying f for the total mass




Similarly, the probability distribution of stellar velocities at x, Px(v), can
be obtained dividing f(x,v) by ρ(x). From this is possible to derive then










velocity distribution function Px(v).
We now have to choose an expression for f in phase space and from this
derive the consequent expression for the density in real space. The Jeans
theorem says that any steady-state solution of the collisionless Boltzmann
equation depends on the phase-space coordinates only through integrals
of motion in the given potential, and any function of the integrals yields
a steady-state solution of the collisionless Boltzmann equation (Binney &
Tremaine, 2008). Therefore, if we suppose that the system we aim to model
is spherical and with isotropic velocity distribution, f depends only on the
energy E = 12v
2 − φ (a bound system has the extra requirement of E <0).
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v2 − φ)d3v . (4.5)
Once defined f(E), the integro-dfferential equation for φ(r) can be solved.
From that it is immediate to derive the correspondant density profile. The
main simple expressions for f used in the description of star clusters are
the followings.
• Polytropes and the Plummer model
The distribution function in this case has the form
f(E) =
{
FEn−3/2 (E < 0)
0 (E ≥ 0).
(4.6)
It can be demonstrated that in this case ρ = cnφ
n, from which it
comes the analogy with the polytropic equation of state of gas P ∝ ργ
(P is the pressure and γ = 1+ 1n ). In order for cn to be finite, the condi-
tion on n is n > 1/2. A general simple analytic solution for equation
4.5 can not be found for every n. The interesting case for us is n = 5,
for which the solution for the potential has the following expression
φ(r) = − GM√
r2 + b2
, (4.7)
with M being the mass of the system and b defining a characteristic
scale length, which guarantees the central potential and density to
be finite. This is called the Plummer model. The correspondent density











The asymptotic limit of the polytropic model is the isothermal sphere.
Indeed, by taking n → ∞, γ = 1 and P ∝ ρ., which is the equa-
tion of state of an isothermal gas. Isothermal gases have a Maxwell-
Boltzmann velocity distribution, with velocity dispersion σ. In anal-
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which, integrated over the velocity, gives the relation ρ = ρ1e
φ/σ2 .













Note that a similar result would have been obtained starting from the













We notice that equations 4.10 and 4.11 coincide if σ2 = kBTm , which
proves that a collisions system of stars represented by equation 4.9
has the same structure of an isothermal sphere of gas with tempera-





φ = 2σ2 ln(r) + constant. (4.13)
From the previous expression, it is clear that the density goes to in-
finity for r=0, indeed the isothermal sphere model is also addressed
as singular isothermal sphere. Moreover, by further integration of the
density profile, M ∝ r, thus we also retrieve that the mass is another
infinite quantity, this time for r → +∞
• King models or non-singular lowered isothermal sphere The King model
is basically an isothermal sphere without singularities. To eliminate
the density divergence in the origin the radial coordinate is rescaled,






called King radius. In Section 2.1 we already saw that the surface
brightness profile can be fitted by what we called an empirical King
model, whose characteristic scale is set by rc, the core radius, which
sets the radius at which the surface brightness dropped by a factor
of 0.5. It is very common to consider the King radius, r0, simply a
synonym of the core radius rc, however it is important to stress that
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r0 ≃ rc only for concentrated King models (large values of rt/r0, see
later for a definition of rt).
To eliminate the problem of infinite mass, the distribution function of





2 − 1) E < 0
0 E ≥ 0,
(4.15)
in this way the system has an escape velocity, unlike the isothermal
sphere. This means that the mass of the system is truncated at a cer-
tain radius, rt, and therefore is finite. This radius is called the tidal
(or truncation) radius and it is defined as the the radius where φ tends
to a constant φ(rt) =
−GM(rt)
rt
. Integrating f over all velocities, one
derives the expression for the density as a function of the relative




















Once inserted in the Poisson’s equation, it is possible to solve for Ψ
and from here derive the density profile, which mirrors the surface
brightness profiles showed in Section 2.1. The King radius rc and the
tidal radius rt define two area of the system, i.e. the core (r < rc) and
the halo (rc < r < rt), which exhibit distinct properties. Indeed, the
core is effectively almost isothermal, hence the velocity dispersion
does not change with radius and the density is roughly constant. In
the halo the density is lower and the velocity distribution is no longer
Maxwellian, but instead a truncated Maxwellian, with the velocity
dispersion decreasing monotonically with radius and becoming null
at the tidal radius. As already stated in Section 2.1 the key parameter
which describes the parameter of a King model is the concentration
c, defined as c = log10(rt/rc). Alternatively, it is also common to use
the dimensionless central potential W0 =
φ(rt)−φ(0)
σ2 , which indicates
the depth of the potential well of the system. The two parameters c
and W0 are linearly dependent from each other. The higher the value
of c or W0, the more concentrated the star cluster is. Asymptotically,
for c → +∞, the King model tends to the isothermal sphere.
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4.1.1. Size scales
We give here a summary of the main radial scales used, when describing
the structure of star clusters.
In the previous section we described the King radius r0, which identi-
fies the core of the cluster. The observational correspondent of this is the
core radius rc, which is the scale at which the surface brightness dropped
of a half. Even if these two definitions do not always fully overlap, they
both circumscribe the densest part of the core, where there is higher con-
centration of bright stars.
In N-body simulations, the core radius is defined exactly considering
this last property: the core radius is indeed calculated as a the ρ2i -weighted










), where ρi is
the local density of the ith-star computed considering the star’s k nearest
neighbours (Portegies Zwart et al., 2010).
The tidal (or truncation) radius was defined as the radius at which the
density of stars drops to zero (or to field value). It is considered the ultimate
boundary of the star cluster, where in principle the tidal forces of the host
galaxy becomes comparable with the gravitational force of the star cluster.
Another important length-scale quantity is the so-called virial radius.
This has a pure theoretical definition, which is
rvir =
GM2
2|U | , (4.17)
where M is the total mass and U is the potential energy of the system
(Portegies Zwart et al., 2010).
As last, we recall the half-light (or effective) radius which observation-
ally indicated as the radius which contains half of the projected luminosity
of the star cluster. The theoretical analogue is represented by the half-mass
radius, which simply includes half of the mass of the system and it is ∼ rvir
most of the times.
4.2. The granularity of the gravitational field: Two-body re-
laxation
As already anticipated at the beginning of the previous section, the analyt-
ical models presented constitute only a first approximation description of
the structure of a star cluster. They were derived assuming, for simplicity,
that the star clusters could be considered collisionless systems, hence the
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gravitational potential was assumed to be a smooth function of the posi-
tion.
However, since star clusters are actually collisional systems, to give a
proper description of these systems, we have to drop the simplified as-
sumption for the potential and consider that the gravitational potential is
composed of individual particles, therefore it will slightly fluctuates from
point to point in the cluster. Stars orbiting in the cluster will experience
these small fluctuations generated by other stars in the field (from here the
name two-body), or larger fluctuations when passing closer to each other,
which will modify locally their velocities. The cumulative effect of small
changes in the velocity is the dominant one and can be compared to a
random walk process. The net effect of this relaxation process is to lead
the velocity distribution towards an equilibrium state, represented by a
Maxwellian distribution. Therefore this specific type of relaxation is also
defined as “thermalisation”.
The timescale for this to happen is the two-body relaxation timescale,
which quantifies the time needed to significantly alter the velocity of a
particle through two-body gravitational interactions by other stars. If the
outcome of two-body relaxation is the Maxwellian distribution function1,
it means that the probability of finding a star in a particular state of en-
ergy Ei is Pi = Cgie
−Ei , where C is a normalisation constant and gi is
the phase space volume available. Therefore, the probability maximises ei-
ther if Ei becomes more negative, hence particles get bounder, and/or if
the phase-space volume gets larger, hence if the particle distribution ex-
tends spatially. However since there is no upper limit on the spatial extent,
there is no maximum entropy for a gravitational system with finite mass
and energy. Hence the equilibrium can not be reached in this way and the
system keeps evolving (Spitzer, 1987). Moreover, to maximise the afore-
mentioned probability and conserve the total energy, both the contraction
of the central part of the cluster and the expansion of the outer “halo” must
take place at the same time2. Specifically, there are three processes which
are direct consequence of this thermal relaxation and drive the cluster evo-
lution, i.e. evaporation, core-collapse and equipartition. We will see their
effect on the cluster in the next sections, now we first quantitatively derive
the expression for the two-body relaxation timescale.
1The outcome is actually a near-Maxwellian, due to the fact that mass is finite, hence there
is an escape velocity threshold.
2And this is a very general consideration, which apply to every gravitational system.
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Figure 4.1: Schematic representation of the interaction between a moving
test star (green) and a field star (purple).
4.2.1. Timescales
The scale over which thermalisation takes place can be computed from an-
order-of-magnitude point of view quite easily, considering the interaction
between an individual particle and field stars encountered across its or-
bit, we will then estimate how much the initial velocity of the individual
particle is affected by the interaction (Binney & Tremaine, 2008).
Let’s suppose that the star cluster is composed of N identical particles,
of mass m and is characterised by size R and uniform density. Let’s picture
a situation in which a test star is travelling with relative velocity v and im-
pact parameter b nearby a field star, like it is sketched in Figure 4.1. Since
we are interested in studying long range encounters, we assume that af-
ter the interaction the change in velocity δv of the test star is small, that is
|δv|/|v| << 1. In this way, we can also assume that the test star proceeds
on a straight line trajectory and the field star is effectively stationary. With
these simplifications the variation of velocity is directed perpendicular to
the trajectory. To compute the magnitude of δv, i.e. δv, (similarly, v = |v|)
we integrate the perpendicular component of the gravitational force be-
 CHAPTER 4 - DYNAMICAL EVOLUTION OF STELLAR SYSTEMS


















































From this, it results that δv to first-order approximation can be interpreted
as the acceleration at closest approach, Gmb2 , multiplied for the duration of
this acceleration, 2bv . So far we accounted for only one two-body encounter,
the next step is then to generalise this result considering all two-body in-
teractions that the test star experiences. If the star cluster contains in total
N stars and has a radius R, the surface density of particles is NπR2 , so the





with impact parameter b between b and b + db. Since the distribution of
particle is isotropic, every encounter produces a randomly-oriented per-
turbation δv, whose sum averages out to zero, when considering the mean
velocity change. However, the mean-square change in velocity is not zero
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is called Coulomb logarithm. The minimum im-
pact parameter bmin is automatically set by the initial requirement that
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δv/v << 1. In fact, the straight line trajectory approximation is not valid
anymore for δv ∼ v, which corresponds to a strong encounter, yielding a
90o deflection. From Equation 4.20, we then get bmin =
2Gm
v2 . The maxi-
mum impact parameter, instead, is fixed by the size of the system, R. The
Coulomb then reads




By assuming now that the system is in virial equilibrium, the mean square
of the velocity distribution v2 is ∼ GNmR . This allows us to eliminate R from






which represents the change in in velocity of the test particle considering
the interactions from all other particles, after having crossed the system
once. At every system crossing of the test particle, the variation on the ve-
locity will be ∆v2. To have a significant change in the velocity (which is
what is expected by the relaxation process), i.e. comparable with the veloc-





Therefore, the relaxation timescale trelax can be defined as the number of
crossings needed for the cumulative gravitational perturbations from all
stars in the cluster to change the energy of the test star by roughly its orbital
energy, nrelax, multiplied by the timescale of a system crossing, tcross, i.e.
trelax = nrelax × tcross. The crossing time, tcross is also defined dynamical
time (td) of the system. A straightforward definition is tcross =
R
v , where R
is the size of the cluster and v is the typical velocity of a star. It is immediate
to notice how the dynamical time is directly connected with the free-fall











Fundamentally, the dynamical time is the timescale in which a particle re-
sponds to the global gravitational potential. If the system is in equilibrium
this is basically the orbital time. If this is not the case, the dynamical time is
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the timescale over which a system stars to lose non-equilibrium structures,
trying to (re-)establishing dynamical equilibrium.
Going back to the relaxation timescale, the final expression derived is






With this formulation, we can derive which systems are collisional and
which are collisionless. As already anticipated, galaxies, having N ∼ 1011,
R ∼ 10 kpc and v ∼ 100 km/s, are definitely collisionless system, since
their trelax ∼ 106Gyr. The redistribution of energy between particles due to
two-body interactions is in this case not yet effective. For globular clusters,
N ∼ 105, R ∼ 10 pc and v ∼ 10 km/s, which leads to trelax ∼ 0.1 − 1Gyr,
which is less than a typical age of 10 Gyr, therefore we conclude in this
case two-body perturbations have significantly affected affected the origi-
nal orbits of the stars these systems. Same conclusion for open cluster and
even more dense young clusters, which can reach relaxation timescale of
10 Myr, which means that these younger systems are more affected by two-
body relaxation and evolve faster.
The derived formula for the relaxation timescale is an approximated
version of the more accurate one derived by Spitzer (1987) using diffusion
coefficients, the main difference being the use of global quantities instead
of local, how it should be. A more accurate expression for the local relax-
ation timescale trl is
trl =
〈v2〉3/2
15.3G2〈m〉ρ ln Λ , (4.29)
where 〈m〉 is the local mean stellar mass, 〈v2〉 the local velocity dispersion
and ρ the local density. This expression can then be applied at various ra-
dial different radial scales, the most used of which is the half-mass radius
(rhm). By assuming rvir ∼ rhm and substituting the local quantities with
the global cluster averages in the previous expression, 〈v2〉 = GM/2rvir






G1/2〈m〉1/2 ln Λ . (4.30)
The value of Λ is a crucial parameter which depends strongly on the
system. The Coulomb logarithm is usually expressed as ln Λ = ln(γN),
with γ being determined numerically. For equal mass systems γ ∼ 0.11
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(Giersz & Heggie, 1994), while for systems with an initial mass spectrum
(N(m) ∝ m−2.5) and maximum mass ratio between stars ∼ 40, γ ∼ 0.021
(Giersz & Heggie, 1996). In general, ln Λ is assumed to be of order O(10)
(Portegies Zwart et al., 2010), but in the results shown in Chapter 6 we used
a smaller reference value.
A handy version of trh with the normalisation constants relevant for















Similarly, we reported a convenient expression for our simulated globular
clusters in Section 6.2.
4.2.2. Evaporation
On a two-body relaxation timescale, the system tends to establish a
Maxwellian velocity distribution. However, since the system as finite mass
(let’s assume a King model for example), it necessary has an escape veloc-
ity vesc. The stars occupying the tail of the Maxwellian, will have at some
point velocity higher than vesc and will therefore escape. If we suppose that
the fraction of escaping stars is ξe and this gets continuously replenished






It can be easily demonstrated that for an isolated cluster, it holds
〈v2esc〉 = 4〈v2〉, (4.33)
which, in case of a Maxwellian distribution, it translates into a fraction of
escaping stars equal to 0.74%. With these values, the evaporation time tdis
is ∼ 140trh. For a typical density profile, Spitzer (1987) report 3% of stars
escaping, therefore tdis ∼ 30trh.
The process of evaporation of the cluster causes the contraction of the
core. Indeed, if we assume a constant rate of mass loss per relaxation time
and assume that escaping stars carry away a fixed fraction of kinetic energy
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which means that for reasonable values of ξe and ζ, the core shrinks.
However, the assumption of constant ξe is an approximation. In fact,
the escape fraction depends on the radius (rhm) through 〈v2〉 and, in non
isolated clusters, on the external tidal field, which affects vesc. Baumgardt
(2001) found that the evaporation time depends on both the relaxation and




The gravothermal instability is the physical process which is at the basis of
the phenomenon of core collapse. As we discussed in general terms when
introducing the granular aspect of the gravitational field, and just before,
dealing with evaporation of stars, the expansion of the cluster effectively
transfers energy from the inner to the outer regions and inevitably pro-
duces a collapse of the core. The deep motivation behind this is the nega-
tive heat capacity of every gravitational system. Indeed, we can define the
kinetic energy (K) of an N-body system in terms of mean temperature (T),











where kb is the Boltzmann constant and mi, vi are the masses and velocities
of particles in the system. Assuming the system is in equilibrium, the virial
theorem states that 2K +W = 0 (W is the potential energy of the system),
therefore the total energy E of the system is
E = −K = −3
2
NkbT. (4.36)
The heat capacity C of a system is defined in general as C = dE/dT , which







which is always negative. Having negative heat capacity means that when
the system loses energy, it becomes hotter. In a gravitational system the
temperature is represented by the velocity dispersion, so “becoming hot-
ter” means increasing its velocity dispersion, and to do this the system
has to contract. By contracting and increasing the velocity dispersion,
more particles will escape, “cooling” the system and carrying away energy,
therefore the core contracts again and so on.
4.2. THE GRANULARITY OF THE GRAVITATIONAL FIELD: TWO-BODY RELAXATION 
If we now suppose that our gravitational system is composed of a con-
tracting core and rarefied halo, a key condition for this process to continue,
is that the halo is larger than the core, such that the kinetic energy injected
does not make it become hotter. If this condition is satisfied, the core-
collapse becomes (in principle) a runaway process. For an initial Plum-
mer sphere of identical masses, the system reaches a core of zero size and
infinite density on a timescale of ∼ 15trh (Portegies Zwart et al., 2010).
However, starting with a more concentrated system or assuming a mass-
spectrum, can reduce this timescale significantly, up to 0.2trh in case of
small clusters (Gürkan et al., 2004; Portegies Zwart & McMillan, 2002).
4.2.4. Equipartition and mass segregation
As result of two-body relaxation the system tend to equipartition, which
is a classic theorem of statistical mechanics, stating that particles in a sys-
tem tend to have the same average kinetic energy. In systems with a mass
spectrum, this results in mass segregation. Let’s suppose to have two pop-








However, if mi < mj , the last expression implies
〈v2i 〉 > 〈v2j 〉, (4.39)
which means that the more massive stars will have on average a lower
velocity and the less massive stars will get faster. This has two main conse-
quences. The first is, as we already said, that multi-mass systems collapse
faster, because the faster stars, the one removing kinetic energy from the
core, are also the lighter, so they remove from the system more kinetic than
potential energy.
The second consequence is that the heaviest stars slow down and drift
toward the centre. A higher concentration of massive stars at the centre of
the star cluster is what is usually defined as mass segregation. This process
proceeds as consequence of dynamical friction. The basic idea is that a mas-
sive star which moves in a field of lighter stars produces by gravitational
attraction an overdensity of lighter stars behind him, which will attract
the massive body reciprocally, slowing it down. The dynamical friction
timescale (tdf ) is related to the half-mass relaxation timescale by (Spitzer,






where 〈m〉 is the average mass of light stars and mmax is the mass of
the heavy star. The more massive is the star, the shorter it takes to get
to the centre. The timescale for general mass segregation to take place is
once more the half-mass relaxation timescale, while the dynamical friction
timescale is effectively the timescale over which a cluster segregated up to
a mass mmax.
If the relative number of heavy stars is too high, equipartition can not
be reached and the outcome is a runaway process, called mass stratification
(or Spitzer) instability. This happens, for example, if the total mass of heavy
stars (M2) is too large compared to the total mass in light stars (M1). In this
case the massive population segregates at the centre, effectively forming a
sub-system within the cluster, and keeps transferring kinetic energy to the
lighter stars, without ever reaching equipartition. This is possible also in
the case in which M2 < M1, but the density of massive stars exceeds the
density of light stars. In the simple case of only two stellar populations,










where m1 and m2 are the single masses of a light and heavy star, respec-
tively.
4.3. Post collapse: Binaries &Co.
The core collapse is a runaway process, which can be stopped only with the
addition of an extra source of energy. This energy comes mainly from bina-
ries and multiple systems, which formed in the high density environment





where m1 and m2 are the masses of the binary constituents and a is the
semi-major axis of the reduced particle elliptical orbit.
4.4. ADDITIONAL PERTURBATIONS 
When a binary interact with another star of the cluster, either by kinetic
“kick” or via particle substitution, there are two possible outcomes: either
its binding energy increases or diminishes. In the first case, it means that
the star transfers energy to the binary, which gets less bound, hence the
separation between the constituents (a) increases. The limit case is the ion-
isation of the binary, which results in three single bodies. In this case, the
binary absorbs energy from the cluster.
Alternatively, the binary can release energy to the single star and be-
come more bound. In this case, the kinetic energy of the system gets in-
creased. Binaries are usually divided into “hard” binaries and “soft” bina-
ries, whether their binding energy is greater or lower than the mean stellar
kinetic energy in the cluster (Heggie, 1975). The dynamical meaning of this
is that after an interaction with another star of the cluster a hard binary
on average will become harder and a soft binary will become looser. Hard
binaries are responsible for the reversing of the core collapse.
The mean energy gain in a hard binary encounter is 〈δEb〉 ∼ γEb,
where, for equal-mass systems, γ is 0.25−0.4 (Heggie, 1975; Spitzer, 1987).
As a result of these strong interactions, the binary or the single star can also
be ejected from the core by recoil, which constitutes an additional source
of indirect heating, especially in the case of massive stars. Intuitively, when
the energy generated by three body encounters exceed the potential energy
of the core, the collapse is reversed and the core re-expand.
4.4. Additional perturbations
Two-body interactions between stars in the cluster are not the only per-
turbation to equilibrium that can be considered. There are more sources of
corrections one can think of, of which we will only give a brief mention
without entering in details.
For instance, star clusters are actually not isolated, but are in fact im-
mersed in the potential of their host galaxy, which clearly exerts an influ-
ence on them. The tidal field of the galaxy is particularly important for the
evaporation rate of the cluster, because it contributes to reduce the energy
required to escape from the cluster. Recent numerical studies investigated
the effects of tidal fields and found that they strongly affect the evolution,
kinematics and ultimately survivability of the cluster (Renaud et al., 2011;
Vesperini et al., 2014).
Furthermore, one could include stellar evolution effects on the cluster.
The most important contribution in this case probably comes from the stel-
lar mass loss from winds and supernovae. The dynamical importance of
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this lies in the contribution to reverse the core collapse. Numerical simula-
tions have shown that the expansion due to stellar mass loss can be consid-
erable in some cases and even result in the disruption of the cluster, when
this latter was already mass segregated before the onset of stellar evolution
(Vesperini et al., 2009).
As last thought, we point out that two-body relaxation is not the only
form relaxation which might play a role. If a star moves in a potential
which is not stationary, a collective relaxation process takes place, con-
nected with the change of the potential with time, called violent relaxation
(Lynden-Bell, 1967). In this case the energy of stars changes according to
dE/dt = ∂Φ/∂t|x. We stress that, since in the previous equation the mass
does not appear, this type of relaxation changes the position and velocity
of a star regardless of its mass. This constitute a strong difference with the
two-body relaxation mechanism. While the violent relaxation is the only
possible relaxation in collisionless systems, in collisional systems it pre-
cedes the two-body relaxation, playing a role in the very early dynamical
phase (on a dynamical timescale), when the cluster is out of equilibrium.
A full consideration of the complexity of stellar dynamics, however,
goes beyond the aim of this thesis and the scope of the applications pre-





In the previous chapters we presented the most important observational
facts and theoretical tools, needed to understand the formation and evolu-
tion of star clusters. At the same time we tried also to present some of the
most crucial problematic and unanswered questions. We have described
how star clusters have different properties and mysteries depending on the
category they belong, we explained what are the necessary ingredients of a
good star formation theory and the rules which govern star cluster dynam-
ical evolution. Now, we put all together. And with this heritage, we present
an original and novel contribution to our knowledge of star clusters, which
hopefully constitutes an infinitesimal step forward. In this chapter1, we
focus on the formation of star clusters and the role of photoionisation in
freeing the newborn star cluster from its parent cloud. Specifically we per-
formed radiation-hydrodynamical simulations of the collapse of a turbu-
lent molecular cloud using the RAMSES-RT code. Stars were modelled using
sink particles, from which we self-consistently follow the propagation of
the ionising radiation. We study then how different feedback models affect
1The work presented in this chapter has been published in the Monthly Notices of the
Royal Astronomical Society, Volume 472, Issue 4 under the title “Star Cluster Formation in
a Turbulent Molecular Cloud Self-Regulated by Photo-Ionisation Feedback”, following peer-
review (Gavagnin et al., 2017).
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the gas expulsion from the cloud and how they shape the final properties of
the emerging star cluster. As main results, we find that the star formation
efficiency is lower for stronger feedback models. Feedback also changes
the high mass end of the stellar mass function. Stronger feedback also al-
lows the establishment of a lower density star cluster, which can maintain
a virial or sub-virial state. In the absence of feedback, the star formation
efficiency is very high, as well as the final stellar density. As a result, high
energy close encounters make the cluster evaporate quickly. Other indica-
tors, such as mass segregation, statistics of multiple systems and escaping
stars confirm this picture. Observations of young star clusters are in best
agreement with our strong feedback simulation.
5.1. Introduction
From the previous chapters it should be clear that establishing a full and
consistent theory of star cluster formation remains an open task for the
scientific community. As we presented, the most widely adopted view is
that star clusters form from the collapse of giant molecular clouds. On a
timescale of a few millions years, a cloud undergoes gravitational collapse
and converts part of its gas into many dense molecular cores, each core
leading to the formation of one or a few proto-stellar objects (see Klessen,
2011; Krumholz, 2014, for a review). These protostars can continue accret-
ing material from their surroundings, and eventually become proper stel-
lar, main sequence objects, whose stellar luminosity is high enough to inject
considerable amounts of energy into their parent cloud. This stellar feed-
back modifies the properties of the cloud and the star formation process
itself and as a result regulates the properties of the emerging star cluster,
such as its dynamical state, the mass distribution and the fate of its stellar
population.
Understanding the impact of stellar feedback on the star cluster proper-
ties, and the transition from the initial turbulent GMC to the final gas-free
association of stars (such as observed open clusters, embedded clusters or
even globular clusters) is at the moment one of the most intriguing fields
of research in astrophysics, mainly because of the numerous and complex
physical processes at play during the entire history of the star cluster for-
mation.
We already referenced to the work of Lada & Lada (2003), which states
that 90% of stars are likely to form in star clusters. In Lada & Lada (2003),
star clusters are defined as groups of at least 35 stars and with a stellar mass
density of at least 1 M⊙ pc
−3. These numbers can be derived by requiring
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that the evaporation timescale of the star cluster is longer than 100 Myr.
A more recent study by Bressert et al. (2010) revealed how the fraction of
stars in the solar neighbourhood forming in clusters is strongly dependent
on the adopted definition for star clusters , with values ranging between 45
and 90%. They concluded that stars form within a broad and smooth dis-
tribution of surface densities, which is consistent with star formation pro-
ceeding hierarchically, within the turbulent, hierarchical structure of the
parent molecular cloud, where denser regions are systematically embed-
ded in less dense regions (Bastian et al., 2007; Elmegreen, 2006).
Defining what is a truly bound cluster or an unbound stellar associa-
tion is indeed not straightforward, especially when the system is young.
It is only after these stellar structures have dynamically evolved, that they
are easier to distinguish from their environment. The identification of the
fraction of stars residing within these older stellar systems is more reliable,
and is observed to be around 10-30% (Adamo et al., 2011; Miller & Scalo,
1978).
It is also very important to establish what is the fraction of stars which
formed in star clusters but do not reside there anymore today. This is usu-
ally referred as star clusters infant mortality, outlining the fact that, when
we compare the fraction of stars in young, embedded star clusters with the
fraction of stars in older, open clusters, most of the clusters seems to have
been disrupted during this transition from embedded to exposed (Lada &
Lada, 2003). Note that this interpretation assumes that the fraction of stars
in star clusters is the rather old one presented in (Lada & Lada, 2003).
The commonly adopted picture for the cause of this infant mortality
is the fast expulsion of the initial gas, leading to the rapid expansion and
disruption of the star cluster. Only clusters with a star formation efficiency
(SFE, i.e. the fraction of gas converted into stars) higher than 30% are be-
lieved to survive the gas removal and stay bound (Bastian & Goodwin,
2006; Hills, 1980; Lada et al., 1984). Yet, the star formation efficiency is not
the only parameter that can decide whether a star cluster will survive gas
expulsion. Two other important factors are: 1-the timescale of gas removal
and 2-the actual dynamical state of the star cluster right before expulsion.
Regarding the first point, it has been shown for example that systems with
star formation efficiency as low as 10% can remain bound, as long as the
gas is removed slowly and adiabatically (Baumgardt & Kroupa, 2007). The
second factor has been pointed out by Goodwin (2009), showing a strong
dependence of the star cluster mass loss (hence survival) on the virial ratio
of the emerging star cluster. Indeed, if the system is sub-virial before gas is
expelled, it can survive even with SFE lower than 30%. Conversely, an ini-
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tially super-virial system, even with a SFE as high as 50%, will be at edge
of survivability (Goodwin, 2009).
The SFE within star forming molecular clouds is poorly understood
from theoretical grounds. Simple models based only on self-gravitating
turbulence predict a very high SFE, higher than 90%, meaning that star
formation occurs during one free-fall time of the parent cloud, in contra-
diction with observational constraints (Padoan et al., 2014).
Stellar feedback has been invoked to reduce the SFE by terminating star
formation in giant molecular clouds (see the review by Dale, 2015, and ref-
erences therein). Stellar feedback is a broad term that refers to the injection
of mass, momentum and energy by stars and protostars into the star form-
ing gas itself. The different mechanisms of stellar feedback are photoion-
isation from massive main sequence stars, infrared and optical radiation
from accreting protostars, radiation pressure associated with these various
types of radiation, proto-stellar jets, stellar winds from main sequence or
post-main sequence stars, supernovae explosions. Although all these in-
gredients are likely to play an important role in regulating the star forma-
tion efficiency and in setting the properties of the emerging star clusters,
they act on different spatial and temporal scales, and are associated with
stars of different masses.
On the observational side, several surveys can be used to cast light on
the star cluster formation process. The MYSTiX survey (Feigelson et al.,
2013), for example, is targeting massive star forming regions and has re-
vealed that star clusters are frequently divided into sub-clusters (Kuhn
et al., 2015). We now have evidence that these sub-clusters are expanding
or merging, with clear signs of ongoing dynamical relaxation. For exam-
ple, we observe mass segregation (see Section 5.3.3 for a definition) down
to 1.5 M⊙ (Kuhn et al., 2015). Similarly, Da Rio et al. (2014) have studied
the morphology and the dynamical state of the Orion Nebula Cluster. They
concluded that the core appears rounder and smoother than the outskirts,
which is consistent with ongoing dynamical processing.
The Gaia-ESO Survey (Gilmore et al., 2012) has recently discovered sev-
eral kinematically distinct populations in the young star cluster Gamma
Velorum, surrounding the γ2 Velorum binary in the Vela OB2 association.
According to Jeffries et al. (2014), the first component of Gamma Velorum
is a bound remnant of an initially larger cluster, formed in a dense region
of the Vela OB2 association, that has been partially disrupted by gas ex-
pulsion. The second component consists of a scattered population of un-
bound stars born later (as indicated by lithium depletion) in less dense
regions. The gas surrounding this second population was probably evap-
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orated by the radiation coming from the first one, quenching the star for-
mation episode quite abruptly.
In general, very young star clusters, sometimes still embedded in their
parent gas cloud, are ideal laboratories to study the effect and phenomenol-
ogy of stellar feedback and gas expulsion. In the Milky way, the so-called
“starburst star clusters” (e.g. NGC 3603 YC, Quintuplet, Arches, Wester-
lund 1 and 2) represent the youngest (< 5 Myr) and more actively star
forming clusters (Brandner, 2008). NGC 3603 YC, for example, is only ∼
1 Myr old, and is surrounded by glowing interstellar gas and obscuring
dust (Röllig et al., 2011). Arches, the second youngest with an age of ∼
2.5 Myr, is already free of any gas in its centre (Stolte et al., 2003) with
a clear X-ray signature of hot outflowing gas (Yusef-Zadeh et al., 2002).
These newborn star clusters are characterised by the presence of strongly
UV-radiation from O and B stars that ionises the nebula and disperses the
gas (Crowther et al., 2010; McLeod et al., 2016).
On the theoretical side, the challenge of modelling star clusters is due
to the lack of a complete theory of star formation. This is an inherently
multi-scale, multi-physics problem, with a central role played by feedback
mechanisms. We point to the reviews by Dale (2015) and Krumholz et al.
(2014) for a detailed presentation of the problem. Here we present only a
few selected earlier studies, relevant for our work which focuses specifi-
cally on the star cluster formation process.
Fujii & Portegies Zwart (2015), Fujii (2015) and Fujii & Portegies Zwart
(2016) used direct N-body simulations, starting from initial conditions
drawn from the results of previous smoothed particle hydrodynamics
(SPH) simulations of turbulent molecular clouds. Because the adopted SPH
resolution was relatively low (∼ 0.1 pc), the authors could not resolve the
formation of individual stars, but could still capture the clumpy structure
of the gas. After one free-fall time of the initial gas cloud, they stopped the
hydro simulation and replaced dense enough gas particles with stellar par-
ticles, assuming a star formation efficiency (or gas to star conversion factor)
depending on the local gas density. The remaining gas particles were re-
moved instantaneously and the stellar particles dynamics was integrated
further in time using a direct N-body code. They derived that the initial
properties of the parent cloud (mass, density) determine the characteris-
tics of the emerging cluster, whether it will become an association, an open
cluster or a dense massive one. Moreover, to form massive clusters, they
claimed that a local star formation efficiency >50% is needed.
Using a more elaborate methodology, Dale & Bonnell (2011), Dale &
Bonnell (2012), Dale et al. (2012a), Dale et al. (2012b), Dale et al. (2013a)
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and Dale et al. (2013b) studied in a series of papers the effects of photo-
ionisation feedback on embedded clusters and its disruptive impact on
clouds of different masses (from 104 to 106 M⊙) and sizes (from 2 to 220 pc),
either initially bound or unbound. In Dale et al. (2014), the authors added
stellar winds to photoionisation feedback and studied how the overall star
formation efficiency, the average star formation rate (SFR) and the fraction
of unbound gas varied with the initial cloud properties. Their methodol-
ogy was based on SPH simulations of turbulent molecular clouds, with an
initial shallow Gaussian density profile. The velocity field was initialised
as a turbulent, divergence-free Gaussian random field, with a power spec-
trum to P (k) ∝ k−4 consistent with isothermal supersonic turbulence. The
cloud was evolved using self-gravity and cooling, and star formation was
modelled using sink particles. The mass and spatial resolution was also
relatively low, with only 104 particles per cloud. Radiative transfer of the
photo-ionising photons was performed using a Strömgren sphere filling
technique (see Dale et al., 2007, for details). Using the same set of simula-
tions, Dale et al. (2015) focused on the properties of the stellar populations
of the star clusters formed. They found that the star formation efficiency is
lowered by the presence of feedback, however they stressed how the dis-
ruptive effect of feedback depends on the cloud properties, especially the
escape velocity. Natal gas from massive clouds with elevated escape veloc-
ities is expelled only in minimal part. Winds are found to have little impact
on the dynamics of gas compared to ionising feedback. Moreover, in these
simulations the number of stars unbound by feedback is very modest and
is not related to the fraction of gas expelled.
Along the same lines as in Fujii & Portegies Zwart (2015), the longer
term evolution of these star clusters was finally investigated in another
series of paper by Parker & Dale (2013, 2015); Parker et al. (2015). They
concluded that clusters formed in simulations with feedback tend to re-
main sub-structured longer than in the non-feedback cases. Moreover, at
the end of the pure N-body evolution, the authors found that simulations
with feedback contain fewer bound stars than in the control run. In terms
of mass segregation, they do not provide a unique conclusion, because dif-
ferent analysis return contrasting evidence.
More recently, several papers have addressed the problem of star clus-
ter formation from a realistic, gaseous, turbulent environment using grid-
based simulation techniques. Using the RAMSES code, Lee & Hennebelle
(2016) studied the conditions required in the parent cloud to obtain a
bound star cluster. The authors aimed to examine the properties of the
gaseous proto-cluster born from the collapse of a 104 M⊙ molecular cloud.
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To achieve this they performed magnetohydrodynamics simulations, with-
out stellar feedback and varying the initial level of turbulent support.
Prestellar cores were followed using the same sink particle algorithm
adopted in our work. The typical mass of a sink was 10 M⊙. The proto-
cluster turned out to be in virial equilibrium, with turbulence and rotation
supporting the collapse. The virial status and size of the proto-cluster were
considered to be directly imprinted by the parent cloud, therefore they con-
cluded that the study of the gaseous proto-cluster phase is a fundamental
step in the context of stellar cluster formation.
Using the FLASH code, coupled to a ray tracing code, Howard et al.
(2016) studied the effect of various cloud initial conditions, then subjected
to the ionising radiation of massive stars, on the final properties of the star
cluster system. This study focused on giant 106M⊙ molecular clouds, with
different initial virial parameters (α), ranging from bound (α = 0.5) to un-
bound (α = 5). The main goal was to study how feedback and the virial
status affect the formation of star clusters and subsequent evolution of the
cloud. In this case sink particles represented single star clusters and star
formation within each cluster is implemented with a subgrid model, by
randomly sampling the IMF. Their conclusion was that the initial virial
parameter strongly influences the SFE, with more bound clouds having
higher efficiency, while radiative feedback did not play a major role, low-
ering the previous values only by few percent. They also found that the
number of star clusters formed depends on the boundedness of the cloud:
the more bound the cloud, the fewer the star clusters. Moreover, the clus-
ters from unbound clouds were gas poorer and star richer than the ones
formed from bound clouds.
In this work, we model the collapse of a ∼ 2.5 × 104 M⊙ turbulent
cloud with photo-ionisation feedback from massive stars at extremely high
resolution (smallest cell size ∼ 500 AU), and study how the star cluster
forms and emerges from its parent cloud. Our radiative transfer technique
is based on the moment method with the M1 closure (Rosdahl et al., 2013)
and allows to model an arbitrary number of photon sources, much faster
than traditional ray tracing schemes. We consider two different feedback
scenarios (strong and weak) and a reference simulation without any feed-
back. We subsequently analyse how the different feedback scenarios affect
the properties of our new born star clusters, using various observables re-
lated to the stellar mass function, its spatial distribution, the mass segrega-
tion, the distribution of escaping stars and the stellar multiplicity function.
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5.2. Numerical Methods
We now describe in details the numerical techniques we use to model the
collapse of a turbulent molecular cloud and the formation of massive stars,
following the effects of ionising radiation on the cloud itself.
5.2.1. Initial Conditions
We first perform a decaying turbulence simulation in a periodic box sam-
pled with 10243 cells. This simulation is initialised with a uniform gas
density ρ0 = 1 (in arbitrary units) and a Gaussian random velocity field
with a power spectrum P (k) ∝ k−4, where k is the wavenumber. P (k)
is normalised so that the 3D velocity dispersion in the full box was set to
σ3D = Mcs, where the sound speed is cs = 1 in arbitrary units and the
initial Mach number is set to M = 20. After one turbulence crossing time,
tturb = L/σ3D (where the box size was also set to 1 in arbitrary units), the
kinetic energy has decayed by a factor of two, and the actual Mach num-
ber by a factor of
√
2. At that time, the turbulence is fully developed, with
density fluctuations following a clear log-normal distribution function and
the variance in log ρ reaching its peak value.
We then use this final snapshot as a template for the initial turbulent
cloud. We first set up the physical scales of our problem. The cloud is con-
sidered to be composed of fully molecular Hydrogen with temperature
T0 = 10 K and isothermal sound speed cs = 0.2 km/s. The mean den-
sity in the box is set to nH = 10
3 H/cc and the periodic box length to 20 pc.
We carve out of the periodic box a sphere of radius 5 pc, centred on a large
filament resulting from a large compressive mode. As a result, the mean
density in the spherical cloud is larger than the mean density in the origi-
nal box, and the Mach number in the cloud is smaller than in the original
box (by another factor of
√
2) with M ≃ 10. The final cloud properties
are the following: radius R = 5 pc, mass M ≃ 2.5 × 104 M⊙ and velocity
dispersion σ3D ≃ 2 km/s. Note that, because we have adopted a velocity
dispersion at the low end of values found in observations of clouds of a





is small enough to ensure a fast collapse, i.e. the free-fall time is ∼ 1 Myr.
The simulations are then run to t=2Myr.
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5.2.2. Refinement strategy
Our initial coarse grid corresponds to a minimum refinement level ℓmin =
10 with cell size ∆xmax ≃ 0.02 pc, which allows us to resolve our sonic
scale ls ≃ 0.08 pc, i.e. the scale at which our scale-dependent 3D velocity
dispersion is equal to the sound speed. During the course of the simulation,
we refine this initial grid level using a quasi-Lagrangian refinement crite-
rion. Our maximum resolution is fixed to our maximum refinement level
ℓmax = 13, which corresponds to a minimum cell size of ∆xmin ≃ 500 AU.







this gives us the constraint that ρ < ρJ ≃ 2 × 10−17 g/cc. This maximum









≃ 0.14 M⊙. (5.3)
We require to resolve this Jeans mass with at least 64 resolution elements,
which gives us a mass resolution of mres ≃ 2 × 10−3 M⊙. Our refinement
strategy is thus the following: if a cell has accumulated a gas mass larger
than mres, then it is refined individually into 8 new children cells, up to
the maximum refinement level. Note that with our adopted initial coarse
level and our quasi-Lagrangian strategy, we also automatically satisfy the
additional criterion that the Jeans length is always refined by at least 4 cells
for any gas density smaller than ρJ.
5.2.3. Sink Particles
When the gas density exceeds ρJ, we violate our requirement to always
resolve the Jeans length with 4 cells and the Jeans mass with 64 resolution
elements. Therefore we adopt this criterion to form sink particles, using
the technique developed in Bleuler & Teyssier (2014). We first detect den-
sity peaks in our 3D density field using the PHEW clump finder (Bleuler
et al., 2015). The density threshold is set to ρthreshold = 2 × 10−18 g/cc, or
10% of the Jeans density. After we have identified a discrete set of peak
patches delimited by either the isosurface at the density threshold or the
saddle surface with a neighbouring peak patch, we draw a sphere, 4 cell
size in radius, around the density maximum. If the density at the maximum
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exceeds the Jeans density, if the sphere is contracting and if its virial param-
eter is less than 1, we form a sink with a seed mass equal to mJ ≃ 0.14M⊙
(see Bleuler & Teyssier, 2014, for details). In our simulations one sink cor-
responds to a single star.
The sink particle is then treated like a point mass. We follow the sink
particles dynamics by a leap-frog, direct N-body integrator, using a soft-
ened 1/r2 acceleration (with softening length 0.5∆xmin) between sinks, and
also between the sinks and the gas. Only the self-gravity of the gas is based
on the grid-based Poisson solver in RAMSES. Gas accretion onto the sink par-
ticles is modelled through what is described as “flux accretion” in Bleuler
& Teyssier (2014).
5.2.4. Radiative Processes
In this paper, we model the emission and the propagation of ionising,
ultra-violet (UV) radiation, together with associated heating and cooling
processes. We used the RAMSES-RT radiative transfer module developed
by Rosdahl et al. (2013), using one photon group, with energies between
13.6 eV and 24.6 eV.We do not account for photon energies below 13.6 eV,
namely optical and infrared radiation, as the scope of the paper is to study
the effect of photo-ionisation heating on the molecular cloud. We will study
these other sources of radiation in a follow-up paper. Details in the adopted
photo-absorption cross section, chemistry and cooling processes are avail-
able in Rosdahl et al. (2013). Metal cooling prescriptions are based on
Sutherland & Dopita (1993) for temperatures above 104 K and on Rosen
& Bregman (1995) for metal fine-structure cooling below 104 K. Following
Geen et al. (2015, 2016), the photon group energy and cross-section are de-
rived sampling the blackbody spectral energy distribution of a 20 M⊙ star.
The frequency-dependent ionisation cross sections are taken from Verner
et al. (1996) and Hui & Gnedin (1997). A reduced speed of light of 10−4c is
used. This is done to improve the efficiency of our simulations, since the
speed of light affects the tilmestep calculation, through the Courant factor.
The UV radiation emitted by the sink particles is modelled using the
following simple strategy. We implemented two feedback regimes, namely
strong and weak. For the strong feedback case, we basically consider all the
energy emitted from the sink/star (even optical and infrared) as ionising
radiation. To derive the energy associated with every sink we assume a
power-law luminosity-mass relation, L = L⊙(M/M⊙)
3.5, where L⊙ and
M⊙ are the solar luminosity and solar mass, respectively . For the weak
feedback case, we computed an analytical fit of photon emission rates pre-
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sented in Sternberg et al. (2003), obtained through radiation-driven wind
atmosphere models of OB stars. We derived the following analytic expres-
sion of the number of emitted ionising photons per second, QHI, as a func-
tion of the stellar mass:




This formula was applied to calculate emission rates for all sinks with M >
10M⊙. For stars with lower mass we assume there are no ionising photons.
5.3. Analysis
In this section we focus on the analysis of the simulations. In particular, we
study the structural characteristics of the star cluster (such as mass func-
tion, virial status, mass segregation, escapers, binaries) in the three differ-
ent runs, to understand the role of feedback (FB) in shaping the star cluster
itself.
Figure 5.1 shows ratios of kinetic to potential energies of sinks (upper
panel) and the SFE (lower panel) as a function of time. Focusing first on
the SFE, the ionising radiation clearly has a major effect in suppressing
star formation. In Figures 5.2 and 5.3 we demonstrate the effects of the
radiation qualitatively, plotting time-sequences of gas density and temper-
ature maps, to compare the strong, weak and no feedback cases. The ini-
tial phase of the cloud collapse proceeds identically in the three cases. The
cloud gravitationally contracts and starts forming filaments, where local
overdensities allow the creation of stars, here represented by sinks (in yel-
low or turquoise, depending on the map).
In the no-feedback case this contraction proceeds without resistance un-
til, eventually all the gas is converted into stellar objects; from Figure 5.2
we can see how even in the latest snapshot the amount of dense gas is still
high and by the end of the simulation time (2 Myr) the fraction of total
mass still available in gas is ∼ 10%. In general, we can notice how the final
shape of the star cluster becomes more and more spherical with the simu-
lation progressing. The gas temperature in the no-feedback case does not
show huge changes throughout the collapse.
In the weak-feedback case, stars emit ionising radiation and we now
follow the photo-chemistry of Hydrogen. Differences with the no-feedback
case start being visible around already 0.4 Myr in the temperature map,
when the most massive stars in the lower part of the filament start emitting
UV photons and cause the gas temperature to increase locally. This bubble
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of hot gas becomes more and more extended since more stars are formed,
accreting more gas. The neutral HI gets dissipated, due to the quick ex-
pansion of the HII region. At the end of the simulation, the star cluster is
completely free of dense and neutral gas. The strong-feedback case is anal-
ogous to the weak-feedback case but the process of photoionisation and
gas expulsion is much more rapid and violent, so as a result the star cluster
is devoid of gas already at 1.2 Myr.
5.3.1. Virial properties
In the top panel of Figure 5.1 we show the evolution over time of the virial
ratio of the star cluster, Ek/Ep (where Ek and Ep are respectively the to-
tal kinetic and potential energy of the sinks) for the three simulations. We
do not consider snapshots before 0.5 Myr because the rate of sink forma-
tion is still to high and strongly influences the virial analysis. As seen in
the figure, the two cases with feedback result in virial or even sub-virial
state. The case without feedback is clearly super-virial, hence expanding.
This can be explained as a result of feedback, which halted the collapse
of the cloud, ionising and dispersing the neutral gas. This determined the
formation of a much less dense aggregation of stars than in the control
simulation. In the run without feedback, the collapse proceeds unhindered
and the new-born stars are immersed in a dense, highly-collisional envi-
ronment, experiencing very strong close interactions. This inevitably leads
to the ejections of many sinks and expansion of the cluster. On the other
hand, the feedback opposes this runaway collapse and allows the onset of
a lower density regime, where the stellar distribution finds a stable config-
uration.
It is interesting to notice how this result goes against traditional pre-
dictions (see the Introduction), which argue for a complete disintegration
of the star cluster after a violent expulsion of gas. However, these often
assume a fully formed star cluster still embedded in gas, which at some
point gets ejected. In our case, stars are created while the gas is expelled
in a self-regulating fashion. Therefore the virial status of the emerging star
cluster changes along with the collapse. In our simulations, the two main
agents determining the internal dynamics and survival of the cluster are
the virial ratio of the molecular cloud (highly subvirial) and the strength
of the feedback: a very subvirial cloud produces a cluster too dense to sur-
vive, unless feedback slows down the collapse. We also conclude that the
star formation efficiency alone is not a good indicator of the survivability,










































Figure 5.1: Top panel: ratio of total kinetic to potential energy of the sinks
(virial ratio, Ek/Ep), the dashed green line indicates the virial equilibrium.
Bottom panel: star formation efficiency evolution with time computed as
the mass fraction in sinks (MSINKS indicates the total mass in sinks, MTOT,
the total initial mass of the gas cloud). The ionising radiation suppresses
the formation of stars by clearing gas out of the cloud, and it increases the
virial stability of the emerging star cluster.
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No FB Weak FB Strong FB
10-2 10-1 100 101 102 103 104 105
Density [H/cc]
Figure 5.2: Mass weighted line-of-sight projections of gas density for all
three runs at different times. The strong feedback case in always denoted
with dark blue colour, weak feedback case with magenta and the run with-
out feedback with azure). Sink particles are indicated in yellow.
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No FB Weak FB Strong FB
10-1 100 101 102 103 104 105
Temperature [K]
Figure 5.3: Mass weighted line-of-sight projections of gas temperature for
all three runs (strong, weak and no feedback) at different times. Sink parti-
cles are indicated in turquoise.
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In the lower part of Figure 5.1 we show the fraction of gas transformed
into stars. Stellar feedback is very efficient in stopping the collapse and
lowering the SFE. In fact in the case with the strongest feedback the SFE
halts at ∼20% (while virtually unity for the control simulation). For a
weaker feedback, we get a higher fraction. Despite the fact that in the sim-
ulation without feedback all gas is eventually transformed into stars, we
stress that the outcome of the simulation is the dispersal of the emerging
star cluster, while for the strong feedback case, which results in a very low
star formation efficiency, the outcome is a stable (or even subvirial) star
cluster.
5.3.2. Mass function
In Figure 5.4, we plot the stellar mass function for all the feedback cases
we have considered and at different times. In the run without feedback,
our mass function peaks at a relatively large mass of ∼10 M⊙ and shows a
strong accumulation of very massive stars at the high mass end, with the
mean sink mass being around 15 M⊙ and the most massive sink reach-
ing 460 M⊙. This is due partly to our limited resolution (see later) and to
the lack of feedback to limit the maximum stellar mass. In the weak feed-
back scenario, the maximum mass is lower, around 250 M⊙ and the mass
function flattens, with a slight increase of very low mass stars (close to our
resolution limit of 0.1 M⊙). The trend gets even clearer if we look at the
case with strong feedback, where there is a significant peak of stars with
mass around 0.1 M⊙ (corresponding to the sink seed mass) and the most
massive star is now around 120 M⊙. We observe in the simulation that
this excess of low mass stars close to the resolution limit is caused by the
fragmentation of the outer dense shells of HII regions.
Looking at the mass function at earlier times (specifically, t=0.25 Myr
and t=0.5 Myr, paler lines in figure 3), it is clear that the onset of the sink
mass function proceeds similarly in the three cases. It is mainly the final
mass distribution that shows visible differences between the feedback and
no-feedback cases. To summarise, these are 1) the high-mass cut-off due
to feedback effects that stop accretion onto massive sinks, 2) a peak at the
low-mass end, due to fragmentation of dense gas around HII regions.
5.3.2.1. Comparison to observations
It is very instructive to compare the results of our simulations to avail-
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since they are among the youngest (< 2 Myr) well-studied star clusters and
are still very actively star forming.
NGC 3603 YC (also known as HD 97950) is a very compact and mas-
sive young star cluster at the centre of the vast homonym HII region. It is
composed of three Wolf-Rayet stars and around 40 O-type stars, a dozen of
which resides in the very central part of the core, within less than 1 ly from
the centre (Drissen et al., 1995). Harayama et al. (2008) estimated the total
mass to be between 1 and 2× 104 M⊙. The H-R diagram in Melena et al.
(2008) reveals the presence of at least 15 stars with masses greater than 60
M⊙. The most massive stars in the cluster seem to be coeval with ages be-
tween 1 and 2 Myr (Kudryavtseva et al., 2012; Melena et al., 2008; Stolte
et al., 2004). However, the age spread between the pre-main-sequence stars
(Beccari et al., 2010) and the slightly older stars in the cluster outskirts
(Sung & Bessell, 2004) suggests a possible extended star formation sce-
nario.
The Arches cluster is considered to be the densest cluster in our Galaxy.
It also falls in the category of so-called starburst star clusters. It is located
near the Galactic centre and its age is estimated to be around 2 Myr. Its total
mass is estimated to be around 2 × 104 M⊙ (Espinoza et al., 2009) and it
contains 160 O-stars and 13 Wolf-Rayet2 (Figer, 2004; Martins et al., 2008).
For NGC 3603 YC, we considered the mass function results published
by Pang et al. (2013) and for Arches the one published by Stolte et al. (2005).
To derive the mass function of NGC 3603 YC, the authors considered stars
in absolute V-magnitude bins and then derived the correspondent masses
using the isochrone models from Lejeune & Schaerer (2001) for high mass
stars and Siess et al. (2000) for low mass stars. Their mass bins have a log-
arithmic size of 0.2. The data were corrected both for incompleteness and
foreground stars contamination and include all stars within 60” (∼ 2 pc).
Stolte et al. (2005) derived the present day mass function of the Arches
cluster by converting the K-band magnitudes from the corrected color-
magnitude diagram into masses using a 2 Myr Geneva main-sequence so-
lar metallicity isochrone from Lejeune & Schaerer (2001). They also binned
their data using logarithmic intervals of size 0.2 and they computed the
mass function 10 times, each time shifting the bins by 0.02. The final
present-day mass function was created by averaging all the points from
these 10 mass functions and takes into account all stars within 0.4 pc.
Comparing these observational data to our simulations is not trivial,
since we do not know the SFE of the parent clouds of both NGC 3603 YC
and the Arches. The targeted clusters have about twice the mass of our
2This is about 5% of all known Wolf-Rayet stars in the Milky Way (Figer et al., 2002).
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simulated ones from the feedback runs, but roughly equal to the one in our
no-feedback simulation. If the true SFEs of the observed star clusters were
very low, say 10%, this would imply that the original clouds would be as
massive as 105M⊙, which is computationally too expensive to simulate at
the current resolution and with our radiation solver. Therefore, we decided
to re-normalise the observations. The normalisation factors are computed
requiring that the mass bin at 15M⊙ in the two observational datasets have
the same value, equal to that of our simulated data set. The normalisation
coefficients for the Arches dataset are 0.4, 0.5 and 1.1 with respect to the
strong, weak and no feedback cases, respectively, while the normalisation
coefficients for the NGC 3603 dataset are 1.2, 1.5 and 3.3 with respect to the
strong, weak and no feedback cases, respectively
In Figure 5.4 we compare these renormalised observed mass functions
to our simulated ones. Renormalised observational data are showed with
red triangles (NGC 3603) and green circles (Arches). The best agreement,
especially at the high-mass end, is obtained with the strong feedback (af-
ter renormalisation). The weak and no-feedback runs clearly produce too
many very high-mass stars. The agreement is worse at lower masses, es-
pecially below 10 M⊙. As we explain below, we believe this is due to our
limited resolution.
5.3.2.2. Slope of the mass function
The previous analysis was carried out considering all the sinks in the sim-
ulation box. We now study the mass function dependency with radius. In
Fig. 5.5, we show the mass function taking into account only sinks within
specific radii3, namely 1, 3 and 5 pc, and for all three feedback regimes.
The last radial bin contains 92%, 74% and 88% of the simulated sinks re-
spectively for strong, weak, no feedback. The solid curve corresponds to
the whole box, or a radius of 10 pc. Although the mass function appears to
be independent of radius for the no feedback case, it looks clearly flatter in
the inner parts and steeper in the outer parts for the two feedback cases.
Pang et al. (2013) showed that a similar effect is present in NGC 3603: the
slope of the mass function steepens with radius, indicating that the most
massive stars are mostly concentrated in the centre. This feature is gener-
ally explained by mass segregation. We will develop this topic in the next
section.
If we now quantify the slope of the mass function, we found that all our
3Unless otherwise stated, the radius is always considered respect to the centre of density
of the system defined as in Portegies Zwart et al. (2001).

















































































































































































































































































































simulations show a slope (Γ) much flatter than that of the Salpeter IMF (i.e.
Γ=-1.35), depending sensitively on the range of masses used to compute it
(see Fig. 5.5). This is also the case for observed young and embedded star
clusters. NGC 3603, for example, has Γ = −0.88 ± 0.15, considering only
log(M/M⊙) > 0.6 for completeness reason. For the Arches, Stolte et al.
(2005) detected a change in the slope of the mass function at about 6 M⊙,
hence they fitted the mass function in the range log(M/M⊙) > 0.8. The
resulting value was measured to be Γ = −0.86 ± 0.15. Both these clusters
have slopes flatter than the Salpeter slope, which seems to be in general a
distinguishing feature of young starburst clusters.
The origin of this discrepancy from the Salpeter slope is probably due
to many reasons. On the simulation side, Bertelli Motta et al. (2016) showed
that the simulated IMF can be affected by resolution, with the peak or turn-
over mass depending directly on it. The higher the resolution, the lower
the turn-over mass, which implies a progressive steepening of the mass
function with increasing resolution. These authors estimated that the peak
mass is roughly ∼ 30 times the minimum Jeans mass, which is our case
corresponds to about 4.5 M⊙, and agrees quite well with our no-feedback
case.
So, resolution effects are likely a cause of the low value for Γ in our
simulations in the intermediate mass range log(M/M⊙) < 1. Moreover,
feedback inevitably plays a role in all this, lowering the number of stars in
the intermediate-high mass range, therefore contributing to an even shal-
lower slope. At larger masses, on the other hand, recent theories of tur-
bulent cloud collapse argue for an asymptotic Salpeter slope (Hennebelle
& Chabrier, 2008; Hopkins, 2012). This could be consistent with our sim-
ulated star clusters, but also with the observed ones, without being very
conclusive, reminding us that the story is probably not so simple.
It is quite possible that the mass function of these observed objects is
not yet the final one, due to their very young age. The final IMF could
evolve into a steeper function by dynamical and stellar evolution. Another
theory for the IMF is based on the self-similar fragmentation of molecular
clouds into clumps and clumps into stars, leading to a power law mass
distribution with Γ = 1 (Oey, 2012). Yet another explanation has been de-
signed using competitive Bondi accretion on random seeds, leading also to
a Γ = 1 mass function (Zinnecker, 1982). In these two theories, the Salpeter
slope was obtained by identifying massive stars as rare events that cannot
form in the low-mass available gas clumps of the cluster (Oey, 2012).
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5.3.3. Mass segregation
We have already introduced mass segregation in the previous section to ex-
plain a steepening of the slope of the mass function as a function of radius.
We now analyse our simulations with more traditional tools to quantify
mass segregation in star clusters. A star cluster is considered to be mass
segregated when the massive stars are more centrally concentrated than
the lower mass stars. The main question related with mass segregation is
whether it has a primordial or a dynamical origin. Mass segregation can
indeed be the result of two or three body interactions between stars (dy-
namical) or the direct outcome of the star formation process within the gas
cloud itself (primordial). Our simulations are ideal experiments to try and
answer this question.
The problem of comparing the mass function for different radii to char-
acterise mass segregation is that we need to define unambiguously the cen-
tre of the star cluster, which is a difficult task. Allison et al. (2009) intro-
duced the Minimum Spanning Tree (MST) to quantify the degree of mass
segregation in a star cluster. The MST is defined as the shortest path con-
necting all points, which does not contain any closed loop. We used the
routine included in the csgraph module of scipy, which implements the
MST according to Kruskal’s algorithm (Kruskal, 1956).
We followed Allison et al. (2009) prescription to quantify mass segre-
gation using the MST. We computed the length, Lmassive, of the MST of
the N most massive stars and compared this to the average length of the
MST of N random stars in the cluster, or Lrandom. Lrandom was calculated by
picking 1000 random sets of N stars, in order to have a small error on the
dispersion σ. Mass segregation is quantified using the Minimum Spanning







For ΛMSTR ∼ 1, the distribution of massive stars is comparable to that of
all stars. For ΛMSTR > 1, massive stars are more concentrated, a clear sign
of mass segregation. The larger ΛMSTR, the more pronounced is the mass
segregation.
This method was already adopted by Parker et al. (2015, 2014) to anal-
yse the dynamical evolution of star forming regions, starting from the final
states of the SPH simulations by Dale et al. (2012a,b). Using ΛMSTR for their
N = 10 most massive stars, they found in their no-feedback simulation a
strong primordial mass segregation with ΛMSTR ≃ 5, which disappears
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after 3 Myr due to stellar evolution and reappears at the same level after
8 Myr due to dynamical interactions between the cluster members. How-
ever, in their feedback simulations that include winds and photoionisation,
they did not detect any mass segregation, with ΛMSTR ≃ 1 at all times.
In Figure 5.6, we plot ΛMSTR as a function of NMST , the number of
stars we use for the spanning tree, at t = 2Myr. We include in our analysis
all stars up to an outer radius of 7.7 pc, 9.3 pc and 9.8 pc, corresponding
to the distance from the centre of the cluster of the most external bound
star, in the strong, weak, and no feedback cases respectively. This is done
to prevent extreme outlier stars to dominate the calculation of the random
spanning tree. Our data point with N = 10 corresponds to the estimator
used in Parker et al. (2015).
All three cases show some degree of mass segregation. Our no-feedback
case is strongly mass segregated for N=10 with ΛMSTR ≃ 10, and is still
significantly segregated for N=20 with ΛMSTR ≃ 5. The signal however
disappears for N ≥ 30. The strong feedback case shows the weakest mass
segregation for N = 10 with ΛMSTR ≃ 2, but the segregation signal is still
detectable up to N = 60. The weak feedback case lies in between the two
other cases.
The two crucial pieces of information Figure 5.6 provides are 1) the de-
gree of mass segregation of the cluster, namely the value of ΛMSTR and 2)
the extent of mass segregation, namely the maximum number of stars that
are mass segregated. From our results, two different situations emerge. In
the no feedback case (and to some extent in the weak feedback case), only a
handful of super-massive stars are tightly concentrated at the centre. Only
those most massive stars are mass segregated. The high stellar density is
supported by the high measured values of ΛMSTR. This population of mas-
sive stars forms effectively a sub-cluster at the centre of the main cluster,
that keeps contracting and decouples dynamically from the rest, transfer-
ring its kinetic energy to less massive stars that are ejected (see next Sec-
tion).
On the contrary, in the strong feedback case, photo-ionisation feedback
is efficient enough to halt the collapse of the gas, limiting the number den-
sity of massive stars. This prevents the formation of an independent self-
gravitating system within the cluster itself. This translates into a lower de-
gree of mass segregation and at the same time a higher number of stars
being mass segregated.
In order to compare with observations, we plot ΛMSTR as a function of
the stellar mass (Fig. 5.7). Following Pang et al. (2013), we sort the stars
by their mass and then consider blocks of 20 stars moving in steps of 10
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Figure 5.6: Minimum spanning tree ratio ΛMSTR against number of stars
used to calculate the length of the tree. The red dashed horizontal line in-
dicate the value ΛMSTR=1, meaning no mass segregation. The vertical bars
correspond to 1 σ error of ΛMSTR. All three cases show some degree of
mass segregation.
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stars, such that the data partially overlap. For example, the first 20 stars in
the weak feedback case (magenta line in Figure 5.7) cover the range 200 to
80M⊙ in mass, the second mass group goes from 130 to 60M⊙, etc. The
mass interval considered is indicated by horizontal bars in the plot. For
every bar a marker denotes the mean mass of the interval.
The three profiles of ΛMSTR versus mass in Figure 5.7 look qualitatively
similar, but they are shifted to higher and higher masses with increasing
feedback strength. The no feedback case shows mass segregation only in
the first bin (M>200M⊙) with an amplitude much larger than unity. For
the weak feedback case, only stars down to a mass of 60 M⊙ are weakly
segregated, with an amplitude of 2, and for the strong feedback case, the
transition goes down to 30 M⊙.
In Figure 5.7, we compare our simulations to the data of Pang et al.
(2013) on NGC 3603 (yellow points). A very good agreement is obtained
with the strong feedback case. In Figure 5.8, we plot only the strong feed-
back case and the observations using a linear scale in mass to allow a better
comparison and to outline the very good quantitative match between our
model and the observed segregation, both in terms of amplitude and of
transition mass.
Despite being young, NGC 3603 shows already a clear signal of mass
segregation. This is not an isolated case. There is also strong evidence of
mass segregation in the Orion Nebula clusters, but also in the Arches,
NGC 6611, NGC 2244 and NGC 6530, to name a few (Bonatto et al., 2006;
Chen et al., 2007; Hillenbrand & Hartmann, 1998; Schilbach et al., 2006;
Stolte et al., 2002). The origin of the mass segregation in these clusters is
still an open question (primordial or dynamical).
Pang et al. (2013) proposes for NGC 3603 a dynamical origin. Using
analytical arguments, they show that the cluster dense core could dynam-
ically segregate in one crossing time down to a mass of 30 M⊙. To test
this hypothesis, we have performed our clustering analysis at earlier times
and find no indication of mass segregation for massive stars. We have es-
timated the local two-body relaxation timescale of the densest part of the
cluster (r < 2 pc) and find it to be less than 0.5 Myr for all 3 cases, sup-
porting our claim that dynamical friction can cause mass segregation after
1 Myr.
To quantify further the structure and morphology of our star clus-
ters , we have used another statistical indicator called the Q parameter
(Cartwright & Whitworth, 2004). Q is defined as the ratio between the
normalised mean edge length m of the MST of all stars in the cluster and













Figure 5.7: Minimum spanning tree ratio ΛMSTR versus stellar mass. The
red dashed horizontal line indicate the value ΛMSTR=1, meaning no mass
segregation. The vertical bar corresponds to 1 σ error of ΛMSTR. Horizontal
bars show the mass interval covered by every group of 20 stars. Note that
the horizontal line associated with the first data point for the non-feedback
case extends to the left until ∼ 400 M⊙. Observations are indicated in yel-
low. All curves show a similar behaviour, even if shifted towards higher















Figure 5.8: Zoom-in plot of Figure 5.7. The comparison here is only between
strong feedback case and NGC 3603 YC.
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Figure 5.9: Evolution with time of the Q parameter. The dashed horizontal
line correspond to Q=0.8. This value discriminates between centrally con-
centrated (> 0.8) and fractal (< 0.8) spatial configuration. The simulations
with feedback preserve substructures longer than the control run.
the normalised correlation length s of the same stars4. These parameters
taken separately cannot distinguish between a smooth, radially concen-
trated distribution and an extended, fractal distribution, but their ratio can
(Cartwright & Whitworth, 2004). A cluster with Q > 0.8 is smooth and
centrally concentrated, while if Q < 0.8, it is extended with a fractal distri-
bution.
In Figure 5.9, we show the evolution of the Q parameter with time. In all
our simulations, the star cluster is initially fragmented and extended. The
no feedback case rapidly evolves towards a more spherical and centrally
concentrated distribution with Q ≃ 1.5, while in the two other cases, the
transition is slightly slower, supporting a longer survival of substructures,
and reaches a smaller maximum value with Q ≃ 1.1 and 1.2. This supports
4The correlation length is defined as the mean separation between stars in the cluster.
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a scenario in which gravitational collapse together with stellar dynamical
interactions progressively erase the initial conditions in the gas cloud and
build up a dense and spherical star cluster. In this context, feedback acts as
a delay mechanism, favouring lower stellar densities with a longer relax-
ation timescale, allowing the longer survival of the initial substructure and
a more extended final distribution.
5.3.4. Stellar dynamics
In this section, we focus on the dynamics of individual stars and study the
influence of the star cluster formation scenario. Our interest is on escaping
stars, due to various dynamical interactions in the densest regions of the
star cluster. We then study binary stars, as they are the most likely source
of escaping stars during the early phase of the life of the star cluster.
5.3.4.1. Escaping stars
Escaping stars are particularly interesting when they are massive: they can
travel long distances in the galaxy and eventually explode as supernova
(SN) in a location far from their original birthplace, typically in the diffuse
ISM. In the kiloparsec scale simulations of Hennebelle & Iffrig (2014) and
Iffrig & Hennebelle (2015), the global star formation rate in the Galaxy was
reproduced if supernovae were allowed to explode up to 20 pc from their
natal cloud, while “homebred” supernova explosions were much weaker
in suppressing star formation . Similarly, Gatto et al. (2015) showed that
allowing SN to explode at random positions, rather than at density peaks
significantly changes the properties of the ISM, resulting in a hot gas filled
volume ISM in the first case and a filamentary, hot gas deprived ISM in
the second one. Thus, being able to predict the correct number of escaping
massive stars to be used as input in galactic scale simulations is of vital
importance.
Escaping stars (or for short “escapers”) are usually categorised into
“walkaway stars” and “runaway stars”5. Runaway stars (RS) are defined
as stars with velocities larger than 30 km/s (Blaauw, 1961), produced ei-
ther by supernova explosion in a tight binary system, during which the
5Hypervelocity stars are here considered an extra category, which is not treated in this
work. These stars are thought to have a Galactic centre origin (Brown et al., 2005), proba-
bly resulting from close encounters between binary systems and the central supermassive
black hole. They reach velocities of ∼1000 km/s, and hence they are actually unbound from
the Galaxy. The current fraction of known hypervelocity stars is ∼ 10−8% of all stars in our
Galaxy (Brown et al., 2007).
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Table 5.1: Statistics about escapers and multiple systems for all simulations
(Strong FB, Weak FB, No FB ). In brackets are indicated the percentages,
when relevant.
Strong Weak No FB
2-body systems 51 39 40
3-body systems 9 9 5
>3 body systems 6 5 5
Tot multi-body syst 66 53 50
Stars in multi-body syst 155(19%) 126(15%) 150(11%)
with M>1M⊙ 128(31%) 109(20%) 129(12%)
with M>10M⊙ 70(55%) 78(39%) 94(24%)
Bound stars 510 (62%) 473 (57%) 900 (64%)
Unbound stars 315 (38%) 355 (43%) 502 (36%)
Runaway 1 (1h) 3 (4h) 31 (2%)
of which in multi syst 1 0 2
Walkaway 230(28%) 297 (36%) 476 (34%)
of which in multisyst 60(7%) 50 (6%) 39(3%)
companion star of the supernova gets expelled (Eldridge et al., 2011; Porte-
gies Zwart, 2000) or through dynamical ejection due to very close, three
body encounters with massive stars (Banerjee et al., 2012; Oh & Kroupa,
2016; Perets & Šubr, 2012). In this section, we focus only on the latter mech-
anism, while the former can be thought of as a direct consequence of the
multiplicity function which we will discuss in the next section. Walkaway
stars (WS , velocities lower than 30 km/s) are normally defined as “slow
escapers”, since these are slowly moving stars ejected though normal re-
laxation processes, such as evaporating stars though distant two-body en-
counters with other single stars or soft binaries (Spitzer, 1987).
In Figure 5.10, we plot the modulus of velocity versus position of all
stars in the cluster. The size of the symbols is proportional to the mass of
the star. Filled symbols indicate single stars, while open circles denote stars
which are part of a multiple system (binary, triple or more). The escape
velocity is computed as a function of radius (green solid line in Fig. 5.10),
assuming spherical symmetry, which is a good approximation at t=2Myr
(see Fig. 5.9), by averaging over the individual escape velocities at different




































Figure 5.10: Velocity-position diagram of all stars in the cluster for all 3
simulations at t= 2Myr. The symbol size is proportional to the stellar mass.
Filled circles: single stars. Open circles: stars which are part of multiple sys-
tems (binaries, triple systems etc). The dashed red horizontal line indicates
the conventional velocity above which stars are classified as “runaway”.
The solid green line indicates the escape velocity.
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The no feedback case exhibits the highest number of RS candidates6,
namely 31, or about 2 % of the total number of stars in the cluster. In the
cases with feedback, the number of RS is lower, only 1 and 3 in the strong
and weak feedback respectively, accounting only for 0.1% and 0.4% of the
total number of stars. The RSs in our simulations are generally only mas-
sive stars (38M⊙, 229M⊙, 132M⊙, 2M⊙) in the feedback cases, while in
the no feedback they cover the whole mass spectrum, going from 0.15 M⊙
to 417 M⊙.
Regarding WS, the fraction changes slightly depending on the exact
definition used. A first possibility is to take all stars with velocity higher
than the escape velocity at a given radius and lower than 30 km/s. This
gives us a percentage of WS similar in all simulations, around 30%. If we
remove stars in multiple systems that are still bound (see Footnote 2), then
the fraction is reduced to 20%. The final option is to consider WS only in
the outskirts of the star cluster, in order to avoid counting stars that are
only momentarily unbound. If we call Resc the radius at which the es-
cape velocity becomes comparable to the average stellar velocity at that
radius, we can impose the extra-requirement to be at a distance greater
than Resc ≃ 5 pc from the centre of the star cluster. In this case, we get a
very conservative estimate of the fraction around 15% of the total number
of members of the cluster.
Table 5.1 gives an overview of the statistics for escaping stars and mul-
tiple systems. We also report the fractions of bound and unbound stars,
derived by calculating the kinetic and potential energy for every star, and
then verifying whether the sum of the two energies is negative and posi-
tive, respectively. In all simulations the fraction of bound stars is about the
same, around 60%.
Comparing the populations of RS and WS in the three simulations, we
find that the run without feedback produces much more fast escaping stars
than the two feedback cases. This is consistent with our conclusions in the
previous sections, of a very dense star cluster hosting a central clump of
tight multiple systems of fast massive stars. Three-body interactions can
cause the violent ejection of a member of a binary, of the perturber or of
the entire binary system (see Fig. 5.10). In the feedback cases the central
densities are lower, and therefore RS stars are rare events.
6It is important to clarify that in Figure 5.10 for binaries, triple systems and more, we plot
the true velocity, not the velocity of the centre of mass of the multiple system. Thus, some very
high velocity binary members are actually still bound. In the computation of the number of
RS we did not correct for this, hence we prefer to talk about RS “candidates”, meaning that
some are probably not unbound yet, but very likely to be, due to frequent interactions with
other particles.
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The number of WS follow the same trend, with the strong feedback case
having slightly less WS stars than the weak and no feedback cases. Strong
feedback leads to the less frequent interactions, owing to the lower stellar
density, which slows down the evaporation of the stars. We also notice that
the different conditions in the three runs have an effect on the typical veloc-
ity and mass of WS. In the strong feedback case, they don’t reach velocities
higher than 10 km/s and are mostly low mass stars, probably escaping due
to several repeated low energy kicks, typical of evaporation, while in the
no feedback case both low- and high-mass stars can reach velocities close
to the RS limit of 30 km/s, as a result of direct ejection.
5.3.4.2. Multiple systems
We focus now on the analysis of multiple stellar systems. We identify can-
didate multiple systems by analysing all possible pairs of stars from the
cluster. For each pair we calculate the internal energy, as the total energy of








where m1 and m2 are the masses of the two stars, µ = m1m2/(m1 + m2)
is the reduced mass, v12 is the relative velocity, r12 the relative distance
between the two stars, and G is the gravitational constant.
We define the two stars as a binary when Ẽ < 0. We consider all the
binary connections as edges in a graph, whose nodes are all the stars in-
volved in multiple systems. We use graph reduction algorithms to extract
which edges share the same nodes, and we group the nodes together, defin-
ing triple, quadruple or quintuple systems in this way. For example, two
binary systems, (i, j) and (j, k), which share one node, are considered a triple
system.
A slightly different technique was used by Bate (2009) to identify mul-
tiple systems. They replaced the binary systems by a virtual star sitting
at the centre of mass and with mass equal to the sum of the two masses.
They then searched for isolated stars with a negative binding energy with
these virtual stars. The same procedure was iterated only up to quadruple
systems.
An advantage of our graph-based method is that we can easily identify
systems with multiplicity larger than 4. However, in most cases the two
algorithms will produce the same catalogue of multiple systems, since, in































































































































































































































































































































































our case, most multiple systems include a massive star, which dominates
the gravitational potential of the system (see Fig. 5.13).
In Table 5.1, we report on the statistics of binary, triple and more than 3-
body systems for all three simulations. We note that the fractions of stars in
multiple systems, also known as the multiplicity fraction, correlates with
the strength of feedback, with overall percentages spanning from 11% (no
feedback) to 19% (strong feedback). If we exclude stars with mass lower
than 1 M⊙, the multiplicity fraction differentiates even more between the
three feedback regimes and rises to 12%, 20% and 31% for no, weak and
strong feedback respectively. For stars, with mass greater than 10 M⊙, the
fraction goes up to 24%, 39% and 55%.
The observed multiplicity fraction is around 20%, when one consid-
ers field stars and low mass stars, but reaches 60% for OB and massive
stars (Goodwin, 2010; Kraus & Hillenbrand, 2007; Lafrenière et al., 2008).
These values are well reproduced by our strong feedback case, while our
no feedback run underestimates the number of stars in multiple system,
when compared to observations, especially for massive stars. Observations
also reveal that the binary fraction is higher in lower density star forming
regions, like in our strong feedback case, while denser clusters exhibit mul-
tiplicity fractions comparable to the field or low mass stars, like in our no
feedback case (Lafrenière et al., 2008; Reipurth et al., 2007).
In Figure 5.11, we plot the distribution of multiple systems in terms of
position versus velocity. Here, we consider the positions and the veloci-
ties of the centres of masses, explaining why velocities are lower than in
Figure 5.10. In general, we observe that in the feedback simulations binary,
triple and more than 3-body systems are uniformly distributed throughout
the cluster, while the no feedback case shows many systems with very high
multiplicity in the very inner part of the cluster, while binaries and triple
systems occupy the outskirts. In all cases, we see many ejections of binary
systems.
In the same plot, we also indicate the exact count of multiple systems,
in particular for groups with more than 3 bodies. We notice that the maxi-
mum multiplicity reaches a much higher value in absence of feedback, due
to the very high stellar density. With feedback, the most crowded multiple
systems have 5 or 6 members, while in the no feedback run we have sys-
tems with as many as 9, 12 and 21 members. All these high multiplicity
systems are highly unstable and they will be destroyed during the subse-
quent dynamical evolution of the cluster. As a matter of fact, we do not
observe such systems in real star clusters .
In the strong feedback case, the lower stellar density will also guarantee























































































































































































5.4. SUMMARY AND DISCUSSION 
the survival of the binary systems, which otherwise, like in the no feedback
case, aggregate in bigger associations or are destroyed in three-body inter-
actions. In that context, it is useful to divide binaries into two categories,
soft binaries and hard binaries. Soft binaries are systems for which |Ẽ| < K,
while hard binaries have |Ẽ| > K, where K is the typical kinetic energy of
the stars in the cluster (Binney & Tremaine, 2008). We use here the median
kinetic energy. According to this definition, for the two feedback cases, we
have 50% hard and 50% soft binaries, while the no feedback case shows
only 30% hard and 70% soft binaries, which support even more our con-
clusion that binaries will survive longer in the strong feedback case.
In Figure 5.12, we plot the time evolution of the number of binary, triple
and more than 3-body systems. In all three models, the number of triple
(or more) systems is almost constant. This is not the case for the number
of binaries. In the strong feedback case, it increases sharply during cloud
collapse and after the gas has been dispersed around 1 Myr, it slowly de-
creases. No additional stars are created and the soft binaries get destroyed
through ejection or evaporation. In the no feedback case, the number of
binaries keeps increasing since star formation continues until the end of
the simulation. The weak feedback case shows an intermediate behaviour,
with a mild initial increase, followed by a almost constant evolution.
5.4. Summary and Discussion
In this work, we have performed radiation hydrodynamics simulations of
a collapsing turbulent molecular cloud with the adaptive mesh refinement
code RAMSES. We have studied in detail the emergence of the star cluster
from the parent gas cloud with and without the influence of photoionisa-
tion feedback. Stars are modelled using a sink particle algorithm. Photo-
ionising radiation is included with two different regimes: weak and strong
feedback. We also perform a reference simulation without any feedback.
Our main focus is the emerging properties of the star cluster, both from a
structural and a dynamical point of view.
The main effect of photo-ionisation feedback is to reduce considerably
the stellar density of the star cluster and to limit the accretion on very mas-
sive stars. This has a large impact on the dynamical properties of the final
star cluster. As a result of the reduced stellar density, the star cluster can
settle in virial (or even sub-virial) state, while in the absence of feedback,
strong and frequent close interactions in a highly collisional environment
lead to the disruption of the cluster. For this reason we conclude that the







































































































































































































































































































































































5.4. SUMMARY AND DISCUSSION 
one between photo-ionisation and star cluster formation is a “love story”,
with the feedback effectively “saving” the cluster from being destroyed.
This is in contrast with the traditional view that strong feedback is respon-
sible for the star cluster early mortality, by rapidly removing gas from the
emerging cluster (Hills, 1980). The star formation efficiency can be reduced
down to 20%, without affecting the virial equilibrium of the star cluster.
The stellar mass function is also affected at the high mass end, with
a clear self-regulating role played by feedback, limiting the mass of the
most massive stars by a factor of 4 compared to the no feedback case. As a
result, our mass function with strong feedback compares favourably with
observations of two starburst clusters (NGC 3603 and the Arches) but only
after re-normalising the data and for masses larger than 10M⊙.
We also use mass segregation statistics to test our model. In absence
of feedback, the higher stellar density causes an unrealistically too high
degree of mass segregation for a few very massive stars. When including
strong feedback, we obtain a more extended star cluster with a degree of
mass segregation consistent with the one observed in NGC 3603.
We have also computed the number of ejected stars, which anti-
correlates with the feedback strength: for weaker feedback, we get a higher
stellar density and more stars are escaping, both as runaway and walk-
away stars. This result has profound implications for galactic evolution,
when supernovae will start exploding at later time in a large variety of
galactic environments.
Our statistics of multiple systems of stars supports the same conclusion:
in a denser environment, the fraction of stable binary systems is lower, and
most stars tend to either cluster into unstable many-body systems, or are
ejected. On the other hand, in the strong feedback case, the lower stellar
density guarantees the survival of a higher fraction of binaries, in better
agreement with observations.
Our results are in line with the findings of Dale et al. (2012a, 2013a,
2015), which showed that photo-ionisation feedback effectively lowers the
star formation efficiency, and, for low-mass clouds like ours, can expel
most of the gas within 3 Myr, before the first supernova can explode. Parker
& Dale (2013, 2015); Parker et al. (2015) also observed that photo-ionisation
feedback reduces the stellar density in the emerging cluster, which allows
substructures to survive longer than in a scenario without feedback. How-
ever, in contrast with Parker et al. (2015) who did not find any mass segre-
gation in the feedback case, we do see a weak mass segregation signature,
which is well in agreement with observations. Interestingly, although Fujii
(2015) found that a local star formation efficiency of at least 50% is neces-
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sary for the formation of young massive clusters, we could reach a value
as low as 20% and still form a bound star cluster.
Our goal in this work is to better understand the transition from a gas
cloud to a stellar cluster, or in other words, from gas dynamics to stellar
dynamics. In that context, our direct N-body integrator, a second order
leap frog scheme is probably accurate enough for our relatively short time
integration, but its accuracy is far below the required standards in stellar
dynamics for longer time scales. This sets the limit on the runtime of our
simulations to a couple of Myr. This explains why, in comparison to Parker
et al. (2015), who were able to investigate the long term evolution of the
star cluster, we are forced to limit our study to the first 2 Myr.
We have also decided in this work to focus exclusively on photo-
ionisation radiation. We have therefore neglected magnetic fields and other
radiation processes, but also other important physical processes that could
be relevant. Supernovae explosions, for example, are ignored, but, given
the cloud mass we have adopted, all the gas is removed from the star
cluster after only 2 Myr and they are therefore irrelevant. For larger cloud
masses, however, this would not be the case. We have also ignored the
possible role of stellar winds, but these have been shown to be negligible
compared to photo-ionisation feedback (Dale et al., 2015).
We have also ignored the effect of the UV radiation force (or UV ra-
diation pressure) on the gas dynamics. It has been shown that momen-
tum transfer from photo-absorptions is only relevant for ultra compact
HII regions, with densities larger than 10−15 g/cc and sizes smaller than
10−3 pc, completely unresolved in our simulations (see e.g. Rosdahl &
Teyssier, 2015). More relevant would be the inclusion of lower energy pho-
tons, in the optical and infrared range. These propagate from accreting
stars through dust grains, and are scattered into new infrared photons. In-
side the HII regions we can probably ignore these effects as dust is quickly
sublimated at 104 K, however, infrared and optical radiation can play a
role before massive stars form. Skinner & Ostriker (2015) have shown that
infrared radiation has very little impact on the gas removal and on the
cloud destruction for realistic values of the dust opacity. Infrared radiation
is likely to play a more important role on the fragmentation of molecular
cores, but at scales we also do not resolve in our simulations.
In summary, we are able to simulate the collapse of a molecular cloud
and the emergence of a star cluster, whose properties are tightly connected
to the gas dispersal process. Comparing our results to two observed, very
young and still active star cluster, NGC 3603 and the Arches, we conclude
that an initially sub-virial molecular cloud with a star formation efficiency
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lower than 30% can reproduce observations fairly well. Our analysis pro-
vides useful insights also for simulations on galactic scales. Star clusters
are indeed the building blocks of galaxy formation and evolution. Under-
standing in details their properties, such as mass segregation, mass and
multiplicity functions and escaping stars statistics, just after they emerged
from their parent cloud, is of primary importance for their longer term dy-
namical evolution, but also for the evolution of their host galaxies.





After the gas has been dispersed, the resulting star cluster evolve into as
a gas-free stellar system, of which globular clusters represent a perfect ex-
ample. In this case the system can be treated as a pure N-body system. In
this chapter1 we explore this second phase of life of a cluster, focusing on a
very specific problem. As we mentioned in the introduction, globular clus-
ters exhibit a series of puzzling features, among which we listed multiple
populations. While almost all globular cluster present multiple photomet-
ric and spectroscopic sequences, in a small group of them it was observed
also a spread in iron abundance. These are the so-called iron-complex glob-
ular clusters. By means of N-body simulations, we investigate if merging is
consistent with the observations of sub-populations and rotation in these
clusters. The key parameters are the initial mass and density ratios of the
progenitors. We find that when densities are similar, the more massive pro-
genitor dominates the central part of the merger remnant and the less mas-
sive progenitor forms an extended rotating population. The low-mass pro-
genitor can become the majority population in the central regions of the
1The work presented in this chapter has been published in the Monthly Notices of the
Royal Astronomical Society, Volume 461, Issue 2 under the title “A critical look at the merger
scenario to explain multiple populations and rotation in iron-complex globular clusters”, fol-
lowing peer-review (Gavagnin et al., 2016).
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merger remnant only if its initial density is higher by roughly the mass
ratio. To match the radial distribution of multiple populations in two iron-
complex GCs (ω Cen and NGC 1851), the less massive progenitor needs
to be four times as dense as the larger one. Our merger remnants show
solid-body rotation in the inner parts, becoming differential in the outer
parts. Rotation velocity V and ellipticity ǫ are in agreement with models
for oblate rotators with isotropic dispersion. We will discuss several kine-
matic signatures of a merger with a denser lower mass progenitor that can
be tested with future observations.
6.1. Introduction
As we mentioned in the introductory chapter, for many decades GCs were
described as stellar systems with homogeneous chemical composition and
no age spread, despite early data showing multiple populations in M22
and ω Cen (Canon & Stobie 1973; Freeman & Rodgers 1975; Geyer 1967;
Harris 1974; Hesser & Bell 1980).
Hubble Space Telescope data show a clear bifurcation of colour in the main
sequence (MS) of ω Cen (Anderson, 1997), with more recent data showing
at least four distinct red giant branches (RGBs, Lee et al. 1999; Pancino et al.
2000). Currently, most observed GCs show signatures of multiple popula-
tions, both in the Milky Way (Anderson et al., 2009; Carretta, 2015; Carretta
et al., 2009a, 2007, 2010b; Gratton et al., 2004; Kayser et al., 2008; Milone
et al., 2013, 2012a, 2010; Pancino et al., 2010) and in the Magellanic Clouds
(Milone et al., 2008).
Most GCs contain stars with similar heavy-element abundances (es-
pecially [Fe/H]), but large (> 0.5 dex) star-to-star abundance variations
for elements lighter than Si (e.g. Carretta et al. 2009a; Cohen 1978; Grat-
ton et al. 2001; Johnson et al. 2015; Kraft et al. 1992; Peterson 1980; Sne-
den et al. 1991). Moreover, the variations of light-element abundances are
anti-correlated with one another (e.g. the O−Na anti-correlation, Gratton
et al. 2001). This phenomenology is generally considered to be due to inter-
nal enrichment by proton capture H-burning reactions at high temperature
(e.g. Gratton et al. 2004).
A minority of GCs also show significant Fe abundance variations. In
particular, ω Cen (Bellini et al., 2010; D’Orazi et al., 2011; Lee et al., 1999;
Norris & Da Costa, 1995; Pancino et al., 2011), M22 (Hesser et al., 1977; Lee,
2015; Marino et al., 2009), M2 (Lardo et al., 2013; Milone et al., 2015; Piotto
et al., 2012), M54 (Bellazzini et al., 2008; Carretta et al., 2010a; Sarajedini &
Layden, 1995), NGC 1851 (Carretta et al., 2010c, 2011; Milone et al., 2009;
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Yong & Grundahl, 2008), NGC 5286 (Marino et al., 2015; Nataf et al., 2013),
NGC 5824 (Da Costa et al., 2014; Saviane et al., 2012), Terzan 5 (Ferraro
et al., 2009; Massari et al., 2014) and M19 (Johnson et al., 2015) are labelled
as ’iron-complex’ GCs, because they have (i) a spread2 in [Fe/H] exceed-
ing ∼ 0.10 dex, (ii) multiple photometric sequences, and (iii) a significant
abundance spread for both light and heavy elements (Johnson et al., 2015).
Iron-complex GCs differ from other GCs in several ways. In most GCs,
the stellar population showing no enrichment by proton capture accounts
for about one third of the total GC mass, with little spread among GCs
(Carretta et al., 2009b). In contrast, in the iron-complex GCs, the ratio be-
tween the metal-poor and the metal-rich population changes from cluster
to cluster. For example, in M19 the metal-poor component is ∼ 50 % of the
entire population (Johnson et al., 2015), whereas ∼ 96 % of spectroscop-
ically studied stars in M2 belong to the metal-poor component (Milone
et al., 2015). Moreover, in the vast majority of GCs, the proton-capture en-
riched population is more radially concentrated than the most numerous
one. In the iron-complex GCs the metal-poor population can be either more
concentrated (NGC 1851, Carretta et al. 2011) or less concentrated (ω Cen,
Bellini et al. 2009) than the metal-rich one.
Several theoretical models have been proposed to explain the multi-
ple populations (Bastian et al. 2013; see Renzini 2008 for a review). A first
class of models appeals to multiple star-formation events. After first popu-
lation stars form out of pristine, metal-poor gas, the second population of
stars might form from either the ejecta of asymptotic giant branch (AGB)
stars (D’Ercole et al., 2008) or fast rotating massive stars (FRMS, Decressin
et al. 2007). In the ‘AGB scenario’, winds and supernovae (SNe) of the first
population evacuate the residual gas. After ∼ 30Myr, low-velocity winds
from AGBs enriched in He and s-process elements start accumulating at
the centre and form the second population. However, the predicted mass
of the second population is an order of magnitude lower than what is ob-
served, requiring a top-heavy first population initial mass function and an
unusually efficient second population star formation.
A second model, called the ‘early disc accretion model’ (Bastian et al.,
2013), proposes that the two populations formed during the same star for-
mation episode, but underwent different chemical enrichment. This model
requires very fast mass segregation and gas evaporation. With rapid mass
segregation, the most massive stars sink to the centre where high-mass
2Recent studies highlight the possibility that the [Fe/H] spread is spurious, at least in
some GCs (e.g. M22, Mucciarelli et al. 2015), because spectroscopically derived Fe abundances
might be inaccurate due to non-local thermodynamical equilibrium effects.
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stars in interacting binaries eject the primary’s He-enriched envelope. This
material pollutes the circumstellar discs of low mass stars that are still ac-
creting, so they will grow in mass thanks to these ejecta from more mas-
sive (but still same-generation) stars. The main drawbacks of this model
are disc lifetime and uniformity of enrichment. Even if circumstellar discs
survive for the required 5 − 10Myr (De Marchi et al., 2013), the “rainfall”
of enriched material onto them is unlikely to be uniform (Kruijssen, 2014).
All the aforementioned scenarios are aimed to explain multiple pop-
ulations with no or negligible iron spread, while they fail to reproduce
the [Fe/H] variations observed in the iron-complex GCs. So far, the only
proposed scenario that can naturally account for a metallicity spread is
the merger between GCs (Amaro-Seoane et al., 2013; Makino et al., 1991;
Pasquato & Chung, 2016; Sugimoto & Makino, 1989; van den Bergh, 1996).
In this scenario, the different metallicities are signatures of the progenitors
and can be used as a tag to make predictions about the distribution and dy-
namics within the final merger remnant. Iron abundance is, in this respect,
a good tag to identify uniquely the different populations.
The merger scenario might be consistent with the oldest metal-rich stars
in ω Cen being a few Gyrs older than the oldest metal-poor stars (Vil-
lanova et al., 2014), a circumstance that is against the predictions of self-
enrichment scenarios. Furthermore, a merger can explain the kinematical
differences in the velocity dispersion of the calcium-weak and calcium-
strong RGB stars in M22 (Lee, 2015). The merger scenario has been pro-
posed also for NGC 1851, where the most metal-rich population is less
concentrated than the metal-poor one (Bekki & Yong, 2012; Carretta et al.,
2010c, 2011; van den Bergh, 1996).
Another advantage of the merger scenario is that it can account for sig-
natures of rotation in GCs, which have been observed in several GCs with
multiple populations, both with (e.g. ω Cen, M2, M22, M54, NGC1851, Bel-
lazzini et al. 2012; Kimmig et al. 2015; Lardo et al. 2015; Lee 2015; Pan-
cino et al. 2007; Pryor et al. 1986) and without (e.g. Fabricius et al. 2014)
a metallicity spread. If the two progenitors have non-zero relative orbital
angular momentum, the merger remnant will likely preserve a signature
of rotation in the merger plane. However, there is no evidence that GCs
with a metallicity spread (the best-candidate merger remnants) have sys-
tematically higher rotation than the other GCs. Moreover, other physical
mechanisms can account for rotation in GCs (e.g. Bianchini et al. 2015;
Mastrobuono-Battisti & Perets 2013; Vesperini et al. 2014).
The main problem for the merger scenario is that two GCs are expected
to merge only if their relative velocity is smaller than (or of the same order
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of magnitude as) their velocity dispersion. The largest GC in the galaxy, ω
Cen, has a dispersion of ∼ 8 km s−1, with typical values being ∼ 4− 6 km
s−1. The relative velocities of current GCs in the Milky Way halo are at least
one order of magnitude larger than these values. This means that a merger
between two GCs that are in the halo of our galaxy is extremely unlikely.
Two GCs will have a sufficiently low relative velocity to merge only if they
formed in a small dwarf galaxy or in the same molecular cloud. How-
ever, if the two progenitor clusters formed in the same molecular cloud
and merged slightly after their formation, it is difficult to explain why the
two populations have a different proton-capture enrichment and even a
different metallicity. Therefore, GCs in small dwarf galaxies represent the
most likely scenario where GC mergers will produce clusters that have a
spread in metallicity.
We take a critical approach to the merging scenario by examining how
the initial mass and density ratios of the progenitors affect the distribution
and concentration of the sub-populations in the remnant (Section 6.3.1).
Moreover, we also examine the rotation signature of the merger product
and we show that the profile of rotation is related to the initial density ratio
of the progenitors (Section 6.3.2). In the event of equal-mass mergers, we
expect that the denser initial progenitor will be more centrally concentrated
in the remnant. In the case of unequal-mass mergers, the more massive
progenitor will be closer to the centre than the less massive progenitor and
hence be more concentrated. We examine how the density ratio can counter
the mass ratio.
6.2. Methods and simulations
We used the STARLAB public software environment (Portegies Zwart et al.,
2001) ported to GPUs (Gaburov et al., 2009) to run the simulations. To in-
vestigate the role of the relative masses and densities of the progenitors, we
performed a grid of simulations varying the mass ratio, i.e. M1/M2 (where
M1 is the mass of GC1 and M2 is the mass of GC2) and the density ratio,
i.e. ρ1/ρ2 (where ρ1 and ρ2 are the densities measured at the virial radius
of GC1 and GC2, respectively).
We consider mass ratios of 1, 2, 4, with density ratios of 0.25, 0.5, 1, 2,
4. The range is motivated by the ratio of the populations in GCs (John-
son et al., 2015; Milone et al., 2015) and the absence of strong correla-
tions between luminosity and density in present-day GCs (Harris, 1996).
The GCs are modelled as non-rotating spherical King profiles (King, 1966)
with central dimensionless potential W0 = 5 (this sets the core radius


















































































































































































































































































































































































































































































6.2. METHODS AND SIMULATIONS 
Rc = 0.41RV). The second GC (GC2) is always composed of 20 000 par-
ticles of equal mass m∗ = 5 M⊙ for a total mass of 10
5 M⊙. Its virial radius
RV = 4 pc. The first GC (GC1) is varied to set the mass ratio and density
ratio. To double (or quadruple the mass) of GC1, we double (or quadruple)
the number of particles.
The density ratio is set by adjusting the virial radius of GC1, e.g. in
the run M2ρ1 the GC1 has twice the mass as GC2 and RV of GC1 is ∼
1.26 × larger than the one of GC2, so that the density ratio between the
two clusters is 1. We note that, assuming a fixed value for W0, the density
ratio is the same at every fiducial radius, i.e. the core radius (Rc), the tidal
radius (Rt) and the virial radius (RV).
To prevent strong encounters and binary formation, we adopt a grav-
itational softening ǫ = 0.1RV of the progenitor with the smallest radius.
The initial binary fraction is zero and binaries do not form with this soft-
ening. We omit stellar and binary evolution to minimise the amount of
free parameters in these models. Stellar and binary evolution might affect
the structural properties of GCs (Chernoff & Weinberg, 1990; Gieles, 2013;
Mapelli & Bressan, 2013; Mapelli et al., 2013; Sippel et al., 2012; Trani et al.,
2014) and will be considered in a follow up study. Stars initially belonging
to each of the two progenitors are “tagged” with a different metallicity flag.
Initial conditions (ICs) are summarised in Table 6.1.
The two GCs are initially set on a parabolic orbit. To define the parabolic
orbit we fixed the minimum encounter distance (in the point-mass assump-
tion), i.e. the pericentre rperi, to be half the sum of the virial radii of the two
progenitors GC1, GC2 [rperi = 0.5 (RV 1 +RV 2)]. The initial distance D be-
tween the progenitors is four times the maximum value between Rt,1 and
Rt,2, where Rt,1 and Rt,2 indicate the tidal radius of GC1 and GC2, respec-
tively. The initial relative velocity is then calculated as the escape velocity
at the initial position.
We choose a parabolic orbit because it is a representative case for merg-
ers (Alladin, 1965; White, 1978). Hyperbolic encounters (with relative ve-
locity much larger than the GC velocity dispersion) are the most common,
as the phase space for encounters increases with the cube of the velocity of
encounter and the cube of the impact parameter. However, the probabil-
ity of merging encounters is sharply truncated (by failure to merge) when
the orbits become very weakly hyperbolic. In contrast, the two GCs will
merge on a shorter timescale if they are on a bound orbit, but bound or-
bits are associated with smaller values of the velocity. As we mentioned in
the introduction, the main drawback of the merger scenario is that the ob-
served relative velocities between GCs are generally larger than the value
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needed for a merger to be successful. Thus, we consider bound orbits very
unlikely. In summary, a parabolic orbit is representative of the most likely
orbits leading to a merger.
The half-mass relaxation time is (Spitzer, 1987)















where Rhm is the initial half-mass radius, M the total mass, m is the particle
mass and ln Λ is the Coulomb logarithm (set here by the system size and
gravitational softening). For our progenitors, the relaxation timescales are
between 400Myr and 1.7Gyr. The initial crossing time at the virial radius
in the equal mass, equal density progenitors is ∼ 0.4 Myr and scales as
ρ−1/2. We run our simulations for 550 Myr. This is less than one half-mass
relaxation timescale characteristic of the merger product in all cases, but
two-body encounters have likely contributed to isotropising the velocities
in the remnant.
6.3. Results
We examine the relative concentration and rotation of the two different
populations in the merger remnant.
6.3.1. Relative Concentration
We plot the relative concentration using normalised density profiles of
the sub-populations (i.e. each density profile is divided by its progenitor’s
mass). Figure 6.1 shows the density profile of GC1 and GC2 in green and
in magenta respectively (where MGC1 > MGC2).
We plot the profiles of nine selected runs. The profiles are at time ∼ 550
Myr since the beginning of the simulation. We see that the final density
profiles of the merger remnants are consistent with a single King model
profile, although the two populations have different densities in the central
regions. Depending on the run, we note that at small radii the normalised
density of GC1 members can be higher than that of GC2 members or vicev-
ersa. This suggests that the initial mass and density ratios affect the relative
central density of the two populations in the final merger remnant (Figure
6.1). Despite the normalisation to the progenitor’s mass, at large radii one
curve is below the other in several panels. For example, in several plots

















































































































































































































Figure 6.1: Normalised density profiles of the two populations in the final
merger remnant. Note that the profiles all look like smooth King models.
Solid green line refers to GC1, dashed magenta line to GC2. Each profile
has been normalised by the mass of the associated progenitor. The code-
name on the top of each plot refers to the run considered: ‘M’ stands for
mass ratio M1/M2 followed by its value, ‘ρ’ for density ratio ρ1/ρ2 fol-
lowed by its value. From top to bottom the mass ratio increases by a factor
of 2 every row and from left to right the density ratio increases by a factor
of 4 every column.
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bottom right panel: since the profiles are normalised to the mass of the pro-
genitors, this is a clear signature of mass loss during the merging process).
Figure 6.2 is a colour map of the relative concentration of the two pro-
genitors, defined as ‘log (Rhm2/Rhm1)’, i.e. the logarithm of the ratio be-
tween the half-mass radius of GC2 and GC1, in the initial conditions and
at the end of the simulations, for the whole grid of runs. The plot on the
left-hand side in Figure 6.2 shows the ratio between the half-mass radius
of GC2 and GC1 in the ICs, the plot on the right-hand side shows the same
quantity after the merger. From the right panel in Figure 6.2, we see that
when the initial densities are equal, the more massive progenitor domi-
nates the central part of the merger remnant and the less massive pro-
genitor is more extended in the merger remnant. If the progenitors have
equal masses, the denser progenitor is more concentrated in the remnant.
To compensate for an unequal mass ratio, the less massive progenitor must
have a density larger by roughly the factor by which its mass is lower. If
the smaller mass progenitor is 1/A as massive, its initial density must be A
times greater or alternatively, its radius must be A−2/3 as large as the more
massive one.
In Figure 6.3 we compare the number ratio of sub-populations (N2/N1)
in our simulated GCs with the observations. Specifically, we plot the ra-
tio of the minority (N2) to the majority (N1) population against the radial
distance from the centre, normalised to the half-mass (or half-light) radius.
Observational data of three GCs are compared with our simulations: in ω
Cen the metal-rich population is the most centrally concentrated and is the
minority population (Bellini et al., 2009), in NGC 1851 (Carretta et al., 2011)
and M22 (Carretta et al., 2011) the metal-poor population is the more cen-
trally concentrated (note that crowding prevents observing the very central
regions of NGC 1851). In M22 the metal-rich population is the minority,
while in NGC 1851 the metal-poor population is the minority.
The two runs shown in Figure 6.3 (M2ρ0.25 and M2ρ1) were not tuned
to reproduce the observations, but follow the same trend as the data. In
our simulations, the metallicity is only a tag: in the top panel of Figure 6.3
we use the same model (with a denser minority population) to match cases
where the minority population is more concentrated, but the minority pop-
ulation is metal rich in ω Cen and metal poor in NGC 1851. We adopt a dif-
ferent progenitors model (with equal density) for M 22, where the minority
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Figure 6.3: Ratio of the minority (N2) to the majority (N1) population ver-
sus the radial distance from the centre. The blue solid line indicates our
simulated models M2ρ0.25 (top panel) and M2ρ1 (bottom panel). The data
points refer to observations (Bellini et al. 2009 for ω Cen, Carretta et al.
2011 for NGC 1851, and Lee 2015 for M 22). N2/N1 is normalised to the




Rotation is observed in nearby GCs (Anderson & King, 2003; Bellazzini
et al., 2012; Fabricius et al., 2014; Lardo et al., 2015; van den Bosch et al.,
2006), which can arise from a variety of mechanisms (Bertin & Varri, 2008;
Bianchini et al., 2013; Varri & Bertin, 2012; Vesperini et al., 2014). While
there is no connection demonstrated between rotation and multiple pop-
ulations, Amaro-Seoane et al. (2013) pointed out that ω Cen, M 22, and
NGC 2419 are among the most flattened clusters.
Flattening has been detected in several galactic GCs (Chen & Chen,
2010; White & Shawl, 1987) and could be explained by several physical fac-
tors, such as pressure anisotropy or external tides (van den Bergh, 2008).
Another possible justification for the flattening is the internal rotation of
GCs (Fabricius et al., 2014). A correlation between flattening and iron-
complex multiple populations would favour the merger scenario.
In this section, we look at the detailed kinematics of our merger rem-
nants, as a function of mass and density ratios. We want to quantify their
amount of rotation and see whether their degree of flattening correlates
with rotation.
All of our merger remnants have rotation, as a consequence of the
parabolic orbits of their progenitors. In Figs. 6.4, 6.5 and 6.6, we show ve-
locity maps for the complete range of initial mass ratios and the limiting
cases of density ratios ρ1/ρ2 = 0.25, 4. In all cases, we plot line-of-sight
velocities for an observer sitting on the mid-plane perpendicular to the ro-
tation axis. For comparison with the observations (Fabricius et al., 2014),
we used a Gaussian filter to create the velocity map, progressively zoomed
from left to right. Even the largest spatial scales of the final merger state
(left-hand columns) show a clear flattening and the two populations have
similar properties in configuration and velocity space.
These maps illustrate some important trends: the rotation within 5 pc
is generally solid body, it becomes differential at 5−10 pc, and the rotation
is cylindrical everywhere. The similarity of the maps shows that these fea-
tures are common to all our simulations. Solid-body rotation is the most
probable distribution function (maximal entropy) for the relaxed core of
a rotating N-body system (Lightman & Shapiro, 1978; Lynden-Bell, 1967).
Observations of clusters also show solid body rotation over most of the
half-mass radius and differential rotation outside (Bianchini et al., 2013;
Fabricius et al., 2014; Meylan & Mayor, 1986).
Figure 6.7 shows the line-of-sight rotation profiles of all the simulations
for an observer sitting on the rotation plane. As in the velocity maps, we
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Figure 6.4: Line-of-sight velocity maps at different scales at t= 550 Myr
for the case with equal mass ratio between the progenitors and ρ1/ρ2=0.25
(top row), ρ1/ρ2=4 (bottom row). From left to right, we zoom in the cen-
tral parts of the remnant. The largest scales (left-hand columns) show a
clear flattening. Examining these colour maps, the rotation within 5 pc is
generally solid body (colour is changing), it becomes differential at 5-10 pc
(the colour stays constant outside this radius in the rotation plane) and it is
cylindrical everywhere (weak or no colour trend vertically). The similarity
of all the maps reveals that these are common features of mergers.
Figure 6.5: The same as Figure 6.4, but for the case with 2:1 mass ratio
between the progenitors and ρ1/ρ2=0.25 (top row), ρ1/ρ2=4 (bottom row).
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Figure 6.6: The same as Figure 6.4, but for the case with 4:1 mass ratio
between the progenitors and ρ1/ρ2=0.25 (top row), ρ1/ρ2=4 (bottom row).
see that the inner rotation is solid-body, then it becomes differential at 5-10
pc. The solid-body rotation region is more extended in the runs with higher
mass ratio; the angular momentum of the less massive object is preferen-
tially deposited in the outskirts of the remnant.
At the half mass radius, the merger remnant exhibits solid-body or dif-
ferential rotation depending on the initial density ratio between the pro-
genitors. In Figure 6.8, we examine the ratio of the rotation velocity at
the half-mass radius to the maximum rotation velocity VRhm/Vmax, as a
function of density ratio. For equal-mass ratios the quantity VRhm/Vmax is
almost constant with respect to the density ratio (top panel of Figure 6.8).
Therefore each of these model clusters have transitioned from solid-body
to differential rotation by the half mass radius. In contrast, the trend for un-
equal mass ratios provides an interesting test of the model. When the less
massive progenitor is less dense, it deposits its angular momentum in the
outer parts. In contrast, small-mass progenitors with larger density bur-
row into the centre. When the minority population is more concentrated,
the rotation curve will peak at roughly the half-mass radius, whereas when
the minority population is less concentrated, the peak occurs outside the
half-mass radius. Therefore, for unequal-mass ratios, VRhm/Vmax decreases
for increasing values of the density ratio.
In order to compare the outcomes of our simulations with observations,




































































































Figure 6.7: Line-of-sight velocity
profile for all the simulations for
an observer in the mid plane
(Vlos). The half-mass radius is de-
noted by an arrow in each plot.
The thicker red horizontal lines
divide the panels by mass-ratio
(the top group has M1/M2 = 1,
the central M1/M2 = 2, the bot-
tom one M1/M2 = 4). Every

























































Figure 6.8: Ratio of the
rotation velocity at the
half-mass radius to the
maximum rotation veloc-
ity, VRhm/Vmax, as a func-
tion of density ratio. From
top to bottom: each panel
refers to GCs with mass
ratio M1/M2 = 1, 2 and 4.
Note that the x−axis is ef-
fectively logarithmic.
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we study now the (V/σ, ǫ) diagram, which relates the ratio of the rotation
velocity V and random motion σ to the ellipticity ǫ, which measures the
flattening.
The expectation for isotropic rotators are derived from the tensor virial
theorem (Chandrasekhar, 1969). The rotation velocity is the square root of
the mass weighted streaming velocity squared. The velocity dispersion is
the unordered kinetic energy. If the mass is stratified on concentric similar
ellipsoids, the density profile drops out (Chandrasekhar & Lebovitz, 1962;
Roberts, 1962) and the ratio of the ordered kinetic energy to the unordered
one (or its square root V/σ) is a function only of the ellipticity ǫ (Binney,
1978). The application to elliptical galaxies is straightforward since V , σ
and ǫ are all nearly constant with radius (Emsellem et al., 2007).
For GCs, ǫ has a greater variation with radius and V is rising with an
asymptote at a radius beyond the observations. Hence, we look at how
well ‘proxy’ and ‘measured’ rotations relate to one another in the simulated
merger remnants. As always with proxies and dimensionless parameters
that vary with radius, the results will be mixed.
In Figure 6.9 we plot the (V/σ, ǫ) diagram, following the prescrip-
tion of Fabricius et al. (2014) as proxies for V and ǫ, including both data
from our simulations and observed GCs. Fabricius et al. (2014) fit a plane
V (x, y) = ax + by + Vsys (where Vsys is the systemic velocity) to the ve-
locity fields to determine the central velocity gradient, ||∇V || =
√
a2 + b2.
They take velocity dispersions σ and half-light radii Rhl from Harris (1996)
to create a proxy for rotational velocity ∇V · Rhl, and find V/σ increasing
with ellipticity. In our case, we define V in similar way (∇V · R) leaving
though R as free parameter, with the intent to explore how this proxy for
V depends on the radius used to define it. ∇V is also calculated within the
radius considered each time. Specifically, in Figure 6.9 we considered three
different values of radius R, that are Rhm, Rhm/2, and Rhm/4. Our choice
is justified by Figure 6.7, where the solid-body rotation shifts to differential
rotation at radii varying from ∼ 0.5Rhm to ∼ 1.5Rhm.
σ in our case is just the line-of-sight velocity dispersion. As for the el-
lipticity, we follow the prescriptions found in Fabricius et al. (2014) and
calculate ellipticity values (ǫ) from the eigenvalues (λ1, λ2) of the covari-




Figure 6.9 shows that the result strongly depends on the choice of ra-
dius. The V/σ ratio increases with ellipticity, but ellipticities and V/σ both
increase with radius. If we looked at Figure 6.7, we might guess that some-
thing close to ∇V · Rhm would be the best proxy and certainly would not
6.3. RESULTS 























Figure 6.9: (∇V · R/σ, ǫ) for each model at different values of R. The ob-
servational points (grey) are indicated in legend in the top-left corner. The
black dashed line indicates the behaviour of an isotropic oblate rotator.
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have guessed that the plot using ∇V · Rhm/4 would look most like the
oblate rotator (dashed line in the plot) and would be most in agreement
with the data from Fabricius et al. (2014) . Thus, the choice of rotational
velocity in a (V/σ, ǫ) diagram is not unique3.
Another possibility is to take as the rotation velocity the maximum ro-
tational velocity. In Figure 6.10, we plot the ellipticity ǫ of our simulated
merger remnants versus Vmax/σ, where Vmax is the maximum rotational
velocity (see Figure 6.7). The result (shown as star symbols in Figure 6.10)
compares favourably with the oblate rotator curve and observations. Hav-
ing set the initial orbits to parabolic, the values of (Vmax/σ, ǫ) for the sim-
ulated GCs are all in the same portion of the oblate rotators curve. With
time, the merger remnants will radiate away angular momentum through
two-body encounters (Fall & Frenk, 1985). This will make them slide down
on the curve to lower ellipticity and V/σ values, closer to the observational
data, because rotation and ellipticity will decrease significantly as soon as
the system relaxes and the two populations mix completely (velocities will
isotropise and angular momentum will diminish).
In Figure 6.9 and Figure 6.10, we plot not only the observational sam-
ple of Fabricius et al. (2014), whose 11 GCs do not show any significant
spread in Fe abundance, but also data of some iron-complex GCs (M 22
and M 54 from Bellazzini et al. 2012, M 2 from Pryor et al. 1986, ω Cen
from Bianchini et al. 2013, NGC 1851 from Lardo et al. 2015). To derive the
value of Vmax/σ for the iron-complex GCs, we use the double mean veloc-
ity amplitude (i.e. Arot) which is considered a good representation of Vmax
(Pancino et al., 2007). From the kinematical point of view, the iron-complex
GCs for which V/σ and ǫ are available do not stand out in comparison with
the sample of Fabricius et al. (2014).
6.4. Discussion and Conclusions
In this section, we discuss the results of our simulations in light of the ob-
servational properties of iron-complex GCs. We focus on GCs with multi-
modal iron-complex abundances because they have unique tags that can
be mapped to possible progenitors.
In the merger scenario, we find that the minority population is less cen-
trally concentrated unless the initial density of the less massive progenitor
3The proxy for ∇V adopted by Fabricius et al. (2014) would always be higher than the
true rotation velocity at the radius R, because it comes from the best linear fit to the velocities
within R and the second derivative of V with respect to R is negative (the rotation curve is
flattening).
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Figure 6.10: (V/σ, ǫ) diagram. The purple stars refer to this work, using the
maximum rotation velocity (Vmax) for V . The observational points (grey)
are indicated in the legend. The dashed black line shows the behaviour of
isotropic oblate rotators.
 CHAPTER 6 -CAN MERGING EXPLAIN IRON-COMPLEX GCS?











Figure 6.11: Total luminosity versus half-light radius of Milky Way GCs
from Harris (1996)
.
is greater by more than the mass ratio. In M22, the minority is metal poor
and extended. The distribution compares well to equal density progenitors
with a mass ratio of 2:1. In ω Cen and NGC1851 the less massive popula-
tion is more centrally concentrated than the majority population (Bellini
et al., 2009). Merging only cares about metallicity if there is a correlation
between metallicity and mass or density. The minority is metal rich in ω
Cen, while it is metal poor in NGC 1851. In light of our results, this means
these GCs can be the result of a merger only if the less massive progenitor
was the denser one. These trends are best fit when the mass ratio is 2:1 and
the less massive progenitor is four times as dense as the more massive one.
It would be instructive to check with observations whether the less
massive progenitors are denser than more massive ones. Figure 6.11 shows
the relation between luminosity (as a proxy for mass) and half-light ra-
dius in present-day GCs, from the catalogue of Harris (1996). This figure
shows that there is no correlation between luminosity (hence, mass) and
size in present-day Milky Way GCs. From this fact, we cannot conclude
very dense but small mass progenitors would be common, if merger pro-
genitors were like present-day GCs. However, we also warn that consid-
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ering present-day GCs as representative of merger progenitors is rather
hazardous.
The kinematical signatures of the merger remnant are similar to those
observed in GCs. In our simulated remnants: 1) the velocity dispersion is
isotropic, 2) the merger product rotates close to solid body in the inner
parts, then becomes differential, 3) rotation is cylindrical, 4) at the half
mass radius, the merger remnant exhibits solid-body or differential rota-
tion depending on the initial density ratio between the progenitors, 5) the
flattening of the remnant is consistent with rotation. Both ǫ and V vary over
radius, so defining appropriate values for a (V/σ,ǫ) plot is difficult. Differ-
ent choices move points around in that plot, but the correlation between
flattening and rotation in the remnants is similar to the expectations from
the tensor virial theorem (Binney, 1978).
As we already anticipated in the introduction, the most severe draw-
back of the merger scenario is that the relative velocity between two clus-
ters must be sufficiently low to merge. Here ‘sufficiently low’ means that
their relative velocity cannot be much larger than their velocity dispersion.
The velocity dispersion of GCs is ≈ 3 per cent of the velocity dispersion of
stars in the field of our Galaxy. This means that GCs move too fast to merge
in our present-day Galaxy.
Several studies propose that a sub-population of GCs were the nuclei
of dwarf galaxies, with ω Cen as prototype (Carraro & Lia, 2000; Majewski
et al., 2000). If one GC were a nucleus, the inspiral of a second GC would
create conditions similar to an unequal mass merger.
GCs can sink toward the centre of the host galaxy by dynamical friction.
The dynamical friction timescale scales as the inverse of the mass of the GC.
Thus, the smaller the GC, the longer it takes for it to sink to the centre by
dynamical friction. For example, an object that has a mass of ∼ 5 per cent
of the total mass of the host galaxy will spiral into the centre by dynamical
friction in roughly a dynamical time (Binney & Tremaine, 2008).
The smallest dwarf galaxy in the Local Group with GCs is Fornax, with
five clusters (Larsen et al., 2012). The most massive among these GCs has
not yet sunk into the centre by dynamical friction (Read et al., 2006). Thus,
even Fornax failed to promote mergers or create a nucleus from its most
massive GC.
The Sagittarius dwarf galaxy is more promising (Gratton et al., 2012).
At least five Milky Way GCs are thought to have been part of Sagittarius
(Law & Majewski, 2010). The velocity dispersion of Sagittarius is ∼ 20 km
s−1. Thus, parabolic encounters between GCs would be rare, but not im-
possible. Sagittarius does have a nuclear cluster. With a velocity dispersion
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of ∼ 20 km s−1, Sagittarius has a mass of 2 × 108 M⊙ within one kpc, so
another cluster could inspiral. Most dwarf galaxies have likely dissolved
in the old stellar halo of our Galaxy. At z = 1, there were roughly three
times as many dwarf satellites as today (Kazantzidis et al., 2008). So, there
is some chance that several GCs merged within dwarf galaxies in the past.
Quantifying the rate of such mergers is beyond the aims of this paper.
Finally, it is possible that two GCs merge slightly after their formation,
when they are still part of the same progenitor molecular cloud. In this
case, their relative velocity should be of the same order of magnitude as
the turbulent motions inside the cloud (approximately few km s−1), en-
abling a successful merger. There are clusters younger than 100 Myr that
are believed to be “caught in the act” of merging while they are still within
the parent cloud (Sabbi et al., 2012).
In summary, we confirm that the merger scenario may provide a viable
explanation for multiple populations in iron-complex GCs. Our simula-
tions show that the relative concentration in the merger remnant betrays
the initial density ratio of the progenitors. Moreover, the density ratio of
the progenitors leaves a signature in the rotation curves that should be ob-




In this thesis, I focused on the study of various aspects related to star clus-
ters, from the formation to the dynamical evolution. I presented the general
context in which this work is inserted, describing the main observed prop-
erties of these objects and highlighting the interesting problematics related
with every specific category of star clusters, from embedded to globular.
Then, I summarised the main concepts behind the classic star and star clus-
ter formation theories, going from the gravitational collapse of an instabil-
ity to the expulsion of gas from by newborn star. Once stars are formed,
they interact gravitationally and I reviewed the basic equilibrium models
for star clusters and the fundamental two-body relaxation process.
All this found a scientific application in the first original contribution
presented, where I specifically addressed the study of photo-ionisation
feedback and its influence on the emerging star cluster. Feedback allows
the survival of the cluster, guaranteeing a lower density environment, and
shapes its structural and dynamical properties. Once gas is ejected, the
stage is left only to dynamics. In this context, I showed a possible formation
scenario of globular clusters with metallicity spread, based on the merger
of two clusters. This would justified both the presence of multi-metallicity
populations and the rotational features observed in many globular clus-
ters.
The end is always the perfect moment not only to look back, but also
ahead, and think about possible extensions of the current work.
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 CHAPTER 7 -CONCLUSIONS AND OUTLOOK
The main general limitation in the study of star cluster formation is the
separation, in terms of numerical methods, between the gas-dominated
phase and gas-free phase. We saw in Chapter 5 that the simulation time
and the binary dynamics was limited by the accuracy achievable with a
softened second-order N-body integrator. Indeed, to perform simulations
of dynamical evolution of star clusters, dedicated N-body codes are used.
The next inevitable and necessary step should be to fill the gap and have
a hydrodynamical and a high-precision direct N-body code coupled to-
gether. This would allow to have a better understanding of the transition
from gas-rich to gas-poor objects.
On top of this, there many other directions in which the current study
could be extended. The first one is related with the mass and dimensions of
the simulated cloud and star clusters. Scaling to higher masse (e.g 106 M⊙)
is not trivial and the conclusions could be different than for smaller clouds.
The efficiency of photo-ionisation feedback is definitely one of the big ques-
tion marks in this context and very likely the inclusion of other sources of
feedback (supernovae?) would be necessary.
Furthermore, an improvement to the current work could be the adop-
tion of a more precise feedback model. An optimal description of the
stars/sinks spectrum should include also non-ionising radiation, such as
infrared and optical, and therefore radiation pressure feedback from it. Of
course, the main problem to overcome in this case is resolution, meaning
that the density scales on which infrared and optical radiation effects be-
come relevant are higher than what considered so far, and this requires
being able to resolve much smaller spatial scales.
The big absent one in all this are magnetic fields. Their presence poten-
tially plays a central role in the collapse of the molecular cloud and then in
combination with feedback. The inclusion of this aspect is definitely on the
to-do list.
In terms of stellar dynamics and interactions between clusters, the next
step should be to go over the isolation model and set the clusters in a galac-
tic environment. We considered the possibility that mergers of globular
clusters could take place inside high redshift dwarf galaxies. Being able to
simulate this more realistic situation would on one hand represent a good
test for the model and on the other hand offer new insights on more realis-
tic initial conditions for the merging.
A
NUMERICAL METHODS
In astrophysics numerical simulations should be considered as the lab-
oratory tools to perform otherwise impossible experiments. Having one,
unique, code able to do everything is not only difficult to realise, but even
inefficient, due to the variety of physical processes and scales involved in
the real Universe. In the previous chapter I dealt with systems in which
different physical agents acquired with time more or less importance, we
transitioned from fully gaseous structures, like molecular clouds, to a mix
of collapsed structures and ionised gas, to a dense, highly collisional, gas
free cluster of stars. To simulate such different environments I made use of
two different codes, STARLAB and RAMSES, which serve different purposes
and adopt distinct numerical techniques.
A.1. Starlab
STARLAB (Portegies Zwart et al., 2001) is a direct N-body code coupled
with a binary and stellar evolution model, designed to simulate the evolu-
tion of dense stellar systems.
The N-body solver (named Kira) is a direct N-body integrator, which
means it integrates motions of stars by directly computing the force on
each stars without any approximation. Indeed, star clusters are collisional
systems, which means that two-body interactions are important in driving
the dynamical evolution, hence these cannot be neglected like in galaxies,
where particles are mainly affected by the central potential.
Kira uses a fourth-order Hermite predictor-corrector scheme, based on
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where rji = rj−ri, rji = |rji|, vji = vj−vi and mj is the mass of the j-th star.
Let’s suppose at t = t0 to know r0, v0, a0, j0. From Taylor expanding
up to the 3rd order, the predicted position and velocity for a generic star i
(we omit the index for simplicity) at t1 = t0 +∆t are given by














The predicted values for acceleration and jerk (a1p, j1p) can be obtained by
inserting r1p, v1p in Eqs. A.1, A.2 . The correction is based on the estimated
higher-order derivatives of j0. Using Taylor polynomials once more, we
can express the known quantities a1p, j1p as function of the higher-order
derivatives of j0:




























The computed values for j̇0 and j̈0 can be now used to further expand the
first predictions for position and velocity (Eqs. A.3, A.4) and correct the
final estimate of these quantities.



















Finally a1 and r1 can be computed through Eqs. A.1, A.2
This method of integration is non-symplectic, meaning it doesn’t con-
serve phase-space volume or invariant quantities, like the total energy of
the system, however is much more accurate on single timesteps than a
leapfrog symplectic algorithm.
In this type of direct integration, Newton’s equations are solved for all
N stars, each time considering the influence of all the rest N-1 stars, there-
fore time complexity in this case scales as N3 1, not as N logN like in classic
tree codes. To speed-up the simulation, STARLAB has been adapted to run
on GPUs through the Sapporo library (Gaburov et al., 2009).
The use of individual time steps is fundamental to improve the accu-
racy and speed of N-body integrators. Particles in high density regions
and/or undergoing very close encounters (i.e binaries, multiple systems)
require shorter integration time steps since forces change more rapidly
than for other stars. The first time step of a generic star i is calculated
as ∆ti = ν|a0i|/|j0i|, successively, after at least one iteration of the Her-









where ν is an accuracy parameter (sim0.1), ji and ai are the last evaluation
of the jerk and acceleration.
A general strategy to advance groups of particles at the same time
and guarantee synchronised integration, is to quantise time steps (Aarseth,
2003). STARLAB and many other codes in stellar dynamics make use of the
a block time-step approach (Hut et al., 1995), where the only allowed val-
ues for the time step length are powers of two (Aarseth, 2003). The main
advantages are that many particles will share the same step size, thus the
orbit integration can be parallelised and that position predictions need to
be done only once per block time step and not separately for every parti-
cle which need to be updated. The block time step ∆tn is defined as
∆t1
2n−1 ,
where ∆t1 is the maximum time step length and n is an appropriate inte-
ger. Particles are grouped by replacing their individual time steps ∆ti with
1Directly solving the equation of motions for N stars, requires N(N − 1)/2 calculations,
which scales as ∼ N2. Moreover, the relaxation timescale goes as N, hence overall complexity
is N3
























Figure A.1: Schematic representation of hierarchical structure in Starlab.
Reproduced from http://www.sns.ias.edu/starlab/









Particles can be refereed to as active or inactive depending on the time-
step. Every particle carries two time parameters: ti, the last time at which
it was last advanced and ∆ti, the individual block time step. Particles with
the smallest value of ti +∆ti are considered active. These are the only one
updated according to the full predictor-corrector scheme described before.
Practically this means that new positions and velocities are predicted for
all particles, but the correction from the computation of acceleration and
jerk is performed only for the active ones.
In STARLAB an N-body system is organised according to a tree structure
(see Figure A.1), whose leaves are represented by individual stars. Single
stars (i.e. stars not members of any multiple system) are all top-level nodes,
whose parent node is constituted by the centre of mass of the whole system
(root node).This is set as coordinate centre at each time step. In case of
binary, triple, multi-body systems the top-level node is the centre of mass
of the multiple system itself, then the members of the system are arranged
hierarchically in binary sub-trees originating from the top node.
Every top-level node (single star or centre of mass) contain informa-
tion about dynamics, while stellar properties are stored in leaves. Mass,
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position and velocity of every node are relative to the parent node. In fact,
the use of relative coordinates at every level ensures that high numerical
precision is maintained at all times, even during very close encounters, de-
spite the absence of any regularisation algorithm. It is important to stress
that this tree structure is not used to approximate dynamics calculation:
forces are computed using direct summation over all other particles in the
system, there is no use of any tree or neighbour-list construct.
The tree can transform due to dynamical interaction and a new multi-
ple system is created or an existing one dissolves. If two stars of (masses
m1 and m2) are closer than Rclose ∼ rvir m1+m22M (where M and rvir are respec-
tively mass and virial radius of the whole system), they become a binary.
Otherwise, if they are more distant than 2.5Rclose, they split into single
stars. These criteria are valid at every level of the tree, even for two nodes
being too close or too distant.
Binaries can be distinguished between perturbed and unperturbed. The
perturbation threshold to discriminate between the two cases is set by de-
fault as Fp = 10
−7 < |F| >, where F is the force within the binary. Stars
which exert on the binary a force & Fp are listed as perturbers of the sys-
tem. These are calculated recursively at all levels for multiple systems and
are recomputed when the centre of mass is integrated.
Perturbed binaries are resolved into their components, both for pur-
poses of determining their centre-of-mass motion and for determining
their effect on other stars. To integrate the motion of the first member of
the binary, the solver takes into account both the influence of the compan-
ion star and the perturbers.
On the other side, binaries whose perturbation falls below the specific
value are treated as unperturbed, meaning their motion is followed ana-
lytically as strictly two-body. In relation to other stars, their influence is
treated as of point masses.
The presence of the parent galaxy can be simulated by including an
external potential. The resulting tidal and Coriolis force terms are added
to the equation of motions of all top-level nodes, neglecting the influence
on multiple systems. The addition of an external potential automatically
defines a scale beyond which particles are treated as escapers, which is
usually taken to be the Jacobi radius.
As anticipated before, STARLAB is equipped with a stellar and binary
evolution package, SeBa (Portegies Zwart & Verbunt, 1996), which com-
putes stellar and binary evolution analytically, following the prescriptions
by Eggleton et al. (1989, 1990) and Tout et al. (1997). Depending on the
initial mass of the star, SeBa derives mass-loss rates, lifetimes, evolution
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of the stellar radius and luminosity as a function of time and, therefore,
the core mass as a function of luminosity. With these information, parti-
cles are assigned to categories which which identify main stellar phases
(protostar, browndwarf, main sequence, subgiant, ...). Recently, the recipes
for stellar evolution were upgraded as described in Mapelli et al. (2013),
to include the metallicity dependence of stellar radius, temperature and
luminosity using the polynomial fitting formulae of Hurley et al. (2000).
Metallicity dependent-mass loss due to stellar winds were also updated to
the ones in Vink et al. (2001). The binary evolution module treats detached,
semi-detached and contact binaries, accounting for several effects, such as
mass transfer, tidal circularisation, loss of angular momentum by stellar
winds/supernova, magnetic braking and gravitational radiation.
A.2. Ramses
RAMSES (Teyssier, 2002) is a massively parallel adaptive mesh refinement
code, originally developed to study the co-evolution of dark matter and
gas in a cosmological context, is now a complete tool for simulations of
self-gravitating flows, equipped with a hydrodynamical as well as mag-
netohydrodynamical solver and several modules which implement star
formation recipes, interstellar medium cooling function, stellar and super-
novae feedbacks, AGN feedback and sink formation.
In modern computational astrophysics two main techniques are em-
ployed to solve hydrodynamical equations: smoothed-particle hydrody-
namics (SPH) and grid-based methods. The difference at the base is how
the fluid is discretised. SPH divides it into mass elements (particles), which
are then followed, in line with the Lagrangian approach, while grid meth-
ods subdivide the computational domain into volume elements (cells),
fixed in space, according to the Eulerian formulation of hydrodynamics.
The natural outcome of SPH codes is to automatically adapt the numerical
resolution in dense regions, with more particles concentrated in those ar-
eas, which makes it a valid tool in situations with large density contrasts,
such as self-gravitating fluids. Grid-based methods can increase their spa-
tial resolution adopting the adaptive mesh refinement (AMR) technique,
which consists in the introduction of new grid elements, from the partition
of a cell into smaller cells, triggered by some specified refinement criteria.
An exhaustive comparison between SPH and AMR codes was given by
Agertz et al. (2007).
The AMR data structure implemented in RAMSES is tree-based. Every





Figure A.2: Schematic representation of the octree system across refinement
levels.
dimensions). Every cell at refinement level l points to all the son cells in
the next higher refinement level (l + 1), to its father cell in l − 1 and all the
2ndim neighbour cells of the father cell in (l − 1) (see Figure A.2).
A cell can be refined according to several criteria (e.g. pressure gradi-
ents, density, Jeans length), which can trigger the cell refinement to a higher
level. The refinement criteria used in this work are a quasi-lagrangian
method, where if the mass contained in a cell is higher than a threshold
value, the cell gets refined, and a Jeans-length method, where the Jeans-
length is required to be resolved with at least 4 cells.
The spatial finite resolution set by the cell size ∆x converts into a max-
imum time interval necessary to have convergence, which is controlled by





where v is the fastest velocity of the system and C is the Courant number,
which is typically ≤ 1. Clearly, the highest level of refinement sets the most
stringent condition on ∆t. Adopting this as general timestep is very expen-
sive computationally, therefore RAMSES adopt the so-called level subcycling,
to update every level grid according to the correspondent level timestep.
Then, every other fine timestep, the lth and (l−1)th grids are synchronised.
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In RAMSES, hydrodynamics equations are solved using a method based
on the Godunov scheme (Godunov, 1959). Euler equations (see Section
3.2), together with a convenient equation of state can be rewritten for
convenience in a more compact form, neglecting the acceleration term,
in terms of the state vector U = (ρ, ρv, E)T and corresponding fluxes
F = (ρv, ρv ⊗+P, (E + P )v)T ,
∂U
∂t
+∇ · F = 0. (A.14)
In this form the Euler equations are expressed in terms of a general con-
servation law. If for, simplicity we restrict to one dimension, ∇ · F =
∂F
∂x . Evaluating Equation A.14 on a grid, means that the quantities enter-
ing the expression are actually spatially averaged over the cell dimension







where Fi±1/2 indicates the flux in positive x-direction across the interface
between cell i and cell i ± 1 and Ui is assumed to be constant in the cell.
Therefore, with this approach, the resolution of hydrodynamics equations
is reduced to the computation of fluxes at cell interfaces. This is known as
classic example of Riemann problem. in which the task is to solve a conser-
vation law with piecewise constant values, separated by a discontinuity. If
the time step ∆t = tn+1− tn is small enough, the flux through the interface





RP[Uni , Uni+1]−RP[Uni−1, Uni ]
∆x
= 0 (A.16)
where RP[Uni , Uni+1] is the resulting flux from the Riemann problem. Exact
Riemann solvers are extremely costly, therefore approximated numerical
solutions of the Riemann problem are usually adopted. In RAMSES, sev-
eral numerical Riemann solvers are implemented, such as HLL (Harten-
Lax-von Leer), HLLC (HLL Contact)2, LLF (Lax-Friederich Solver). For a
full description of the Godunov scheme and numerical solutions to the
Riemann problem we refer to (Toro, 2009). This basic implementation of
the Godunov scheme is stable but has the main drawback to be very diffu-
sive and not very good in resolving shocks. Van Leer (1979) introduced
2For the results presented in this thesis we used the HLLC solver
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then the MUSCL (Monotonic Upstream-centered Scheme for Conserva-
tion Laws) scheme, which is less diffusive and guarantees second order
spatial accuracy. The main difference with the basic Godunov scheme re-
sides in the linear interpolation of the cell interface states from the cell-
averaged quantities. In order to assure stability against unphysical oscil-
lations, this higher-order scheme need to be coupled with slope limiters.
Effectively then RAMSES employs a second-order Godunov scheme, adopt-
ing the MUSCL scheme.
As for gravity, the Poisson solver implemented in RAMSES combines an
iterative relaxation method (Gauss-Seidel) and multi-resolution approach,
according to the multigrid technique (Guillet & Teyssier, 2011; Teyssier,
2002). The residual rl = ∇2l φl − ρl and the associated error are estimated at
the fine grid level l and then used as a guess to solve the coarse grid system.
The error on the coarse gird system is then used to correct the solution on
the fine grid. In the results presented here, considering only a collapsing
cloud of gas, the total density term in the Poisson equation is automatically
derived from the gas density3. Once the Poisson equation is solved, the
gravitational accelerations are computed as the five point finite-difference
approximation of the gradient (Teyssier, 2002).
The formation of stars is modelled with sink particles, according to the
implementation of Bleuler & Teyssier (2014). Once the density is higher
than a specified threshold value, the Jeans length refinement criterion is vi-
olated and the high density peak is substituted with a sink particle. Density
peaks are identified with the clump finder PHEW (Bleuler et al., 2015) and
then a sphere of 4 cells in radius is centred on the peak. To create a sink,
the sphere must be subvirial, hence contracting. The initial mass of the sink
is set to the minimal Jeans mass, which is the Jeans mass computed at the
highest refinement level. Sinks particles are allowed to merge and accrete
gas, according to different accretion schemes (threshold, Bondi, flux, no-
L). From a dynamical point of view, sink-sink and sink-gas forces can be
computed using direct summation or the same technique used for other
particles (particle-mesh method).
Recently, radiation hydrodynamics has been integrated in RAMSES
(Rosdahl et al., 2013). This was implemented by closing the radiative trans-
fer equations using the M1-approximation of the Eddington tensor and
then solving the resulting differential equations using the first-order Go-
3In galaxy simulations including stellar particles and dark matter, the discrete particle dis-
tribution is transformed into a continuous function, by projecting the particle density onto
the grid using a cloud-in-cell (CIC) or triangular shaped cloud (TSC) scheme (Hockney &
Eastwood, 1981).
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dunov scheme. This moment-based approach has the advantage, over ray-
tracing techniques, of being independent from the number of radiative
sources. With these module, it is possible to follow non-equilibrium ther-
mochemistry of hydrogen and helium in the gas.
Combining all of these techniques presented above, RAMSES has be-
come a highly sophisticated and powerful tool in the field of numerical
astrophysics, not only for cosmological purposes, as originally designed,
but also for small scale star cluster formation.
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